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Abstract

High resolution observations have been made of a number of southern Cepheids to make

an observational and theoretical study of Cepheid variables using radial velocities. The

stars studied were part of a long term programme to observe southern variable stars, from

which a valuable database of radial velocities gathered over a long period were available.

Sixteen échelle spectrograph orders in the wavelength region 5400–8600Å were used,

which included a number of absorption lines covering a range of species and excitation

potentials. The line bisector technique was used to measure stellar and telluric lines and

to obtain radial velocities. To improve the precision of the radial velocities we used telluric

lines to calibrate the observations to a common reference frame.

The radial velocities have a precision of ∼300ms−1 allowing the detection of velocity

differences of ∼1 km s−1 with confidence. The radial velocity data obtained at Mount

John University Observatory (MJUO) was combined with data from various sources to

determine the orbits of any Cepheids exhibiting orbital motion. The various orbital

parameters were determined for a number of systems and where radial velocities for the

companions exist, some estimate of the mass was made. The precision of the radial

velocities obtained from MJUO also allowed us to search for line level effects for a number

of species among the Cepheid spectra.

A number of IAU standard stars were observed to calibrate the radial velocities obtained

at MJUO to the IAU standard scale. The radial velocities from MJUO were found not to

differ significantly from the IAU values.

Binary Cepheids are particularly useful in the determination of Cepheid masses, which

are still an active topic for astronomical research. The value of the MJUO data was that it

provided a consistent set of data against which other sources of data could be compared.

For 8 of the Cepheids new or improved orbital solutions were found. They are Y Car, YZ

Car, AX Cir, BP Cir, S Mus, V636 Sco, V350 Sgr, W Sgr and T Mon. Of these 8 systems,

3 had radial velocities for their respective companions which allowed the determination of

the mass of the Cepheids. Masses were determined for the 9 day Cepheid S Mus (6.0±0.4



M�), the double mode Cepheid Y Car (4.5±1.8 M�) and the 5 day Cepheid V350 Sgr

(6.0±0.9 M�).

New results presented here include the first orbital solution for the binary Cepheid AX

Cir, a completely revised orbital solution for the binary Cepheid YZ Car which established

its eccentricity, and orbital motion. The binary Cepheid BP Cir however was found

to require a new pulsation period of 2.39819d to fit the observed pulsational velocities.

Observations of the suspected binary Y Oph show it to be an unusual Cepheid with no

evidence of binarity (∼0.5 km s−1) in our data. Finally, the 5 day Cepheid W Sgr was

observed to have the lowest orbital amplitude measured.

We discussed the line level effects found in our observations, where a number of spectral

lines were observed to show departures from the Fei velocity curve. Line level effects were

observed in Hα, Caii, Baii, Feii, Sii and Siii. Most of the Cepheids were observed to show

the same progression of line level effects, with the best example being the bright Cepheid

β Dor. The Siii velocities indicate that these lines have the lowest velocity amplitude

and form deeper in the atmosphere than the Fei, where as the Caii and Hα lines were all

observed to have much greater velocity amplitudes with the peak of these velocity curves

occurring later, in pulsational phase. These observations are consistent with the lines

forming at different depths as a density wave propagates through the atmosphere.

X Sgr is peculiar due to its interesting spectra which at certain phases show line doubling

and at most other phases the lines were asymmetric. These observations are interpreted

to support the idea that X Sgr has strong shock waves present and that X Sgr has greater

atmospheric transparency in the spectral region near 6000Å.

We also present the results of dynamical modelling of a pulsating Cepheid. Using a

non-linear radiative hydrodynamic code developed by A. Fokin, we have modelled two

Cepheids, AX Cir and YZ Car. These models have then been compared with the observa-

tions obtained here. After extensive modelling using the latest OP opacities, it has been

determined that the Cepheid AX Cir can be modelled using parameters L = 2050 L�,

M = 4.8 M� and Teff = 5900K. The model reproduced the observed stellar characteris-

tics, such as the photometric amplitude and pulsational period. Comparison between the

observations and the model for the selected spectral lines, Fei 5576Å, Siii 6347Å, Baii

5853Å and Caii 8542Å show good agreement with similar amplitudes and velocity curves.

With no strong shock waves being produced by the model, the observed line level effects

can be explained by a density wave.

The 18 day Cepheid YZ Car was chosen to explore the capabilities of the radiative

hydrodynamic code for a long period Cepheid. The best model developed that reproduced

the observed stellar characteristics had parameters L = 9350 L�, M = 7.7 M� and Teff =

5590K. The period was 18.314 days and the bolometric light curve agreed well with the

observed visual light curve. Comparison of the theoretical and observed radial velocities

showed good agreement.
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Chapter 1

Introduction

Cepheids variables have played an important role in astronomy since it was recognised

that they could be used to determine distances. Indeed, they were described as “the most

important stars” by Harold Shapley. Most assumed characteristics of a star or any other

astrophysical object, such as mass, age, energy output and size, depend a great deal on

how well one is able to determined their distance. Therefore it is of no surprise that

finding distances is an important element at the core of astrophysical research.

Cepheids, as a class of star, hold a special place in the science of astronomy due to

their relative simplicity. They undergo regular radial pulsation with periods ranging from

1–200 days, yet they have an average surface temperature very similar to that of our Sun.

Cepheids are easily recognised by their distinctive light curves, which are characterised

by a rapid rise to maximum brightness, followed by a slow decline to their minimum.

This pattern of changing brightness is repeated in a very regular cycle. The periods of

Cepheids in our Galaxy range from 1–90 days, and in the neighbouring Magellanic Clouds

they have been observed to have periods ranging up to 200 days.

The light curve of a Cepheid is matched by its radial velocity curve which is almost a

mirror image of the light curve. Because of their characteristic light curve and intrinsic

brightness, these stars can be distinguished at great distances and make excellent markers

for determining distances through their period-luminosity relationship.

1.1 A brief history

The first Cepheid variable star ever discovered was η Aquilae in 1784. Its behaviour

as a variable star was discovered by Edward Pigott, a wealthy young British amateur

astronomer in York. He soon confirmed η Aquilae’s variability and discovered the char-

acteristic fast rise to maximum brightness and slow fall to minimum brightness, in a very

1



2 Chapter 1. Introduction

regular cycle.

About a month later John Goodricke, a collaborator with Pigott, noticed variability in

the star δ Cephei, which would go on to be the prototype star for the Cepheid variable

class of pulsating stars (see K. Croswell 1997).

In 1894 A. A. Belopol’skii detected periodic variations in the radial velocities of

Cepheids and in 1899, K. Schwarzschild found the amplitude of a Cepheid’s luminos-

ity variation to be considerably higher in photographic light than in visual light. This

pointed to a variability of the temperature, as well as of the luminosity. These facts found

their natural explanation in the hypothesis of Cepheid pulsations, first proposed by Ritter

in 1879 and later by Umov, Plummer and Shapley (see H. Shapley 1914).

When the first Cepheid velocity curves were measured near the end of the 19th Cen-

tury by Belopol’skii, he interpreted these curves to be the result of orbital motion due

to the binary nature of Cepheids. It was not until after a substantial number of orbits

had been calculated for a number of Cepheids that it was realised that the orbits were

implausible. In an attempt to explain these strange orbits, tidal distortions were hypoth-

esized to explain the radial velocity curves for the supposed binary systems, but in the

end this proved unworkable. A new hypothesis was needed and one based on atmospheric

pulsations was advanced. The case for the pulsation hypothesis grew to be accepted due

to new measurements which showed that the surface temperature of Cepheids changed

over the pulsational cycle. In addition, theoretical work of Sir Arthur Eddington put this

hypothesis on a firmer basis (A. Eddington 1927, 1941, 1942) . He showed that Cepheids

are single stars that undergo radial pulsations, because they can be shown to have charac-

teristics which can be described like those of a heat engine. Later work by S. A. Zhevakin

(1953), J. P. Cox (1963), Robert F. Christy (1966) and others provided a deeper under-

standing of the mechanism behind Cepheid pulsations. Energy for the pulsation is stored

by the second ionisation of helium (He+ −→ He++) during the compression stage of the

pulsation cycle and then released as the helium recombines during the expansion stage

(He++ −→ He+).

Cepheid pulsations are therefore restricted to stars in a limited temperature range, due

to the requirement that the second helium ionisation zone lies close to the transition from

the nearly adiabatic interior to the non-adiabatic exterior of the stellar envelope.

In 1907, Henrietta Leavitt discovered the now famous Cepheid Period-Luminosity (P-L)

relation from examining variable stars in the Small Magellanic Cloud. Five years later she

confirmed and extended this relation, and astronomers began to use Cepheids to measure

distances in the Galaxy and beyond.

In 1913, E. Hertzsprung identified the stars observed by Leavitt as Cepheids and de-

termined the zero point of the Period-Luminosity relation. The form of this relation

was made more precise by Shapley. In the 1920’s Edwin Hubble used Cepheids in the

Andromeda galaxy to establish that it was an “island universe” separate from our Galaxy.
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Work to determine more accurately the zero point of the P-L relation started with

Doig in 1925, who determined the distance to M25 by assuming the Cepheid U Sgr, was

a member of this cluster. He was also aware that S Nor lay close to the centre of NGC

6087 (Doig 1926), though no determination of the distance was available at that time.

Cepheids belonging to clusters deserve special attention, as they can tie down the zero

point of the P-L relation. In addition they tie the Cepheid distance scale to other methods

of distance determination. Their colour excesses can be determined from adjacent early

type stars which then give information about the ages and genesis of the Cepheids. A

number of studies were conducted and these early results were generalised by Kraft (1961),

who presented data for the 5 most reliable Cepheids belonging to clusters.

The result of this work has seen Cepheids play a significant role in the distance deter-

mination of galaxies and the resulting cosmological implications. With the launch of the

Hubble Space Telescope (HST) into orbit in 1990, one of the key projects to which a fair

amount of time has been dedicated is the HST key project on the extra-galactic distance

scale. One of its aims is to extend the Cepheid distance scale out to the Virgo and Fornax

galactic clusters (Kennicutt, Freedman & Mould 1995) .

1.2 Cepheid light and velocity curves

Cepheids make excellent distance indicators because the physics for the Period-Luminosity

relation is generally well understood. Cepheids are found only in a particular region of

the Hertzsprung-Russell (HR) diagram and all tend to share similar evolutionary states,

so the masses and the ages of these stars can be determined with some success.

The Cepheids in our Galaxy are Population I stars, which are found concentrated

close to the galactic plane and hence are obscured and reddened by interstellar dust.

Because of this reddening it can be difficult to obtain accurate luminosities, which are

vitally important if accurate distances are to be obtained. In the case of Cepheids in the

Magellanic Clouds the reddening is somewhat less than can be expected for the Galaxy,

making accurate determination of luminosity a simpler exercise. One can assume that

Cepheids in the Clouds are of a very similar distance.

The Period-Luminosity relation for Cepheids at a given colour is typically given in the

following form;

〈MV 〉 = α logP + φ (1.1)

where 〈MV 〉 is the mean absolute magnitude of the Cepheid, α the slope of the P-L

relation and φ is the zero point. The fundamental period of oscillation, P , depends only

on the mean density, ρ. Low density systems have longer periods of oscillation than higher

density systems.



4 Chapter 1. Introduction

However, due to differences in surface temperature and luminosity between stars of the

same density there is some scatter in the P-L relation. A better determination of lumi-

nosity was found for Cepheids when a Period-Luminosity-Colour relation was adopted.

This accounts for some of the temperature differences which affect the luminosity and is

expressed as,

〈MV 〉 = α logP + β(〈B◦〉 − 〈V◦〉) + φ (1.2)

Surveys which include large numbers of Cepheids have reduced the uncertainty in the

slope of the relation such that the main uncertainty in either relation is the zero-point,

φ. This continues to be the major source of uncertainty in the distances derived from

Cepheids (Feast & Catchpole 1997, Feast & Walker 1987).

The first study of Cepheid light curves which gave useful results were those of E.

Hertzsprung (1926). He selected 37 of the most reliable curves and described the main

features of their variations with an increase in period. The principle result of this and

other studies of the time can be summarised as follows.

• Up to a period of 6 days the light curves are usually smooth, with a rapid rise in

luminosity and a more gradual drop;

• At about 6 days a hump appears on the descending branch of the light curve, and

then the hump grows and approaches the principle maximum;

• Close to a period of 9 or 10 days the hump is so great that the curve sometimes has

two nearly identical peaks;

• With a further increase in the period, the secondary oscillation which originated at a

period of 6 days becomes the maximum and the formal principle oscillation becomes

a hump on the ascending branch.

Photometric observations of Cepheids have shown a number of other interesting char-

acteristics. U and B band photometric variations were due primarily to changes in the

surface temperature. The amplitude of variation was observed to decrease with increas-

ing wavelength (see Figure 1.1). In the infrared, the observed luminosity changes were

primarily due to the variation in the radius of the star. There were also phase differences

reflecting the change in different aspects of the star being observed.

Because the variation in the infrared is relatively small, a single observation in the

infrared can give a useful distance determination as opposed to the several dozen obser-

vations that would be required at bluer wavelengths to determine an average luminosity

(Madore and Freedman 1985).

The pulsational characteristics can also provide information on the internal structure

of the envelopes of Cepheids. These include the presence of shock waves propagating
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Figure 1.1: Light curves in different colours for a Cepheid showing the

change in amplitude and phase with the waveband selected (Maran 1991).

through the atmosphere, velocity gradients and lines forming at different levels within the

atmosphere.

The luminosity of a Cepheid is the key to determining the distance to the star. Many

Cepheids have nearly solar temperatures and consequently the bolometric corrections are

typically quite small, making the transformation fromMV to L relatively simple. However,

the large temperature variations of large-amplitude Cepheids are such that the differences

between the visual and bolometric light curves can be quite significant. The bolometric

correction curve for Cepheids is quite accurately known from comparison of Flower’s

(1977) empirical calibration with Kurucz’s (1979) model atmospheres. To calibrating the

Cepheid luminosity scale, the Cepheids in open clusters and associations are of crucial

importance. Initially, 13 “classical” calibrators (see Sandage & Tammann 1969) were

available until the list was expanded by Fernie & McGonegal (1983) to 27 Cepheids for

which cluster or association membership was likely. These stars cover much of the range
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of Cepheid periods and defines the P-L relationship with a small r.m.s. scatter of 0m.16

in MV.

Figure 1.2: Bolometric light and radial velocity curves of a Cepheid.

Generated using the code described in Chapter 8.

Cepheid radial velocity curves are near mirror images of the light curve in their shape.

The amplitude of the pulsational velocities is typically 20–30 km s−1. The mean velocity

of the velocity curve corresponds to the phases at which the Cepheid atmosphere is at

minimum, or maximum extent.

The positive (redshifted) half of the velocity curve corresponds to the contraction of the

star from its maximum to minimum radius, which is the later part of the decline of the light

curve to minimum brightness and the beginning of the ascent to maximum brightness. The

negative (blueshifted) half of the velocity curve corresponds to the expansion of the star

and the brightest part of the light curve. During the same period the surface temperature
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reaches its highest effective temperature and gradually cools as the star completes its

expansion.

The radial velocity curves of Cepheids have been measured using the strong lines in

their spectra. These are predominately the Fei, Caii and hydrogen lines. The hydrogen

lines have a larger amplitude than either the Caii, or Fei lines. The phase of the hydrogen

velocity curve lags in phase compared to the Fei lines. The same is true for the Caii lines,

but the difference in phase is intermediate between the hydrogen and Fei curves. This

indicates the presence of a wave travelling through the atmosphere of these stars and is

discussed in further detail in Section 1.5 and Chapter 7.

In determining the masses, pulsational properties and luminosity for Cepheids, some

knowledge of the radius is needed. The radius of a Cepheid can be determined via several

methods: the Baade-Weeselink method; radii determined for Cepheids in clusters and

associations; beat/bump radii determined from period ratios and phases of the bump in

the velocity curve; and finally from the theoretical radii determined from stellar evolution,

or pulsation, theory.

1.3 Cepheid Evolution

Classical Cepheids arise as a result of normal post-main sequence evolution of population I

stars of intermediate to high stellar masses. Intermediate mass stars are those which ignite

He non-degenerately, but following core He exhaustion they develop electron degenerate

carbon-oxygen cores. To become a Cepheid, the star must be in a post core hydrogen-

burning phase so as to pass through the instability strip on the Hertzsprung-Russell (H-

R) diagram. The boundaries of the Cepheid instability strip have been determined from

calculations by Iben & Tuggle (1975) and also Chiosi et al (1993) which show the first

harmonic blue edge, the fundamental blue edge and the fundamental red edge. These

boundaries extend to include both the realms of the massive and low-mass stars (see

figure 1.3).

An evolving star may cross the Cepheid instability strip on the H-R diagram more

than once during its lifetime. The first crossing of the instability strip for all but the most

massive stars, occurs during the hydrogen-shell burning phase as the star evolves to cooler

temperatures in the H-R diagram on its way to becoming a red giant. This first passage,

during envelope expansion, is rapid, and occurs on a Kelvin-Helmholtz timescale, ranging

from a few times 106yr to about 103yr, with the lifetime of this crossing decreasing with

increasing mass.

The second crossing of the instability strip occurs once core helium burning has oc-

curred. During this helium-burning phase, the star evolves to higher temperatures and

the star may loop through the instability strip again producing two more crossings. The

occurrence of a blue loop can result in the second and third crossings of the instability
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Figure 1.3: Evolutionary tracks for Cepheids taken from Becker 1981.

Note the almost vertical dashed lines representing, on the right, the red edge

of the instability strip, and on the left, the blue edges for fundamental and first

overtone pulsation. As can be seen above the metallicity of a star influences

the subsequent evolution and the occurrence of the critical blue loops which

must pass through the instability strip in order for a Cepheid to be observed.

The increase in the metallicity causes the loops to occur further to the red side

of the HR diagram.

strip, which is due to the complicated interplay between the hydrogen abundance pro-

file left by the former hydrogen burning core, the hydrogen burning shell, the maximum

depth reached by the convective envelope during the star’s first ascent of the red giant
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branch, and the nature of the stellar envelope model solutions used (see Schlesinger 1977

for review). The lifetime of these subsequent crossings can last several million years, as is

the case when the tip of a blue loop is tangential to the blue edge of the instability strip

and is driven on a nuclear time scale. The lifetimes of these loops decrease to thermal

timescales as the mass of the stars increase.

The second crossing of the instability strip is almost always the longest lived1 and

indeed appears to be supported by the apparent evolutionary state of most Cepheids.

The occurrence of the first blue loop also provides an effective lower mass limit to the

distribution of Cepheids, since stars of lower mass will fail to produce blue loops which

will intercept the instability strip. These stars will only be observed to be Cepheids on

their first and only passage through the instability strip and due to the short lifetime of

the crossing, will probably only make up at most 10% of the observed Cepheid population.

The third crossing of the instability strip can occur under two different conditions. The

most common condition occurs on the first blue loop near the end of the core helium-

burning phase as the star once again evolves back to the red giant branch. The lifetime of

this crossing is shorter than the second crossing, but can last as long as 106yr in the most

extreme case. The other cause for a third crossing of the instability strip is once core

helium-burning has ceased and has been replaced by shell helium-burning as the primary

energy source for the star. In this case, there will be one final crossing as the star traverses

rapidly through the instability strip over to the red giant branch on a thermal timescale

on the order of 103 yr.

If conditions allow, a rare second blue loop can occur which produces two additional

crossings of the instability strip. Hoppner et al (1978) and Becker (1981) show that this

additional loop was due to the complicated interaction between the contracting helium

exhausted core, the helium-burning shell, and the nature of the stellar envelope solutions.

The lifetimes of these fourth and fifth crossings were roughly the same and could poten-

tially be as long as a few times 105yr. The crossing times decreased rapidly with increasing

mass, until for the most massive models, the second blue loop takes place to the left of the

instability strip. This second blue loop could only occur in the most massive progenitor

and few Cepheids were expected to be observed in this particular phase.

It should be noted that the evolutionary behaviour of a stellar model of a given mass

can vary greatly depending on the initial chemical composition. This has been noted and

extensively discussed in Becker et al (1977) and Becker (1981) (See Figure 1.3). Recently,

new opacities have been calculated which have revised many of the models that have been

used. The two main groups are the Geneva models of Schaller et al (1992) and the Padova

models of Bertelli et al (1992).

Finally, the progeny of Cepheids will later be seen as red giants and red supergiants.

1It is only in the case of the more massive blue-looping models where all crossings are driven on a

thermal timescale that this rule is no longer valid (Becker 1985).
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The intermediate-mass stars will evolve on the asymptotic giant branch and undergo

helium-shell flashes during the double hydrogen-burning and helium-burning shell phase.

The majority of these stars will then lose their massive envelopes through mass loss and

evolve into white dwarfs. A small fraction of the most massive intermediate-mass stars

may experience degenerate ignition of the central carbon core and become supernovae.

The remaining massive stars will evolve into red supergiants that undergo all the remaining

phases of nuclear burning before possibly becoming type II supernovae (Becker 1985).

1.3.1 Binary evolution

Cepheids have been noted to occur in binary systems at about the galactic norm of 50%

(Szabados & Pont 1998). Since the progenitors of Cepheids tend to be mostly early

B-stars and the rate of binary formation for these stars is very similar this provides

additional agreement. Madore (1977) found that about 27% of the Classical Cepheids in

binary systems have companions of similar mass. Sandage & Tammann (1969) pointed

out that one binary system, CE Cas, provided a rare example of a system consisting of

two Cepheids.

In order for a binary system to evolve to the point where one star, or both stars, could

become a Cepheid, the distance between them must be large. If the separation of the

stars was sufficiently large2 then they will continue to evolve through their post-main

sequence phases as if they were single stars. If, however the separation was such that one

star fills its Roche lobe during its evolution, mass transfer will occur and the subsequent

evolutionary behaviour of the two stars will no longer be accurately described by single

star evolutionary models. Should such a system be found, the originally more massive of

the two stars will have suffered significant mass loss, such as to possibly prevent it ever

crossing the instability strip again. The companion star will most likely accrete mass

from the more massive star and evolve in a different manner. Any subsequent crossing of

the instability strip by this star will result in a Cepheid with a luminosity that would be

inconsistent with single star evolutionary models.

1.4 Masses of Cepheids

Our knowledge of the masses of stars was primarily obtained from the study of binary

systems (see Andersen 1991). To obtain accurate masses, spectroscopic orbits need to be

obtained for both components of a binary and either the inclination of the orbital plane to

the line of sight must be established, or the mass of one component has to be established

independently. Since the incidence of binaries among classical Cepheids exceeds 50%

2on the order of a few hundred solar radii
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(Szabados 1998, Szabados & Pont 1998), they make excellent candidates for studies of

intermediate mass stars.

Stars within our Galaxy are more likely to be found in binary or multiple systems than in

isolation. Star formation calculations must therefore be able to reproduce the properties of

multiple star systems. The observationally derived properties of binary systems become

important diagnostics tools of star formation processes, although they are sometimes

modified by subsequent evolution of the stars and the systems. In the study of binary

systems it has been found statistically that stars with short orbital periods, periods less

than 10-100 years, tended to have mass ratios near 1. The mass ratio q = M2/M1, where

M1 is the mass of the primary and M2 is the mass of the secondary. In contrast, more

widely separated systems small secondary masses predominate (see Abt 1983).

When searching for spectroscopic binaries among Cepheids, there were several avenues

open to investigation. One method takes advantage of the fact that Cepheids are cool

evolved stars and if paired with a hot main-sequence companion, the companion will reveal

itself in the ultraviolet. The ultraviolet spectrum of a hot main-sequence companion is

typically uncontaminated by the light from the Cepheid, particularly from 1200 to 2000

Å. Therefore the properties of each star can be determined from the spectral region

it dominates (Evans 1995) The masses of main-sequence Cepheid companions can be

determined from their spectral type, for instance from International Ultraviolet Explorer

(IUE) spectra, for which a well determined mass-spectral-type relation exists from IUE

observations (Evans 1995). The masses of the Cepheids can then be inferred from a

mass-luminosity relation.

Another method was to search for any changes in the γ-velocity of the Cepheid which

will reveal the presence of unseen companions. When searching for changes in the γ-

velocity caused by the orbital motion of the Cepheid around the centre of mass of the

binary system, extreme care must be taken not to mix spurious effects with intrinsic radial

velocity variations. First, the pulsational radial velocity curve must be determined, which

requires accurate knowledge of the pulsation period. Use of an inaccurate pulsation period

could cause a phase mismatch in the radial velocity curve which can give rise to increased

scatter. This however, must not be interpreted as an orbital effect even though it appears

as a vertical shift in the annual γ-velocity. Another negative consequence of the use of an

improper pulsation period is that it could smear out any low amplitude orbital effect.

The value of the radial velocity determined from a spectrum depends on the circum-

stances in the stellar atmosphere which may have various impacts on the observed line

profile, such as asymmetry, broadening, occasional emission (see Albrow and Cottrell

1996; Butler 1993; Sabbey et al 1995) and the method used in the determination of the

radial velocity (Vinkó et al 1999). Coupled with these possible sources of error is the

problem of uncertainty in the historical radial velocities, such as Joy’s 1937 data. It was

necessary to impose a reasonable lower limit on the γ-velocity variation that could be
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attributed to the membership of a Cepheid to a binary system. A useful cutoff was 4

km s−1 (see Szabados 1996) for much of the available data. However, if a homogeneous

and precise dataset exists, this lower limit can be reduced considerably.

The orbital periods of Cepheids in binary systems are generally long, ranging from

approximately 383 days for Z Lac (Sugars & Evans 1996), the shortest known, to almost

two centuries in the case for T Monoceros (Gieren 1989). With such long orbital periods,

the radial velocity amplitudes are small and any potential eclipses that might happen to

establish the inclination of the orbit are unlikely to be observed, or even to occur. In many

cases the companion of the Cepheid was a much hotter B-type star. The companion could

be distinguished from its spectrum in the far ultraviolet, while the Cepheid’s spectrum

was dominant in the visible. The spectroscopic orbit of a hot companion to a Cepheid

often required observations made from orbit with satellites such as IUE or the Hubble

Space Telescope.

For a Cepheid to occur in a binary system the stars must be far enough apart so that

the evolution of the progenitor was similar to that of a solitary star. The limiting orbital

period below which a Cepheid on its first crossing of the instability strip would suffer

a disturbance to its evolution is about 20 days. However, for a Cepheid crossing the

instability strip for the second time on a blue loop, the progenitor must have previously

expanded to a much larger radius at the red giant tip. The minimum orbital period for

a binary system in which to avoid overflowing the star’s Roche lobe with the resulting

severe mass loss, is several hundred days. The long orbital periods typical of Cepheids in

binary systems studied to date, agrees well with the theoretical assumption that Cepheids

were mostly on their second or subsequent crossing of the instability strip.

There remains some controversy over Cepheid masses, centering around the importance

of convective overshoot in the cores of main-sequence stars. The evolutionary tracks of

Becker et al (1977) do not include overshoot, yet they seem to agree well with the dynam-

ical masses of a number of Cepheids (Evans 1995). Evolutionary tracks, which include

full (= 1 pressure scale height) overshoot seem to underestimate the masses of Cepheids

(Evans 1995) probably indicating full convective overshooting is incorrect. Varying the

amount of overshooting, as in the Geneva and Padova models may provide better agree-

ment with observation.

Another reason for studying Cepheids in binary systems is to help calibrate the

period-luminosity-colour relation, or any of the other statistical relationships observed

in Cepheids. A relatively high percentage of Cepheids with companions could, when in-

cluded in some of these calibrations, give rise to misleading results, or possibly enhanced

scatter in the relations (Gieren 1982) from their incorrectly determined luminosities. In

addition to determining the global frequency of Cepheid binaries, there is a need to find

and investigate a Cepheid in an eclipsing system. If such a system could be observed,

then the detailed analysis of such a system would lead to reliable Cepheid masses.
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1.5 Spectroscopic observations

The basis for our current ideas about the spectra of classical Cepheids was initially devel-

oped from studies by Struve and Code (1944 to 1947). The main results of those studies

have been summarised by Kraft (1960). They are briefly summarised below.

When observed at minimum luminosity, the spectrum of a Cepheid differs little from

the spectra of normal supergiants. As the period increases the luminosity class is seen to

changes from II to Ia and the spectral type becomes later and later, varying from ∼F7 to

K1. Cepheids in the period range 4 to 25 days typically belong to luminosity class Ib.

For Cepheids at their maximum luminosity, the spectral classes fall between F5 and F8

and this appears to be nearly independent of the period. At this pulsational phase the

spectra have a number of special features. The hydrogen lines are anomalously strong,

the Tiii lines are strengthened considerably, and the Feii lines are somewhat stronger

when compared with the standard stars of the Morgan-Keenan system. These features

are however, nearly absent from Cepheids with periods shorter than 5 days and then

becomes more significant as the periods increase.

After analysing high resolution spectra of Cepheids, Kraft (1960) concluded that the

spectral features were due to the movement of gaseous masses in the atmosphere, rather

than any development occurring in the envelope of the star.

Cepheids have quite broad spectral lines and Kraft (1966) attributed this to macroscopic

turbulence rather than axial rotation. If rotation were the cause of the broadening then

for a given colour index the magnitudes of ve sin i would have a Maxwellian distribution

and the dispersion would be considerably wider than for what is actually observed for

Cepheids.

The slow rotation of Cepheids was first explained by Kraft. Most Cepheids have reached

the red supergiant stage, in which they lose angular momentum as well as a small amount

of mass (though not enough to influence subsequent evolution). This explanation was

confirmed by data showing a B–V dependence of the line widths for bright giants of

luminosity class II. The line widths have a high dispersion which was in agreement with

line profiles being affected by rotation. Whereas supergiants, like Cepheids, have a low

dispersion showing they rotate slowly.

Most stars of luminosity class II have probably not reached the red supergiant stage

and are still losing angular momentum. The Ib and Ia supergiants however, go through

the Hertzsprung gap very quickly after leaving the main sequence and so the majority of

these stars will be seen in evolutionary stages later than the red supergiant stage.

Recent observations at higher resolutions have shown that Cepheids exhibit line dou-

bling, line asymmetry and line level effects which provide clues to the physical conditions

in the pulsating atmospheres of Cepheids. High resolution observations of η Aql and

other Cepheids have revealed differences in radial velocity curves from the spectral lines
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of elements having different ionisation states and excitation potentials.

It has been known for decades that the line profiles in the spectra of Cepheids were

asymmetric. Indeed this line asymmetry was used as part of the proof that the pulsation

hypothesis for the observed radial velocities was correct. In addition to these asymmetries,

differences in the radial velocity curves of different species (line level effects), such as

hydrogen, Fei, Feii and other metallic lines have also been known (see Sanford 1956 and

Butler et al 1996).

The relationship between the radial velocities of Cepheids and their pulsational veloci-

ties has seen a steady improvement in understanding from the early calculations (Carroll

1928) which have been surpassed by more physically correct ones (see Parsons 1972, Al-

brow & Cottrell 1994). These later calculations now give asymmetric line profiles and

consequently give ratios between the pulsational and radial velocities. The ratio depends

on the measurement technique used to find the radial velocity, the line strength, wave-

length of the lines and the adopted microturbulence. The line profiles in Barnes-Evans, or

Baade-Wesselink Cepheid models, which have co-moving atmospheres, also show phase-

dependent asymmetries (see Van Hoof & Deurinck 1952).

In the study of spectral line formation, numerous effects come into play which need

to be considered. One is rotation, but Kraft (1967) has argued strongly that Cepheids

have little or no rotation based on statistical and evolutionary evidence. Indeed a few

Cepheids have measured rotational velocities with upper limits typically <10 km s−1,

which do not noticeably alter the absorption profiles. Cepheid absorption lines are quite

broad due to the effects of pressure and Doppler broadening. One final influence on the

measurement of radial velocity is the systematic effect intrinsic to the star that must

be taken into account when converting from radial to pulsational velocity, the p-factor

(p = Vpulsational/Vradial). Although it has been noted that the p-factor should change as a

function of phase (Gautschy 1987), only constant p-factors have been applied in the past.

Among the problems of explaining Cepheid line profiles is that simple pulsational pro-

jection effects (Kulander & Jefferies 1966) alone cannot account for the large asymmetry

found with high excitation potential lines. High excitation potential Fe i lines, which are

formed deep in the atmosphere, are observed to dominate Cepheid spectra. The physical

depth of formation of photospheric absorption lines is known to be strongly wavelength

dependent and they can serve as traces of the velocity structure within the stellar atmo-

sphere.

Emission lines and line splitting were first observed in Population II Cepheids by Joy

(1939) and Sanford (1952). Kraft (1956) reported the first example of similar line doubling

behaviour in the 16 day classical Cepheid X Cyg. Recently, line doubling was observed

in the infrared, in the shorter period Cepheid X Sgr (Sasselov, Lester & Fieldus 1989).

This phenomenon indicates that there are strong shock waves present and the doubling

phenomenon shows that the waves are propagating through the atmospheres of moderate
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and long-period Cepheids.

1.5.1 Line asymmetries

The asymmetry of Cepheid absorption lines can make assigning a velocity to measure-

ments a complicated issue. The rapidly changing asymmetry inherent in Cepheid ab-

sorption lines was first discussed by Kraft (1967), where the velocity was dependent on

determining the line position for individual spectral lines. In addressing this issue a num-

ber of methods have been tried, including “mask” cross correlations (Barnes et al 1987;

Gieren 1981), line bisectors, and line core minima. Each of these methods suffers from a

number of difficulties, so the choice of technique is important. Mask cross correlations,

such as the CORAVEL spectrograph, do not work well for stars whose spectral type

changes significantly. They are intrinsically unable to record the spectrum that was used

to generate the radial velocity measurement. Methods that involve finding the core min-

ima, or application of symmetric mathematical functions like Gaussians, or Lorentzian,

profiles to the absorption line profile are strongly affected by changing line profile asym-

metries. The line bisector method has problems that depend on the position on the line

bisector that is chosen. A 0.8, or 0.9, bisector depth will not be strongly affected by line

blends, but it will be affected by changing line profile asymmetries. A 0.5 bisector is

relatively unaffected by changes in line asymmetry, but it will be affected by line blends.

Due to the above reasons the choice of method for measuring the radial velocity will

have a significant effect on the amplitude and the shape of the radial velocity curve.

Line asymmetries were first observed in the long-period Cepheids T Mon and SV Vul

by Sanford (1956) and later in shorter period Cepheids by Sasselov et al (1989). When

these asymmetries are present they typically cause a red-ward displacement of the line

core. From the construction of hydrodynamic models of a Cepheid atmosphere, Karp

(1975) showed that the asymmetry of weak lines was consistent with simple pulsational

projection effects (Kulander & Jefferies 1966). However the asymmetry of strong lines

required a significant velocity gradient (Bell & Rodgers 1964; Sasselov & Lester 1990), in

order to reproduce the large asymmetries observed.

Line asymmetry have provided considerable insight into the pulsation dynamics of

Cepheids. The absorption profiles have been observed to have greater asymmetry mag-

nitudes during contraction than during expansion. Measurement of line asymmetries by

Sabbey et al (1995) found that their measured asymmetries varied as a function of the

phase. They also showed that the amplitude of the asymmetry curves increased with

pulsation velocity amplitude at roughly the magnitude expected for the projection effect.
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1.5.2 Line splitting

Spectroscopic observations of line splitting in a pulsating star were usually interpreted as

being the result of shock wave propagation through the line forming region of the stellar

atmosphere. Such line splitting has been observed in the Population II Cepheid W Vir

(Sanford 1952) and many metal lines exhibit this line splitting.

Line splitting in Cepheids was first observed in the short-period Population I Cepheid

X Sgr (P = 7d) by Sasselov et al (1989). Over a 300Å region near 1.1µm they observed all

the photospheric lines to periodically undergo large asymmetries, or to actually double,

near the phase of velocity reversal. Contrary to their expectations, line splitting was not

observed in spectra taken near 1.6µm (Sasselov & Lester 1990). To explain this behaviour

they showed that an opacity bump existed near 1.1µm, which causes lines to be formed

higher in the atmosphere. Based on opacity bumps near 5300 and 6100Å, they suggest

that line splitting might also be observed in the visible.

Line splitting is caused by the existence of two regions suitable for line formation

and is expected to be seen in the presence of a shock wave. The conditions for line

formation should exist ahead of, and behind, a shock front and if a sufficiently large

velocity difference exists a split line should be observed.

1.5.3 Line level effects

A “line level effect” is a radial velocity difference between two sets of absorption lines.

Line level effects are usually found by comparing the radial velocity curve from a line, or

set of lines, to the standard radial velocity curve. Line level effects have been detected in

both long (Sanford 1956) and short period (Butler 1993) Cepheids. These studies have

found that these effects indicate that near the phase of maximum infall velocity, low-EP

(excitation potential) lines have a positive velocity residual compared to the standard

high-EP Fei lines. While the higher-EP lines, such as Siii (8.12 eV), have a negative

velocity residual for the same phase.

With the existence of wave motion and shock waves it was expected from line formation

theory that lines forming at different depths within a dynamic atmosphere should show

slight differences due to the velocity gradient. Evidence for these line level effects has

been difficult to find with only limited success in the past 70 years, until the recent

advent of high precision measurements. Definitive evidence among early data had been

found for only a few long period Cepheids, T Mon and SV Vul, where cases of differential

line velocities could be seen. Recently, X Cyg showed differences between the weak and

moderate lines when compared to the strong lines. In the shorter period Cepheids evidence

of line level effects was much harder to detect. However, the amplitude of the Hα velocity

curve has been shown to be 20 to 100 km s−1 greater than that due to the metallic

absorption lines for both the long and the short period Cepheids (Grenfell & Wallerstein
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1969; Wallerstein 1972, 1979, 1983; Jacobsen & Wallerstein 1981). The new techniques

producing high precision data have now extended the detection of line level effects to

short period Cepheids (Butler 1993).

Detecting line level effects is difficult since the high excitation potential (3-6 eV) Fe i

lines, which are formed deep in the Cepheid atmosphere, dominate their spectra. They are

much easier to measure than the weaker lines of other species generally forming shallower

in the atmosphere. So most observations in the past have used these Fe i lines as the

species of choice for making radial velocity measurements.

1.6 Thesis outline

The aim of this thesis was to make an observational and theoretical study of Cepheid

variable stars using radial velocity observations obtained from Mt John University Obser-

vatory (MJUO) and additional sources where necessary. Of particular interest were the

Cepheids in binary systems where additional information on the masses of Cepheids, and

their progenitors, could be determined.

Chapter 2 discusses the observational aspect of this thesis. The selection criteria for

the stars observed are detailed with the impact the available instrumentation has on

the observability of the stars from MJUO. The detectors available are discussed with a

detailed description of the recently acquired Series 200 CCD system from Photometrics.

An example of a typical observing run is also described.

In Chapter 3 the reduction of the data obtained from the échelle spectrograph is covered

with overviews of the major software packages used: ESO-MIDAS, and the UK Starlink

group software packages ECHOMOP and FIGARO. The steps in reducing the data are

described, which detail the steps in taking the CCD images to 1-dimensional spectra from

which radial velocities were obtained.

The analysis of the spectra is discussed in Chapter 4 where various methods have been

used to determine the radial velocity. The techniques used were the line bisector and

cross-correlation. The line bisector technique allowed the accurate determination of the

overall radial velocity of not only the Cepheid, but also of individual lines in the Cepheid

spectra, allowing the examination of line level effects. The use of the cross-correlation

function to determine radial velocity served as a independent check on the velocities found.

Since the spectra also included telluric absorption lines, these could be used to calibrate

the wavelength solution from the thorium-argon calibration spectra. A source of error is

introduced by the calibration lamp illumination which can be removed using these telluric

lines. With the use of many lines, high precision radial velocities can be calculated and

a substantial database of well calibrated radial velocities has been created. With this

new data, set detailed studies on the pulsational velocities of the stellar atmospheres of

Cepheids can be studied, and the orbital motion of binary systems can be well determined.
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A discussion of uncertainties is made and the overall precision of the data is presented.

The radial velocity standard stars, and the precision with which their velocities can be

determined, is presented in Chapter 5. In this chapter we can clearly see the precision

attainable with the methods adopted in this analysis. Graphical representations of the

data show the high precision and consistency of the data set for each of the standard stars

observed.

In Chapter 6 we examine Cepheids in binary or multiple systems. Combining pub-

lished data with the data obtained at MJUO, the orbits for a number of Cepheids have

been measured, in many cases refining existing solutions, or generating completely new

solutions. In cases where sufficient information on the companions to the Cepheids exist,

estimates of the masses of Cepheids have been made.

Line level effects have been found for every Cepheid observed and are examined in

Chapter 7 where the remaining Cepheids are also discussed. The general characteristics

of atmospheric pulsations are discussed in relation to the Cepheids observed here. The

possible binary Cepheids Y Oph and BP Cir, which do not exhibit normal Cepheid be-

haviour, are discussed separately and the remaining solitary Cepheids are examined. The

peculiar Cepheid X Sgr is shown as a unique example whose spectra show line splitting

in a short period Cepheid, with strong evidence for the existence of strong shock wave

activity and unusual atmospheric transparency.

Theoretical modelling of Cepheids is discussed in Chapter 8 where models for 2

Cepheids, AX Cir and YZ Car, have been made using linear and non-linear pulsation

codes. These stars were modelled using hydrodynamical code provided by A. Fokin. Af-

ter extensive numerical modelling, we are able to examine the behaviour of individual

absorption lines in a dynamic atmosphere. In turn we are able to compare the observed

behaviour of the various spectral lines gathered in the observations of these two stars with

that found from hydrodynamic modelling.

In Chapter 9 we summarise the work done and results obtained. We discuss the details

of future work that could be under taken to gain further understanding and extend on

the techniques and methods contained within this thesis. In particular the further obser-

vations required to complete coverage of the orbits for a number of the binary systems

and extending the theoretical modelling.



Chapter 2

Observations

The astronomy group in the Department of Physics and Astronomy, University of Can-

terbury is conducting a long-term programme to study the properties of several types of

regular and semi-regular variable stars.

Among these variables being studied are the Cepheids, of which a number of bright

southern Cepheids have been observed from the Mount John University Observatory

(MJUO), a field station of the Department of Physics and Astronomy, University of

Canterbury.

The facilities available at MJUO include a 1-metre reflector, two 61cm reflectors and

various astrographs and patrol cameras. The observatory lies at an altitude of ∼1000m

on a hill by the shore of Lake Tekapo, within the MacKenzie Basin.

Observations were obtained with the 1-m McLellan reflector using the high resolution

échelle spectrograph (Hearnshaw 1977) with a number of detectors. These detectors are a

Linear Diode Array (MacQueen 1986 used in only the earliest data), PM 3000 356× 576

CCD system (Tobin 1990) and more recently the Series 200 1024 × 1024 CCD system

(Barnes et al 2000).

2.1 Cepheid radial velocity programme

The initial observing programme was set up in 1987 at MJUO to observe a group of

7 southern Cepheids. The program was initiated by Drs George Wallerstein and Peter

Cottrell with the aim of collecting and analysing spectra centered about the Hα line (see

Wallerstein et al 1992). Observations continued with the linear diode array until mid-

1991 and further observations were then obtained with the MJUO PM3000 CCD detector

which allowed observations of additional orders. A number of additional Cepheids were

added to the programme over this period with observations made by Mike Clark, Drs

19
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Michael Albrow, Karen Pollard, Peter Cottrell, Warrick Lawson and George Wallerstein.

Table 2.1: Cepheids in the MJUO Cepheid radial velocity programme

Star R.A.(2000) Dec.(2000) V Mag. Pulsational Orbital

period (d) period (d)

β Dor 05 33 37.52 −62 29 24.2 3.40 - 4.03 9.8420

T Mon 06 25 12.99 +07 05 09.0 5.98 - 7.20 27.0205 ≥63000

X Pup 07 32 47.04 −20 54 33.6 7.86 - 8.78 25.9610

SW Vel 08 43 38.56 −47 24 11.4 7.52 - 8.96 23.4744

l Car 09 45 14.87 −62 30 28.5 3.40 - 4.33 35.5412

YZ Car 10 28 17.00 −59 21 00.0 8.26 - 9.15 18.1631 ∼850

Y Car 10 33 10.88 −58 29 54.8 8.20 - 8.87 3.6398 ?

S Mus 12 12 47.02 −70 09 06.3 6.17 - 7.01 9.6589 505

BP Cir 14 46 41.96 −61 27 42.3 7.61 - 8.36 2.39840 ?

AX Cir 14 52 35.13 −63 48 35.0 5.87 - 6.59 5.2734 4600?

V636 Sco 17 22 46.34 −45 36 51.0 6.38 - 7.18 6.7966 1318

X Sgr 17 47 33.54 −27 49 50.36 4.22 - 4.79 7.0123 (507.25?)

Y Oph 17 52 38.65 −06 08 37.0 6.18 - 7.15 17.1233 1222?

W Sgr 18 05 01.12 −29 34 48.0 4.28 - 4.80 7.5947 1477

V350 Sgr 18 45 17.53 −20 38 50.5 7.11 - 7.77 5.1542 1129

TT Aql 19 08 13.67 +01 17 55.6 6.65 - 7.47 13.7546

2.1.1 Observing

In late 1996, the author joined the programme and observations continued to be obtained

of the programme stars (see Table 2.1) which included the original 7 stars and others that

had been added since the commencement of the programme.

The same instrumental setup has been followed since the start of the observations,

although the échelle spectrograph had undergone some improvements and detectors have

changed. The échelle spectrograph during the early part of the 1990s had the addition of

a guiding camera installed allowing users to observe from a data room rather than in the

dome. More recently, in 1997 a focal reducer was added to better match the spectrum

dispersion to the solid state detectors in use (see Tobin et al 1998).

Two CCD detectors have been used in the most recent phase of observations, which

will be described in fuller detail in later sections.

Observation runs were conducted at MJUO and observing time was obtained from the

period of late 1996 until mid-1999. Observing runs were typically of one week duration
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occurring approximately a month apart. In some instances, observing runs were part-

nights in conjunction with other observing programmes.

2.1.2 Standard stars

An important aspect of this radial velocity work was the precision and accuracy of the ob-

tained velocities, and the ease with which they can be compared to observations obtained

at other sites with different equipment.

To ensure that the velocities determined from the spectra can be easily combined with

other data, and for consistency within our own observations, we have made efforts to

ensure our velocities are closely related to the IAU standard radial velocity system. To

this end we have observed a number of IAU radial velocity standard stars (see Table 2.2)

to serve as external calibrators.

Table 2.2: Radial Velocity standard stars

Star R.A.(2000) Dec.(2000) V Mag. IAU R.V.(km s−1)

β Cet 00 43 35.37 −17 59 11.78 2.04 +13.1 ±0.1

β Lep 05 28 14.72 −20 45 33.99 2.84 −13.5 ±0.1

β Crv 12 34 23.23 −23 23 48.3 2.65 −7.0 ±0.0

α TrA 16 48 39.89 −69 01 39.77 1.92 −3.7 ±0.2

HR 6970 18 35 02.39 −10 58 37.94 5.14 +6.9 ±0.2

33 Cap 21 24 09.59 −20 51 06.73 5.77 +21.9 ±0.1

β Aqr 21 31 33.53 −05 34 16.22 2.91 +6.7 ±0.1

The standard stars were selected from the list contained within the Astronomical Al-

manac. A short list of stars was selected which we could observe throughout the year

with two or more being observable on any given night. The standard stars observed in

the current campaign were selected using a number of criteria: they had to be easily

visible from MJUO (ie. not too far to the north); they needed to be relatively bright so as

to keep exposure times to a minimum; they also had to be stars of similar spectral type

to those of the Cepheids, so as to observe spectral lines common to both types of stars.

Many of the selected standards have also been observed by past observers, so we can be

reasonably confident of the long-term stability of the equipment and the overall precision

of our observations.

2.1.3 Telluric absorption

The selected region of the échellogram which contains the Hα absorption line is known to

contain telluric absorption lines. These atmospheric lines could potentially cause problems

with precision radial velocity work, but conversely can be used for a zero-point calibration.
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Table 2.3: Rapidly rotating OB stars

Star R.A.(2000) Dec.(2000) V Mag. v sin i(km s−1)

Regulus 10 06 41 +12 07 20 1.35 329

Spica 13 23 32 −10 59 49 0.97 159

ζ Oph 16 36 06 −10 31 19 2.57 379

HR 3159 08 00 20 −63 34 03 4.82 -

To identify these telluric absorption features, which will be present in all the object

spectra, a number of OB-type stars (see Table 2.3) were selected for observation at high

airmass to obtain the positions and relative strengths of the telluric lines on any given

night of observation. The OB stars selected had one particular important criterion to

satisfy, namely that they have high rotational velocities, so that their stellar absorption

lines were broadened. This made identifying telluric absorption lines a trivial exercise.

There was one final criterion to be satisfied - that the stars needed to be distributed

about the sky in such a way that at least one of these stars was available to be observed

on any given night.

2.2 The telescope

The 1-metre McLellan telescope at Mount John University Observatory is the largest

telescope on site. The McLellan telescope is a cassegrain reflector using a Dall-Kirkham

type optical system, which is mounted on a conventional single-pier asymmetric equatorial

mounting.

The Dall-Kirkham optical arrangement uses a ellipsoidal primary mirror and spherical

secondary mirror (Nankivell and Rumsey 1986). The telescope has 2 cassegrain foci,

achieved by using interchangeable secondary mirrors. The telescope can then be operated

in either an f/7.7 or f/13.5 configuration. The f/7.7 mode gives a wide field of view,

optimised for the viewing conditions typical of the observatory site. This provides a

suitable platform for conducting photometry or imaging. The f/13.5 configuration is

ideal for use in cassegrain spectroscopy.

2.3 The échelle spectrograph

The échelle spectrograph (Hearnshaw 1977) was built in the Department of Physics &

Astronomy in 1976, originally for the f/13.5 Boller and Chivens 61cm reflector.

The spectrograph utilises a 102 × 206 mm échelle grating which has 79 grooves mm−1,

with a blaze angle of θB = tan−1 2 = 63◦ 26
′

from PTR Optics Corporation.
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The échelle has a resolving power in the visual part of the spectrum of R = 54000 for

a 1′′ slit size, though in practice a wider slit is used to collect as much light as possible in

the typical observing conditions (2-3 arcsecs) at MJUO (see Hearnshaw 1977) .

The échelle gives a dispersion = 1.7Å mm−1 at 5000Å at the focal plane. However

in 1997 a focal reducer was added to the spectrograph giving a 50% increase in spectral

coverage for the attached detectors. This enhancement was added to make the échelle

spectrograph more suited to modern CCD detectors, compared with the requirements of

photography for which the spectrograph was originally designed.

Until recently the échelle spectrograph used a cross-dispersing grating blazed for max-

imum efficiency at λB = 5000 Å to disperse the orders of light coming from the échelle

grating for use with the LDA and PM3000 CCD detectors for this observation programme.

This “visual” grating gave high efficiency in the transmission of light through the spec-

trograph when observing the regions in and immediately around Hα, or the regions in

and around the sodium D lines.

A series of tests were conducted with the new, larger (1024 × 1024 pixel) CCD detector

to determine the response of the CCD with the three cross-gratings available (blue, visual

and red), as well as to generate a map showing the relative positions of the arc-lines

allowing for wavelength region identification for current and future users of the échelle.

From these tests it was found that with the spectral coverage now available with the

larger CCD, especially with the addition of the focal reducer to the spectrograph, the infra-

red cross-dispersing grating (λB = 7000Å) was better suited, and gave greater throughput,

than the visual cross-grating that had been relied on in the past. This was particularly

apparent given the coverage, 16 orders of which extends across the spectral range from

5400Å to 8600Å.

The observations obtained used the same slit size which was maintained irrespective of

the seeing throughout the observing programme and corresponded to 2.0 arcsecs on the

sky, or 100µm. This allows most of the light from the telescope to pass down the slit

opening in the typical observing conditions experienced at MJUO. This slit size gives a

corresponding resolution of R = 27 000 in the visual part of the spectrum.

The settings of the échelle spectrograph were determined using the thorium-argon wave-

length reference lamp (see figure 2.1).

The tilt of both the échelle grating and the infra-red cross-dispersing grating were

adjusted using micrometers to show the various emission lines of the reference lamp that

corresponded to the spectral region which included the Hα line, the Na D-lines and two

of the Ca ii infra-red triplet lines. This positioning consequently covers the wavelength

range from 5400Å to 8600Å in 16 orders of ∼ 100Å strips. The wavelength range covered

can be seen in Table 2.4 which gives more precise details.
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Figure 2.1: Thorium-Argon wavelength reference spectrum. This im-

age is a typical wavelength calibration image showing the wavelength coverage

and the orders visible. Note: the strong Argon emission lines,and faintly visible

Newton’s rings, an interference pattern due to the thinned nature of the CCD

chip.

2.4 Detectors

Highly sensitive detectors are required in astronomy to acquire the light from the often

faint objects we wish to study. In the case of spectroscopy these detectors also need to

be very sensitive due to the significant loss of photons that occur in such instruments.

Charge-Coupled Devices, or CCDs have revolutionized modern optical and near infrared

astronomy by providing a detector which has high sensitivity, a linear response to light, low

noise and imaging capabilities. Such detectors provided the ability to gather information

on fainter objects with existing telescopes than was possible with photography, even when

the photographic technique was enhanced with image intensifying tubes.
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Table 2.4: Wavelength range observed with the échelle spectrograph

and corresponding important features of those orders.

Order Wavelength range Significant lines

27 8420Å– 8576Å Ca ii triplet

28 8119Å– 8270Å Strong water vapour lines present

29 7839Å– 7985Å

30 7578Å– 7718Å atmospheric O2 molecular band

31 7334Å– 7469Å

32 7104Å– 7236Å Strong water vapour lines present

33 6905Å– 6995Å atmospheric O2 molecular band

34 6700Å– 6790Å

35 6510Å– 6595Å Hα line

36 6330Å– 6430Å

37 6155Å– 6240Å

38 5995Å– 6075Å

39 5840Å– 5925Å Na D, Ba ii lines

40 5695Å– 5780Å

41 5545Å– 5635Å

42 5425Å– 5500Å

Table 2.5: Échelle settings used to make spectroscopic observations

of the targets. The settings may differ by small amounts depending on the

setup and instrumentation used.

†These represent typical micrometer settings for the Series 200 CCD camera

with Infra-red cross-grating in the échelle spectrograph.

Interior Filter (Post 08/1997) GG475

Settings Filter (Pre 08/1997) OG530

Cross-grating (Post 07/1997) Infra-Red

Cross-grating (Pre 07/1997) Visual

Collimator 635

Exterior Slit width 442 ≡ 100µm

(or 2′′ on the sky)

Settings Slit position 200

Slit height 300

Cross-grating 14.35†
Echelle tilt 455†
Camera focus 745†



26 Chapter 2. Observations

The Cepheid radial velocity programme has made use of three solid state detectors,

a linear diode array (LDA) which was used to start the programme of observations, the

PM3000 CCD system which has operated for the majority of the programme (1989-1996),

and the Series 200 CCD system which was acquired in late 1996.

For further information on the LDA, the reader is recommended to refer to MacQueen

(1986) and Albrow (1994).

The majority of the data having been obtained using the afore-mentioned CCD detec-

tors, the subsequent sections will discuss their capabilities and use in greater detail.

2.4.1 The PM3000 CCD system

The first CCD detector used was the Photometrics PM3000 CCD camera system. This

system was purchased from Photometrics Ltd of Tucson in December 1988. It comprises a

Photometrics PM 3000 computer using a Motorola 68020 CPU with 68881 FPP. FORTH

software was used for all commands operating the camera and many of these commands

have been tailored for use in the operations at MJUO (see Tobin 1991).

The camera head contains a Thomson CSF TH882 CDA CCD chip over-coated with

a fluorescent dye, Metachrome II, which enhances the ultraviolet and blue response of

the detector (see Tobin 1990 for a fuller description). The chip is 356 × 576 pixels in

dimensions, with a pixel size of 23µm square and is contained within a cooled dewar

using liquid nitrogen as the coolant. The chip is maintained at a constant temperature of

−110◦C when in use. This is the optimum operating temperature for use in observations

in all parts of the sky. This chip has a quantum efficiency of ∼40% in the visual and red

part of the spectrum.

An example of an observational image from this camera can be seen in Figure 2.2.

2.4.2 The Series 200 CCD system

In April 1996, a new CCD camera was purchased from Photometrics Ltd for MJUO to

replace the PM3000 system which was approaching the end of its operational life. The

new camera would allow MJUO to take advantage of the advances in CCD technology

since the purchase of the PM3000 system.

The Series 200 camera system has many advantages over the PM3000 system. It com-

prises a Grade 1 (Highest quality) thinned SITe 003AB CCD chip. The chip is over-coated

with the fluorescent dye, Metachrome II, to enhance the chip’s response to ultra-violet and

blue light. The SITe chip is nearly twice as sensitive as the Thomson chip and achieves

∼70% quantum efficiency in the visual and red part of the spectrum, due to the thinned

and back illuminated nature of the chip. In the blue ∼40% quantum efficiency is achieved

compared with ∼ 20% for the Thomson chip.
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Figure 2.2: PM3000 CCD image showing a raw spectrum obtained of the

Cepheid AX Circini. [Note: the presence of cosmic rays (dark spots on the

image) and that the rows at the bottom of the image have an anomalously low

readout value. Hence, the disappearance of the orders at the bottom of the

image.]
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The SITe chip has 24µm square pixels, similar to those of the Thomson chip and

with its 1024 × 1024 pixels, the detection area is over five times greater. The SITe chip

uses Multi-Phase Pinned (MPP) operation to reduce dark current. To further increase

the chip’s characteristics the chip is contained within a CH260 camera head, which is

cryogenically cooled with up to 2.5 litres of liquid nitrogen contained within a dewar

behind the camera head and reduces the thermal currents and associated noise. Because

of the large (25mm2) size of the chip a large quartz entrance window is in front of the chip

and leads to greater loss of LN2 compared to the PM3000, but the large liquid nitrogen

capacity allows operation throughout winter nights without refilling.

Table 2.6: The Series 200 CCD camera system information and perfor-

mance.

System information

Controller type AT200

Camera head type CH260 - 2.5l

Software V for Windows

CCD type SI-003AB

Grade of CCD 1

Special notes Metachrome II on CCD

2.5 litre dewar with 2.4′′ window

Camera performance

Regulated temperature −100◦C

Dark current 1.6 e−/hour

Bias mean level 330 ADU at 4× gain

Full well capacity 324ke−

4× gain 1.22 e−/ADU

Noise 2.59 e−

The Series 200 CCD camera was operated by an Intel 200-MHz Pentium Pro computer

which was purchased for the system. This computer has an AT200 camera controller card

from Photometrics installed which allows any IBM compatible PC to be connected to the

CE200A camera electronics unit. An off the shelf computer has many advantages over

having a customised computer system as in the case of the PM3000 system.

Interfacing between the camera and the operating computer is the CE200A camera

control unit from Photometrics. The control unit contains all the signal processing, camera

control and temperature control systems necessary for CCD operations. It also produces

the CCD clocking signals for the CCD camera head and manages the transfer of raw CCD

data to the AT200 controller and attached computer. Further details about the system can

be found in the Photometrics AT200 CCD Camera System Hardware Reference Manual.
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The control program used to operate the Series 200 CCD system was the V for Windows

software purchased from Digital Optics Ltd of Brown’s Bay, near Auckland. V for Win-

dows is an image enhancement and analysis package that operates under the Microsoft

Windows 95 operating system and interfaces with the AT200 camera controller card using

PVCAM - the standard Photometrics camera interface for their high-performance cooled

CCD cameras. The software was upgraded to provide a user toolkit which allows the im-

ages to be saved in the astronomical-standard FITS format required by most astronomical

data analysis software. This software was used for image acquisition and some limited

initial analysis to assess the quality of images acquired.

The FITS format CCD images were archived to hard-disk and later written to CD-R

on a Phillips CDD 4200 CD-recorder (4xCDROM drive and writable at 2× speed with

consecutive writing available) using the Easy-CD Pro software for Windows95, or using

the XCDRoast software under Linux. Full details of the Series 200 CCD Linux system

can be found in Barnes et al (2000).

Upon receipt of the Series 200 system in the Department of Physics & Astronomy,

it underwent testing to determine the characteristics and required operating conditions.

Tests revealed that for this particular camera the optimum operating temperature was

−100◦C for maintaining a constant temperature during operations in all parts of the

sky while mounted on the back of the telescope. These tests also indicated a number

of problems which were traced primarily to the dewar provided which was not ideally

suited to maintaining a stable temperature as the level of liquid nitrogen dropped below

one third full when mounted on the back of the telescope. The dewar was designed for

table top operation only so that the liquid nitrogen would always be in contact with the

surface connected to the camera head. When mounted in a vertical orientation the liquid

nitrogen is not in contact with this surface so heat was drawn away via the wall of the

dewar. The ideal fix for this problem would be to have some conductive material inside

the dewar to conduct heat directly between the camera head and the liquid nitrogen. In

part the problem was solved by maintaining the temperature at −100◦C rather than the

−110◦C used for the PM3000 system. A vacuum problem developed with the dewar which

would not hold at the requested 24 hour hold time beyond the initial pump down when

it was first received. A number of additional procedures were performed to try and solve

this problem including the use of an Indium ring seal at the vacuum port and baking

the dewar at high temperature while being vacuum pumped. Over time this problem has

begun to disappear (probably indicating some form of prolonged out-gassing occurring).

The dewar now gets pumped down on a regular basis at MJUO using a molecular turbo

pump.

Other initial trials and tests with the Series 200 camera included the mapping of the

spectral coverage provided by the échelle spectrograph, with its attached focal reducer,

over the free-spectral range for each of the three available cross-dispersing gratings (infra-
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red, visible and blue). With the production of these maps with the spectral lines of the

thorium-argon lamp identified, it is now possible to select, using an overlay and by giving

the CCD chip size, the best setting which will include the most interesting lines. These

maps guide the users of the échelle to the emission lines they should see on any spectrum

taken of the region of interest.

Using the tungsten lamp, the relative transmission efficiency of the 3 cross-dispersing

gratings was determined. From these tests it was apparent that the infra-red cross-

dispersing grating provided better transmission than the visual cross-grating for wave-

lengths longwards of ∼5425Å. The infrared cross-grating was used for the observations

for this thesis.

2.4.3 Features of the Series 200 camera

Figure 2.3 is an I-band exposure of the full extent of the spiral galaxy M83 obtained

using the Boller & Chivens 0.6-m telescope at f/6.25 at MJUO. The field of view is 20

× 20 arcmin. This image illustrates some of the features of this chip, with the readout

point being at the lower left of the image. The over-clocking capability is the black

vertical strip on the right edge of the image (B), which indicates the bias of the A-to-D

converter when there is no input signal. The chip exhibits good cosmetic properties with

only a few noticeable features. A single column is affected by a dead pixel (P) which

causes the column to readout 200 e− low compared to rest of the chip (not visible in this

reproduction). There is an area of the chip (A) which appears to have a thicker coating

of Metachrome II giving ∼2% greater sensitivity. A circular region (S) about 25 pixels

in diameter, where sensitivity is reduced by ∼40%, is visible near the lower right hand

corner of the chip. Also apparent in the image are rings of reduced response (D) which

are due to dust specks on the dewar’s quartz window.

Figure 2.1 shows a thorium-argon wavelength calibration image in which Newton’s rings

are visible, producing an interference pattern due to the thinning of the chip. The bright

area above the centre of the chip in spectral images were due to the focal reducer (see

Figure 2.5), indicating its optical axis.

2.5 Observing Procedure

This section will detail the procedure adopted for performing observations for each ob-

serving run. The following systematic approach was adopted to maintain consistency in

the set-up and to help keep mechanical sources of errors to a minimum wherever possible.

The beginning of each observing run at the observatory involved setting up or checking

the instrumentation upon arrival in the early afternoon of the first night. It was important

to complete these tasks early so as to allow time for the spectrograph to reach thermal
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Figure 2.3: An I-band exposure of the spiral galaxy M83 showing

some of the features that appear in a typical exposure. (R) readout, (B) bias

strip, (P) dead pixel, (S) low readout spot, (D) dust shadows and (A) region

of increased sensitivity. See in text for further details.

equilibrium some hours before the commencement of the night’s observing.

The first task was to examine the échelle spectrograph to check its settings and make

any necessary adjustments.

Checking the échelle spectrograph setup begins with the removal of the cover to expose

the interior optical components for inspection and if necessary the insertion of the correct

order separating filter and/or cross-dispersing grating (see Figure 2.4).

The order separating filter is mounted just behind the shutter assembly and consists of

a slide in which a holder is placed which contains the filter in use. The filter can be placed

into the light path or removed as necessary. The use of these order separating filters is to

prevent unwanted light from entering the spectrograph. This is important because it is
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known that the response of the pixels is wavelength dependent and unwanted light being

scattered within the échelle spectrograph could lead to spurious results.

Observations using the PM3000 CCD system were conducted using a Schott glass

OG530 filter to reduce unwanted light at short wavelengths and which in turn reduces

the amount of scattered light within the spectrograph.

The Series 200 CCD system required another order separating filter because it soon

became apparent that the OG530 filter was absorbing light in the spectra from order 42

near its blue end at ∼5425 Å. In mid-1997 a GG475 Schott glass filter was purchased to

separate out the unwanted light without absorbing any of the light being observed for a

spectrum in the region being examined.

The collimator for the spectrograph is located near the detector of the échelle spectro-

graph and can only be adjusted when the interior is open for inspection. Any adjustments

were made by altering its tilt using a micrometer.

Figure 2.4: Schematic of the échelle spectrograph showing the basic

layout of the spectrograph and light path of the optical components.

In order to separate out the different spectral orders from an échelle grating a cross-

dispersing grating was required.

The échelle at MJUO can be equipped with one of three cross-dispersing gratings opti-

mised for either the blue (blazed at 4000Å), visual (blazed at 5000Å) or infra-red (blazed

at 7000Å) regions of the spectrum. Which cross-dispersing grating is used depends on

the region of the échellogram one wishes to observe, but observations can be made from

the atmospheric limit (λ ∼3200Å) in the blue to well into the near infra-red (λ ∼9000Å).
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Early observations (prior to August 1997), used the visual cross-dispersing grating in its

metallic cell, which was mounted onto a flat metallic plate using a set of three attaching

screws and held at a particular angle by three set screws.

When attaching this grating to the plate the screws holding it in place must only be

tightened enough to stop the grating from moving about while the spectrograph swings

about on the back of the telescope, but not so tight as to cause the grating to flex which

would result in slight changes to the spectra that would be obtained.

Using the larger Series 200 chip and the region of the échellogram selected required a

change in cross-dispersing grating for use in subsequent observations. The large format of

the new chip and selected spectral region now includes a significant fraction of the near-IR

spectrum in each image. This part of the spectrum is not particularly well transmitted

through the spectrograph with the visual grating. The infra-red cross-dispersing grating

was adopted in August 1997.

Once all internal adjustments were made the spectrograph cover was sealed back in

place and subsequent adjustments to the other spectrograph components could then be

made by adjusting the appropriate micrometer on the exterior.

The slit width, slit position and slit height were adjusted using micrometers attached

to the slit assembly. The slit width was set to 100µm corresponding to 2′′ on the sky.

The relative position of the slit is ideally adjusted to place it in the centre of the focal

plane of the telescope and fully illuminate the collimator. The slit height (or slit length)

adjustment moves the dekkers which obscure the unused parts of the slit, leaving a gap

wide enough that the calibration lamps will illuminate the entire width of the order on

to which the spectrum can fall and still leave some inter-order spacing on the detector.

The values adopted for the slit width, position and height were those used by previous

observers for consistency with earlier observations.

To observe the required region of the échellogram, the tilt of the échelle grating and tilt

of the cross-dispersing grating needed to be adjusted using their micrometers such that

the correct orders and wavelength range appear on the CCD image.

A micrometer is located at the base of the échelle spectrograph which adjusts the tilt

of the cross-dispersing grating. Changing the micrometer setting of the cross-dispersing

grating shifts the orders which fall on the detector down by increasing the micrometer

setting and up by decreasing it.

The échelle tilt can be changed by adjusting its micrometer which shifts the range of

wavelengths visible on the CCD image to the left (decreasing wavelength) by increasing

the micrometer value and to the right (increasing wavelength) by decreasing it.

Once the appropriate region of the échellogram had been identified and appropriately

positioned on the CCD chip using the thorium-argon wavelength reference lamp (see

figure 2.1), these micrometers are locked into position and remain unchanged throughout

the observing run. The same region was observed every run by matching the CCD image
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to a print-out of an earlier spectrum.

For the purposes of focusing the échelle camera mirror, the slit width was reduced to

50µm for more precise adjustment. The camera mirror was unlocked and the point of

optimum focus was identified, by taking a series of thorium-argon spectra at different

settings of the camera mirror. Upon examination of the shape of individual emission lines

across the image, the image with the sharpest lines corresponding to the best focus over

the whole image is set on the spectrograph and the camera mirror locked in position with

a locking screw. The process of refocusing the camera mirror can result in a slight change

in the relative positions of the arc-lines on the CCD image, so the above steps for setting

the region of the échellogram sometimes needed to be repeated.

2.5.1 Nightly observations

The procedure for nightly operations usually consisted of the following general steps.

Prior to sunset, typically an hour before, the CCD dewar was filled with liquid nitrogen

and then left for sometime to allow the CCD chip and its electronics to come to thermal

equilibrium.

During this time the dome was opened to allow the interior of the dome to come to

thermal equilibrium with the outside environment. The covers on the telescope were

removed to allow thermal stabilisation of the primary mirror.

In addition, the outside doors of the foyer, and doors between the foyer and the dome

were opened to aid in cooling of the telescope’s environment, by ensuring a flow of cool

outside air.

A number of temperature sensors are mounted at various points on and around the

telescope providing information on the thermal environment. From these sensors it has

been noted that during the night the telescope stays many degrees (∼3-6◦) above the

outside temperature with just the dome shutter open, but with the foyer opened up, the

telescope was often no more than ∼2-3◦ above the outside temperature.

After sunset a series of calibration images were obtained which typically consist of 3

bias frames, which are free of cosmic rays (or as much as is possible in the case of the

Series 200 CCD). As many as 10 flat-fielding images were taken, which would later be

combined to form a single high signal-to-noise image to calibrate the night’s spectra for

pixel-to-pixel variation and spectral response of the CCD. A tungsten filament lamp was

used to illuminate the slit of the spectrograph and the resulting composite image can be

seen in figure 2.5.

The first object typically observed on any given night was a radial velocity standard

star. Being relatively bright stars, radial velocity standard stars served to focus the

telescope on the slit by examination of the profile of the spectral orders that are quickly

obtained with bright stars. Adjustments to the focus were made to give as sharp a profile
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Figure 2.5: Spectral Flat-fielding image as obtained for the purposes of

order tracing and the determination of pixel-to-pixel variations. Note: the

bright spot on the background of the image due to the focal reducer of the

échelle spectrograph focusing scattered light at the optical axis of the lenses.

as possible with the highest signal in clear conditions. In less than ideal conditions the

best focus was determined by splitting the difference between the out of focus images

either side of the true focus.

Radial velocity standard star observations were also used to assess and maintain the

focus during the night should the temperature change significantly. Minor adjustments

of the focus were typically not required.

Each observation of a star was accompanied by thorium arc spectra taken both before

and after the stellar exposure. Should there be any shift in the relative positions of the

arc-lines in these spectra due to flexure in the spectrograph, or other effects, these could

be compensated for by co-adding these images.

Each night’s observations typically involved taking spectra of 2 or more radial velocity
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Figure 2.6: Stellar spectrum of the star α TrA showing the coverage

provided by the Series 200 CCD camera. Note: the prominent molecular oxygen

absorption band visible in the 4th order from the top. Most of the other

absorption lines visible belong to various iron lines.

standard stars spread throughout the night (see Figure 2.6). Often the same radial velocity

standard star would be observed many times in different parts of the sky for the purpose

of detecting any systematic effects due to changes in hour angle.

A rapidly rotating OB-type star was generally observed as well, usually at high airmass,

to obtain a clear indication of the presence and strength of atmospheric telluric lines.

A typical night’s observing would involve working through the list of Cepheids (see

Table 2.1) usually starting with the stars low in the west and working eastwards through

the night.

Towards the conclusion of the observational programme, more targeted observing took

place to fill in pulsational phase gaps for selected Cepheids in the data already obtained.

Concluding each night’s observations, additional calibration images were obtained, such
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as extra flat-fielding images, and long duration dark images for background subtraction.

All data obtained in each observing run was archived to CD-ROM for permanent storage

and backup in the FITS astronomical format.
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Chapter 3

Reduction

The reduction process converts raw 2-D information obtained by observation into the high

quality 1-D spectra used for subsequent analysis. This process is crucial and great care

must be taken to avoid adding systematic errors or failure to remove artifacts in the data

which may lead to misleading or incorrect results.

The reduction process must address several issues, such as contamination of the raw

data by external sources not associated with the observation, converting the raw infor-

mation into a more readily usable form, appropriately dealing with physical phenomena

associated with the instruments used and the calibration of the data.

Contamination of the raw data can take many forms, which include noise, or spurious

features introduced by natural phenomena, such as cosmic-rays, background radiation

and systematic errors introduced by the instrumentation used. The reduction process

therefore must be able to recognise these effects and either remove them or take them

into account when performing other steps.

In converting the raw information to a form more readily usable for further analysis, it is

necessary to convert the charge collected by the pixels of the detector to the corresponding

amounts of flux being emitted from the star. Among the steps to be taken are the removal

of the CCD background and the location of the spectral orders.

This flux then has to be calibrated for wavelength using calibration spectra obtained

before and after the object observation, correcting for the effects produced by the spec-

trograph and the removal of the spurious effects mentioned above. Finally the output

data should be of a standardised form.

The data obtained was reduced using a number of different astronomical software pack-

ages which were Figaro and Echomop from Starlink in the United Kingdom and ESO-

MIDAS.

39
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3.1 FIGARO

Figaro is a data reduction system that is intended to deal with any sort of data, but

most of its applications are geared towards processing optical and infra-red spectral data.

This package was originally developed at Caltech and later development has continued

at the Anglo-Australian Observatory (AAO). It is now part of the STARLINK software

collection which is managed by the STARLINK project in the United Kingdom.

Figaro contains particularly extensive facilities for reducing spectroscopic data, but

also has powerful facilities for manipulating direct images and data structures. It is a

command line oriented package for use in a UNIX shell environment making it ideal for

scripting into automated or semi-automated reduction programs.

3.2 ECHOMOP

Echomop provides facilities for the extraction of spectra from 2-dimensional CCD data

frames, such as those typically provided using échelle spectrographs. The package was

written primarily for the reduction of data from the University College London Échelle

spectrograph (UCLES) at the AAO, but can be used to process data from a variety

of instruments producing 2-D multi-order spectra. It provides a substantial degree of

automation, particularly in the function of wavelength calibration.

Echomop provides an interactive menu system which guides the user through the op-

erations usually required to process spectra. It also allows for the construction of batch

reduction jobs for the processing of multiple frames by also being command line oriented,

allowing for scripts to be written in a UNIX shell environment.

3.3 MIDAS

The European Southern Observatory - Munich Image Data Analysis System (ESO-

MIDAS) is essentially a set of general purpose programs for the reduction and analysis of

astronomical data which has been obtained from various detectors. The MIDAS system

can be run in both interactive and batch modes. It can be adapted to suit the require-

ments for all sorts of image processing and data reduction. It is also designed to allow

the integration of future application modules.

The user can customise the reduction procedure by creating procedure files which can

perform a simple or complex sequence of MIDAS commands to manipulate the data. The

procedure files are programmed in the MIDAS command language, which consists of a

control language and a set of commands. In addition to the core commands, context

specific commands can be added from the various MIDAS application modules.
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MIDAS is run on a variety of computer platforms including Linux for PCs which was

used in most cases and also Solaris on a Sparc Station 2000 system.

Data reduction was undertaken using the ESO-MIDAS 97Nov and 99Nov versions of

this package.

3.4 Échelle spectra

Reduction of échelle spectra involves the extraction of the object and spectral comparison

orders from their respective images, finding the solution to the dispersion relation between

the wavelength, spectral order and positions of the spectra on the raw images. Corrections

are also needed for the bias and dark current generated by the CCD detector, correcting

for the blaze function of the échelle spectrograph, removing the background of scattered

light, correcting for per-pixel wavelength response, continuum fitting and sampling in

wavelength.

The solution to the échelle relation gives the position of the orders on the raw image

and defines the wavelength scale of the extracted spectrum. This mapping is performed

in two steps:

1. the order positions on the raw image were defined (order definition). The required

input was an order reference frame (usually a flat-field or standard spectrum) and

the output was a set of polynomial coefficients which define the slope and position.

After defining the position of the orders, each order was extracted.

2. the wavelength scale of the extracted spectrum was defined (wavelength calibration).

The emission lines were identified in the arc spectrum and then wavelengths were

assigned to these lines. A fit was then made to the arc-line wavelengths as a function

of position and the output was a set of coefficients representing the dispersion of the

raw image.

The dispersion relation can be defined by the following equations:

y = f1(x,m) (3.1)

λ = f2(x,m) (3.2)

Equation (3.1) defines the position of the spectral orders, m, in the raw image, while (3.2)

gives, for each order, the dispersion relation in wavelength units.

The function f1 can be approximated by a polynomial of the form

y = f1(x,m) ≈
J∑

j=0

I∑

i=0

aijximj (3.3)
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where the coefficients aij were computed using least squares techniques on a grid (xk, yk).

That is, the x and y coordinates locate the position of the spectral orders in the image.

The grid points used were found automatically by an order-following algorithm, normally

using the flat field image or a standard star image to locate the positions of the orders on

the image.

• A first guess of the positions of the orders was found by taking a trace perpendicular

to the dispersion direction in the middle of the trace image (ie. flat-field or standard).

In this way an initial set of points (x0, y0m), for each order was found relative to the

order number m.

• For each order, the order-following algorithm finds the series of points located on the

order at xn = x0+n×∆x for points on the right half of the order and xn = x0−n×∆x

for points on the left half of the order, n = 1,2,... and ∆x was the step of the grid.

This set of points forms the basic grid with the geometric positions of the orders. Typical

values of the standard deviations of the residuals of this approximation are about 0.3 to

0.1 pixel.

To calibrate for wavelength consists of identifying wavelengths using arc spectra and

determining the dispersion relation in two steps.

• The calibration lines were detected on the orders by means of a simple threshold

algorithm. The centre of the line was estimated using its centre of gravity (Gravity

method) or by a gaussian fit to the line profile (Gaussian method).

• A few lines were identified interactively and a set of dispersion coefficients were

derived by comparing the identified lines with the line catalogue available in the pro-

gram. A global model for the dispersion as a function of wavelength and spectral

order number was developed. The dispersion coefficients for each order were com-

puted using the global model as a first approximation. A polynomial of degree 2 or

3 was sufficient to obtain, for each order, a good approximation of the wavelength

scale.

Solutions can be computed either for each order independently or using a global bi-

variate polynomial for 2-dimensional fitting. In either case, the solution from a previous

calibration can be used as the basis for a new calibration if the instrument configuration

was similar.

The wavelength calibration involves a physical equation, the échelle relation and regres-

sion analysis to achieve estimates of the dispersion relation. The échelle relation derives

from the grating dispersion relation:

sin i+ sin θ = k.m.λ (3.4)
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with k the grating constant, m the order number, and λ the wavelength. Additionally,

the cross-disperser displaces successive orders vertically with respect to one another. For

a given position x on the frame, we have:

m.λ = constant(x) (3.5)

The accuracy of this relation is limited by optical aberrations and optical misalignments,

which makes it only useful to initialise the calibration process by reducing the number

of identifications necessary to determine this one-dimensional relation, expressed as a

polynomial of low degree N like:

λ(m,x) =
1

m
.
N∑

i=0

ai.xi (3.6)

The two major limits of accuracy of the échelle relation are:

• Optical aberrations: The échelle relation does not include the effects of optical

aberrations which will displace the lines in the frame and then become a source

of inaccuracy when attempting to estimate the échelle relation parameters from a

calibration frame. This can be partially compensated for by using an appropriate

model to fit the échelle relation, like a polynomial of sufficient degree.

• Optical misalignment: Optical misalignment occurs between the échelle grating

and the cross-disperser and the cross-disperser and the detector. The effective mis-

alignment angle can be up to a few degrees. Over many hundreds of pixels this

misalignment error amounts to systematic errors of many pixels, which can be far

beyond the accuracy being sought by the wavelength algorithms. Usually the detec-

tor can be rotated to reduce this, otherwise it is necessary to correct for this effect by

the use of mathematical functions during the reduction procedure. These corrections

will allow the determination of wavelength, but the accuracy may be greatly reduced.

The setting of wavelength scale combines an estimate of the wavelength of a line,

an estimate of the error in this estimate, as well as a list of laboratory wavelengths

to determine and guarantee the identification of a given line. In principle one could use

the additional knowledge of line strengths, however in practice this information was of

limited use. The relative line strengths vary considerably due to for example, impurities,

lamp aging and/or pressure variations. So the wavelength identification criterion can be

expressed as:

λcal ≡ λcat

where

|λcal − λcat| < δλ (3.7)
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where λcal was the calculated wavelength, λcat was the catalogue wavelength and δλ was

the error of the calculated wavelength to the closest neighbour in the line catalogue or in

the arc spectrum as derived from the wavelength dispersion solution derived at the time.

Other steps in the reduction process include an estimate of the image background. The

background depends principally on the characteristics of the detector, but in addition

effects due to scattered light in the optics and spectrograph may need considering. The

background can be determined from the inter-order spacing which was free of light from

the object and was modelled using either a polynomial or spline fit.

Other corrections which need to be applied, include taking out the effect of the blaze

function of the spectrograph, variations in the sensitivity of the detector using the flat-field

and standardising the spectrum and wavelength scale.

3.5 PM3000 CCD reduction procedure

Data collected with the PM3000 CCD were reduced using MIDAS, using routines devel-

oped in early work (Petterson 1996). First, a MIDAS session was started and then the

échelle context specific commands were initialised. The CCD images were read to disk

and a program written in the MIDAS command language then converted the FITS for-

mat images to the BDF idiosyncratic format used by MIDAS. Due to the way the CCD

was mounted on the échelle spectrograph, it was necessary for the images to be rotated

clockwise by 90◦ into the orientation required by MIDAS for spectral reductions; orders

increasing from top to bottom, and wavelength increasing from left to right.

Using one of the spectral-flat field images, the positions of each of the orders was found

and the variation between the pixels determined. A number of methods could be employed

to locate the centres of each order. They were the ‘Standard’, ‘Common’, and ‘Hough’

methods. Each perform in a similar way by determining the centre of each order along a

number of points evenly spread along its length.

The standard method required some initial guess as to the width of the orders and the

level of the background. Once suitable parameters were determined, the positions of the

centres of the orders were found and then fitted using gaussians. An iterative fitting

process was performed to more precisely determine the order centres.

The common method is similar to the standard method. This would be used only if the

inter-order space was less than the order width.

The Hough transform method performs an order detection and then invokes a tracing

algorithm able to estimate an optimal threshold for each order independently.

The order definition was as follows:

• For all methods a preprocessing of the frame was performed, including a median

filtering to remove hot pixels and bad rows from the image. Then the background

value was measured in the central area of the image and subtracted.
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• A first guess of the position and the slope of the orders was found by processing the

Hough transform of a subset of columns of the input image. The order detection by

Hough transform was described by Ballester (1994).

• For each order, an initial threshold was estimated by measuring the pixel values in

the middle of the order. The order following algorithm finds the series of points

located on the order at regular steps on the grid, as described above. The threshold

was then optimised in order to follow the order over the longest possible distance. If

the trace of the order was lost, the algorithm extrapolates linearly the positions and

attempts to skip the gap.

• For each position, the centre of the order was defined as the first moment of the pixel

values above the threshold:

ycentre =

∑ymax
y=ymin

y ∗ (Iy − threshold)∑ymax
y=ymin

y
(3.8)

This algorithm was implemented in the command DEFINE/HOUGH. The algorithm

can run in a fully automatic mode. It was possible to set the number of orders to be

detected, the half-width of orders and the threshold to force a given solution.

The determined positions were then stored in a table for subsequent reference. The flat

field image was then normalised for later use.

The centre of an order on the stellar spectrum was determined by fitting a gaussian

to a slice of the plotted order, perpendicular to the dispersion direction. The difference

between the fitted centre and the value determined from the flat field was recorded along

with the width of the stellar order for later use in the filtering of the image.

Next, the stellar spectra were wavelength calibrated with respect to the arc spectra

taken both before and after the object spectrum.

The emission lines in the arc spectra were identified in pixel space by means of a simple

threshold algorithm. Then the identified lines were measured to determine their centres

by using a gaussian fit to the line profile. Alternatively a centre of gravity method may

be used.

To identify the actual wavelength of each line, an initial guess was required either by

identifying a few emission lines interactively on the 2D image display from different orders,

or cross-correlating with respect to a previous wavelength solution.

These identified lines were then used to create a global dispersion solution whose coef-

ficients were used to derive wavelengths which were compared with the values stored in a

line catalogue either provided in MIDAS or by the user.

An initial wavelength fit was produced and then an iterative process begins to more

accurately determine the wavelength dispersion solution for the spectra. The polynomial
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fit to the lines should give a wavelength solution for the lines which was within a preset

tolerance to the values stored in the reference catalogue. Should the dispersion solution

prove to be suitable this was then applied to the extracted stellar spectra.

The most difficult and sensitive part of the reduction process was the filtering applied

to the stellar spectral image. In this step we want to remove the presence of cosmic rays,

any non-uniformity of the background and any other sources of contamination.

Two types of filtering were applied. A median filter was applied to the background

between the orders to remove any cosmic ray strikes and smooth the background. A

cosmic ray filter was applied to the stellar orders themselves which uses CCD information

on the read-out-noise (in e−), inverse gain factor (e−/ADU) and a threshold value to

evaluate spikes in the orders for cosmic ray removal.

In principle this order filtering should not affect the information contained within the

spectrum. However, should the order fall at the edge of the CCD image, the cosmic

ray filtering does lead to spurious effects. The cosmic ray filter works by fitting a one-

dimensional point spread function (PSF) perpendicular to the dispersion direction and

replaces pixels that have large deviations from that PSF.

The resulting filtered image was then divided through by the flat field to remove any

pixel-to-pixel sensitivity variations across the image and then the orders were extracted

as one-dimensional spectra which were binned at 0.05Å. At this point the spectra are

converted back to the FITS format for further reduction and analysis using Figaro.

The one-dimensional spectra need to be continuum fitted and normalised, and a Figaro

based routine was used for this purpose. The spectra were converted from FITS to the

NDF idiosyncratic format of Figaro and then run through a program which plots up each

spectrum in turn, allowing the user to interactively fit a polynomial to the perceived

continuum level of the spectrum. The spectrum was then normalised to unity and was

ready for subsequent analysis.

3.6 Series 200 CCD reduction procedure

Spectral images obtained with the Series 200 CCD were reduced using a combination of

packages: Figaro, Echomop and Matlab.

The CCD images were preprocessed using Figaro to convert the images from the FITS

format to the NDF idiosyncratic format used by the Starlink software. Included in this

preprocessing was the measurement of the median bias level of the chip as determined

from the over-scan region at the edge of each image. The median value of this bias level

was then subtracted off the whole image and the over-scan region clipped from the image.
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3.6.1 Calibration

Each night’s observations include a series of calibration frames including; biases, darks,

and flat-field frames. A composite dark image was created which was made of a com-

bination of bias and dark frames to subtract from each of the flat-field, thorium-argon,

and science images. The long dark exposures used in the composite image have had

their cosmic rays removed, and then the frame was median filtered. The images used in

the composite dark frame were added together, median filtered, and then divided by the

number of frames used to have a level which was comparable to the background of any

subsequent image.

A composite flat-field image was created by adding all the dark subtracted flat-fields

together, usually ten in all. This image was used to determine the dekker extent and to

compensate for pixel-to-pixel variations, for which high signal-to-noise was required.

3.6.2 Order trace template

The orders were then traced using a shell script program “maketrace” (see A.1.5), which

executes a number of commands in Echomop. An object image was selected with good

signal-to-noise and preferably a point spread function in each order that was close to the

centre of orders as was determined from the composite flat-field image.

Usually the stellar spectrum chosen was that of a radial velocity standard star, since

the exposures for these star result in high signal-to-noise ratio which was particularly

important for order 13. Order 13 was a special case in that this order of the spectrum was

dominated by a very prominent molecular oxygen band with numerous strong absorption

lines. With this “forest” of absorption lines the tracing algorithm sometimes fails to locate

the centre of the trace correctly due to a lack of signal.

The tracing of the paths of the orders across the image frame starts by first locating

the orders using the columns about the centre of the frame to generate a composite plot

from which the orders are identified (see Figure 3.1). With the positions of each order

determined at the centre of the frame, an estimate of the average order slope was then

made. Tracing of each order then proceeded from the centre of each order outwards. At

each step outwards a variable size sampling box was used to gather a set of averages for

the rows near the orders expected centre. The centre was then evaluated by one of the

following methods:

• Gaussian - attempts to fit a Gaussian profile across the data. This works well for

bright object frames.

• Centroid - calculates the centroid of the data. This is the most generally applicable

method.
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Figure 3.1: Order location and identification in Echomop. A cross-

section of the chip is displayed down the middle of the chip perpendicular to

the orders to identify the order positions.

• Edge - Detects the upper and lower ‘edges’ of the data and interpolates. This is less

accurate, but works well for difficult flat-fields (eg. those that are saturated)

• Balance - Calculates the centre of gravity (Balance point). This works well for difficult

data when the Gaussian and Centroid methods are having problems.

• Re-trace - Uses a previous trace as a template to predict the trace whenever it

cannot be centred. This will normally be used in conjunction with automatic trace

consistency checking to improve poorly traced orders.

• Triangle filter - In addition it is possible to apply a triangle filter during the tracing

to help enhance the order peaks and improve the trace.

For the order tracing, the method generally used was to fit Gaussians to triangle fil-

tered data, which would fit centroids to problem samples during the tracing process (see

Figure 3.2).
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The tracing algorithm will loop, while increasing its sample box size automatically when

it fails to find a good centre. The sample box can increase up to a size governed by the

measured average order separation.

Figure 3.2: Order tracing in Echomop. An example showing the fitting

of a polynomial to the trace of an échelle order.

When the centres have been obtained for an order, a 4th order polynomial was fitted

to their coordinates. The polynomial should be an accurate reflection of the path of the

orders. However, it helps to exclude the most deviant points in the data and to re-fit the

data due to effects of incompletely removed cosmic rays or low signal-to-noise data.

Once all the orders have been traced the flat-field image was used to determine the

extent of each order as given by the dekker positions. The dekker positions were deter-

mined by where the profile of the flat-field drops below a tunable threshold which was set

to 20% of the signal (see Figure 3.3). If necessary these positions can be edited if there

are problems in some orders.

Once the dekker positions were determined, the object profile was located within these

limits and measured. The object profile was sampled by averaging the profile over all the

orders using the central columns of the frame only. The median intensity was calculated
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Figure 3.3: Flat-field cross-section through order 8 of the flat-field. The

order threshold level shown (the bright lines represent the background level)

determines the dekker limits of the orders.

and used to calculate the expected sky threshold. The profile was examined by stepping

outwards from the peak until the profile intensity falls below the sky threshold. The

resulting profile of object and sky can be edited in each order individually if necessary to

flag particular pixels as sky or object as needed. While all the orders may be treated by

the use of a composite profile, each individual order was treated separately with its own

individual profile (see Figure 3.4).

The flat-field was then used to determine the pixel-to-pixel variations which are the

per-pixel values which are multiplied into the raw data to perform the photometric cor-

rections required to correct for the varied responses of the CCD detector pixels. Echomop

calculated the correction factors by using the local mean value based on a 5 pixel sample

along the trace. This ‘mean’ method was used due to the flat-field changing intensity

rapidly at the dekker limits on a scale of 1 pixel due to under-sampling of the profile.

To aid in the reduction process, Echomop used template files to copy parameters, fits

and other information which were used in other subsequent reductions. This eliminated
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Figure 3.4: Cross-section of stellar order 8 showing the object limits and

the background level. The signal was calculated from the signal within the

width of the order tracing. This was constrained by the limits of the stellar

profile specified above.

the need to constantly re-fit the trace of the orders for example, and only an offset needed

to be determined. The order tracing and flat-field modelling were stored as part of a trace

template which was used in that night’s observations.

3.6.3 Wavelength template file

Another template file was generated which contains information on the wavelength range

and dispersion of each order. The steps required in producing this template were almost

the same as in the complete reduction process, the main difference was that the wavelength

of each order were determined interactively from the emission lines verses pixel number.

The creation of the wavelength template starts by drawing on the trace template for

order information and then determines the position of the object within the slit and its

extent within the dekkers.

Next, the scattered light was modelled for removal and this model was used to remove
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this added light because the échelle spectrograph suffers from severe scattered light con-

tamination. The inter-order background was fitted by independent polynomials or splines

to each image column. Once the column fits have been done the results were used as

input to the second round of fits which proceed in parallel to the order traces. The results

were stored in a sky model array in the reduction file.

Figure 3.5: Thorium reference profile of the “average” arc line used for

identification of lines for use in wavelength calibration.

An object profile model was generated by sub-sampling the profile independently for

each order. This was used in the extraction of the object and arc orders which were done

in parallel to ensure the same statistical weights were used in both cases.

There were several methods available for extracting the individual orders:

• Simple extraction weights all the object pixels equally and is the least computationally

demanding method;

• Profile weighted extraction weights each pixel by a factor calculated from the nor-

malised profile from the offset from trace centre and the column number;
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• Optimally weighted extraction weights each pixel by the product of the calculated

profile and an estimate of the uncertainty of the pixel intensity. The estimate of the

uncertainty is based on the calculated variance.

Optimal extraction was chosen because of its treatment of the spectra. In the particular

case of low signal-to-noise data the optimal method used a better statistical treatment of

the data. Profile extraction gave some problems with the particular manner in which the

orders were found on the images, which only showed up once the orders were examined or

radial velocities were obtained. It was found that should the object profile fall too close

to the dekkers an artificial periodic structure would be added to the orders affected.

Each order was extracted according to the object profile model and the arc lines were

then identified in two steps. First, the average arc line FWHM was determined and then

all possible arc lines were located. The FWHM was evaluated by co-adding all possible

arc line features in the arc frame and then averaging the resulting profile. The value of

the FWHM was used to scale the gaussians which were fitted to each arc line in order to

obtain an estimate of its position centre (see Figure 3.5).

The wavelength calibration began by asking whether one wishes to import an existing

solution, or do either an automatic or interactive line identification. Initially an interactive

session was selected and the first order was displayed with the available features marked

in pixel space.

3.6.4 Wavelength calibration

Typically three lines were initially identified, at each end of the order and near the middle.

The wavelengths for many arc lines in each order were previously identified from the

Atlas of the Thorium Spectrum (1983). From these three lines an initial linear fit was

made and subsequent lines were identified by Echomop using its line reference table and

calculated wavelengths. These were then used to re-fit the solution while also increasing

the polynomial to a cubic fit. Once the majority of the lines had been identified, and

the error to the fit was typically less than 0.02Å, the solution was accepted. The same

process was followed again for the second order and once a solution for that order was

accepted, the expected wavelength regions for the subsequent orders were automatically

determined by Echomop. If the range determined for the orders was correct then each

subsequent order could have its features automatically identified.

Automatic identification iteratively attempts to fit the features of the arc spectrum to

the lines in the thorium-argon database. This was done by fitting an initial dispersion

solution (usually a 4th order polynomial) as closely as possible to the matches of the line

list and line features. Initially, the threshold level was set to use the strongest lines in

the order to get a preliminary wavelength identification which was then fed back into

identification algorithm to identify the remaining lines.
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Figure 3.6: Line identification of thorium arc lines as determined for order

5 with the threshold marked (dashed line), which was used for initial line group

identification.

The user was prompted to accept, or modify, the solution. On occasion the automatic

identification will fail to correctly identify the lines, so an interactive solution could be

forced to give the correct line identifications (see Figure 3.6).

Once all the orders have had their wavelength dispersion solutions determined, the fits

were saved to the wavelength template file.

All subsequent reductions would call on these templates for initial solutions for the

order traces and wavelength calibration. An automated reduction script was written to

reduce the subsequent spectra without any further input being required. The additional

steps within this script are detailed below.

3.6.5 Overall procedure

The first step in the full reduction procedure was the subtraction of the dark image from

the object and arc images. Next, the object image had any cosmic rays removed. A simple

script looked for the tell-tail spikes typical of cosmic ray strikes and replaced them with
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the median value of the surrounding unaffected pixels. (The cosmic ray removal was not

always successful, especially in the case of energetic strikes on the CCD detector which

deposit energy over a number of pixels which alters the median value usually applied.)

The two thorium-argon arc images were co-added to form a composite image that was

used for wavelength calibration.

The object image had its order positions determined and information on the order trace

was copied from the trace template file. An offset was determined and the profile of the

object was modelled as detailed for the trace template described previously.

The orders were extracted and the emission lines in the thorium-argon spectra lo-

cated, and their position determined by fitting gaussian profiles to find their centres. The

wavelength template was then used as an initial dispersion solution to the observed line

positions and a new dispersion solution was found for the orders with a dispersion error

that should not exceed 0.03Å.

Once the dispersion solution had been determined for all orders, the ‘blaze’ function was

removed. The blaze function was first modelled by fitting either polynomials or splines

to the flat-field orders. These fits were then automatically clipped and the resulting blaze

spectrum was normalised such that its median intensity was one.

Finally the results were written out to a results file in the Starlink NDF format. This

file contains the collapsed spectral orders of the object image, with the wavelength and

other information included.

3.6.6 2-D wavelength fitting

In order to increase the accuracy of the wavelength fit, a Matlab program was used to

generate a 2-dimensional solution to the wavelength calibration. The wavelengths in any

given order will now be related to all the others by a bi-variant polynomial, rather than

being independent solutions for each individual order.

A problem discovered during this research is that the Echomop software does not al-

ways give the positions of the arc-lines it identifies with sufficient accuracy. When the

outputted ASCII data files were examined it was found that a number of the identified

lines had positions given only as the integer value for the pixel they occupied, which

accounted for ∼ 30 − 40% of the lines identified using the optimal extraction method.

The majority of the lines had fitted values often quoted to ten-thousandths of a pixel in

precision for their centres. The lines with integer pixel values correspond to all types of

lines, weak, intermediate, strong and saturated with no obvious correlation. When profile

extraction was tried the only integer pixel values found were for saturated lines, a not

totally unexpected result.

This problem has been pointed out to the Starlink software group and at the time of

writing they had duplicated the same results, but were unable to identify the source of
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the error.

The wavelength and pixel positions determined by Echomop were extracted from the

reduction file generated during the above reduction procedure and written to ASCII data

files which were read by Matlab, which in turn calculates an initial wavelength dispersion

solution. Any wavelength which then has a line position determined to be more than

three times the standard deviation of the difference between the calculated and predeter-

mined values was then rejected. A recalculation was made and any lines with differences

exceeding 0.25 pixel were rejected. Finally, one last recalculation was made to which a

cubic polynomial was fitted. Due to the rather limited wavelength and order coverage,

it was not advisable to use a higher order polynomial to fit the data. It was found that

there was a residual function left in the resulting wavelength solution so an empirical

quadratic function was modelled to the residuals and an inverse solution applied to the

resulting polynomial fit which greatly increased the resulting accuracy. This quadratic

correction was universally applied to each order. The cause of this distortion was not

precisely known, but sources for this variation from the échelle relation are likely to be

the focal reducer in the échelle spectrograph itself, or some form of optical misalignment

among the optical components in the échelle.

The bi-variant polynomial fit and quadratic correction was applied against the pixels in

each order giving each pixel a wavelength value and this was applied back to the resulting

collapsed spectra in the results file.

3.6.7 Order extraction and standardisation

The individual orders were extracted from the Echomop output results file by pairing up

the flux and wavelength arrays of each order and outputting them to individual NDF files

which could be read by other packages such as Figaro.

Each order was continuum fitted using an interactive program which allowed the user

to fit a polynomial function to the points indicated by the user to represent the continuum

level. Typically 4 points on the spectrum were indicated in various parts of the continuum

spectrum at either end and about the middle. The spectrum was then divided by this

polynomial fit to normalise the intensity range from 0 to 1, where 1 is the continuum

level. Alternatively an automated series of Matlab programs were available, which fit

splines to the determined continuum levels for normalising the spectra. Determining

the continuum levels in some orders which either contain broad absorption features or

atmospheric bands requires careful selection of the regions where the continuum could be

found. The continuum level was determined typically by dividing the spectral orders into

4 parts and the mean and maximum values were found for each part. The continuum level

was then statistically set at the 97% level of the cumulative distribution of intensities of

the data. The 97% level was chosen rather than 100% so as to reject any outlying points
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due to residual cosmic rays, and to make some allowances for noise. Splines were then

fitted to the resulting points and then the spectrum was divided through by the fit to

normalise the spectrum.

The normalised spectra were rebinned to a uniform wavelength scale of 0.05Å per pixel.

The spectra were also smoothed by convolving a gaussian of specified sigma and cut off

width along the spectrum.

Telluric lines could then be measured to determine their apparent radial velocities for

the purpose of calibrating the spectra to a absolute wavelength scale. The spectra were

then barycentrically corrected to compensate for the effects of the Earth’s and the solar

system’s motions to place the observed radial velocities in the barycentric reference frame.

Once the barycentric correction has been applied, the spectra were rebinned to a uni-

form wavelength scale.
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Chapter 4

Analysis

One aim of this thesis was to improve the precision of the radial velocities obtained from

observations made at MJUO using the échelle spectrograph mounted at the cassegrain

focus. It was hoped that if sufficient precision and accuracy could be achieved, it would

then be possible to search for and measure various effects not previously seen, or were

unconvincing from earlier information.

The obtained radial velocities could be used for the detection of binary companions and

the determination of orbital characteristics of such systems. These measurements could

also be used in the study of pulsations in Cepheid atmospheres, providing observational

tests for pulsational models and the detection of line level effects.

4.1 Radial velocity determination

Various approaches have been taken in the past in measuring the radial velocity of a star.

They all involve the measurement of the wavelength of absorption and/or emission lines

to determine the centre of a line with respect to the rest wavelength. These methods have

involved the fitting of various functions such as parabolas, or gaussians which closely ap-

proximate the line shape. Other techniques, for example line bisectors or cross-correlation,

use the line shape itself in calculating the radial velocity.

Each of these methods measure different aspects of a line and so the results from

any two methods are not necessarily directly comparable. Particular methods are more

appropriate for some radial velocity determinations, depending on the aims of the research

work and the objects being observed.

Cepheids, being supergiant stars, have absorption lines which not only change position

as they go through their pulsation cycle, but also have changing profiles. This makes the

use of symmetric mathematical functions to measure the radial velocity of these lines of

59
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limited use, particularly when the lines become asymmetric.

Two methods of measuring the radial velocity have been adopted for this work. The

line bisector method has been used for the majority of this thesis because of the need

to have radial velocities available for individual lines. The cross-correlation method was

useful for comparison with the line-bisector velocities.

Radial velocities were obtained for numerous lines in all parts of the spectrum. By

sampling lines of differing strengths, excitation potential and species we can obtain infor-

mation from different parts of the stellar atmosphere, in addition to the mean velocity of

the star.

4.1.1 Line bisector method

The primary method for determining the radial velocity in this thesis was the line bisector

method, described in Wallerstein et al (1992). Essentially, the line bisector method finds

the midpoint between the red and blue wings of the absorption line profile at a given

depth. The radial velocity for each line was obtained by taking the average of the radial

velocities found at line depths 0.7, 0.8 and 0.9 in each profile (where 0 = continuum

level, 1 = core of line). Although using an average may cause masking of asymmetries

present in the lines of Cepheids and other pulsating stars, it provides a reproducible and

quantitative velocity curve.

The procedure for determining the line bisector radial velocities was as follows. A

subsection of the spectrum, typically a few angstroms in length, containing the absorption

line of interest was extracted from the spectrum. This piece of spectrum was then rebinned

to a uniform scale of 100 bins per angstrom. The boundaries of the spectral line were

located by searching either side of the central wavelength of this subsection for where the

spectrum was below the specified noise level. The boundaries of the line were specified

where the blue or red wing of the line meet the specified noise, or continuum, level. The

local minimum of the spectrum was found and its position measured. The boundaries

of the line were then measured and checked to ensure that they exist entirely within the

spectral window. If the line could not be clearly identified then the line was rejected.

The measured line position and boundaries were passed to the bisector program which

resamples and measures the bisectors at the depths specified. The radial velocity for each

bisector was calculated using the rest wavelength, and the mean of the velocities of the

bisector at different depths with the error based on the r.m.s. of the measured midpoints

(see Figure 4.1).

Additionally, the bisector velocity at different depths, such as 0.4, 0.5 and 0.6, could

be used if necessary. In the case of X Sgr the complicated nature of the line cores,

which were blended, split or sometimes unresolved, made velocity measurements more

uncertain than in all the other objects. The radial velocities obtained were satisfactory
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Figure 4.1: Schematic representation of a spectral line showing how

we define the line bisector and determine radial velocity.

and produced a stable and reproducible result. However, care needed to be taken as

the velocity taken from the bisector higher up the line profile may be prone to blending.

Blending of lines could in turn give misleading radial velocities and an incorrect picture

of the star’s behaviour.

4.1.2 Cross-correlation

For comparison, cross-correlation was used to determine the radial velocities from the

spectra. A template spectrum with a known radial velocity was used and by applying

a Fast Fourier Transform to the data, a velocity difference could be determined for the

unknown spectrum.

The radial velocity for each spectrum was computed using the Figaro cross-correlation

function SCROSS. The SCROSS command required that both the template and object
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spectra be directly comparable, with the same length and a uniform bin size. Each

spectrum and template was subset to the same wavelength range, and rebinned onto the

same scale before the application of the SCROSS function.

Like most cross-correlation techniques, in order that false signals caused by the ends

of the spectra being non-zero are eliminated, a cosine bell function was applied to the

spectra so the ends go smoothly to zero. The SCROSS function contains many steps

within it to derive a wavelength shift. The essential steps include: continuum fitting of

the spectrum; correcting the data such that the sum-average value of the data is zero;

application of a cosine bell function to filter the data. A discrete Fast Fourier Transform

was applied to the template and object spectrum. Various filters and data smoothing

was used to produce the resulting correlation function to locate the highest peak in the

data. The cross-correlation peak was the measured relative shift of the two spectra. The

peak position was determined first by applying a parabolic fit to the five points closest

to the peak. From this initial fit the values for the shift and the width of the peak were

determined. Since the peak may not be symmetric, the peak position was further refined

by convolution with the derivative of a gaussian.

The output was reported as the shift between the two spectra in pixels. This could

then be converted to a velocity difference, since the wavelength range and pixel size is

known. The radial velocities adopted were the mean value of several orders of the same

spectrum, with the r.m.s. error calculated from the spread in velocities from those orders.

The cross-correlation was applied to both the orders containing metallic lines and tel-

luric lines separately. The telluric velocities were found by cross-correlating the raw

extracted orders as described above. The metallic orders were cross-correlated after the

barycentric correction had been applied. The velocities determined for the orders contain-

ing the telluric lines were used to subtract out the effects of misalignment, from differing

instrumental setups, wavelength calibration and other possible effects, such as differing

slit illumination.

4.2 Telluric line velocities

The wavelength coverage provided by the larger Series 200 CCD chip of the échellogram

included atmospheric molecular oxygen absorption bands, as well as numerous water

vapour lines scattered throughout many of the orders observed. In an effort to improve

the overall precision of the radial velocities obtained, numerous telluric lines were used as

velocity calibrators. In the past these lines have been ignored as contaminants, but these

could be usefully used where they remain unblended with other lines. Since the telluric

lines are observed at zero velocity they serve extremely well as velocity calibrators.

The telluric lines were initially identified from the narrow absorption lines seen in the

spectra of rapidly rotating OB-type stars at high airmasses. The initial set of lines selected
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were those deemed sufficiently strong that they could be well measured in observations

taken at low air-masses. Additionally the lines also had to be unblended with strong

metallic lines. Indeed a preference for lines which would suffer no blending at all was

deemed best. This list was further reduced by rejecting lines which were yielding velocities

greater than three standard deviations from the mean of the telluric lines. A further cut

was made for lines which varied significantly from spectrum to spectrum and star to star.

It should be noted that some of the remaining lines which were stable in some stars had

a greater spread in velocity in other stars. These lines were retained, although the reason

for the variability undoubtably was due to some blending or weakness in intensity.

The rest wavelengths of the telluric lines were taken from “The solar spectrum 2935Å to

8770Å: second revision of Rowland’s Preliminary table of solar spectrum wavelengths”

Moore et al (1966) and “A multiplet table of astrophysical interest”, Moore (1972). Ta-

ble 4.1 contains the final list of lines used in the telluric velocity correction applied to

each spectrum.

Telluric lines were abundant in the spectra obtained, particularly in the red part of the

visible spectrum and into the near infrared. It has been commented that terrestrial O2

lines have served as acceptable wavelength standards for decades (Balthasar et al 1982).

Indeed there use was first suggested by Griffin (1973) and its advantages demonstrated

by Kamper (1996). However, Doppler shifts of these lines are expected due to terrestrial

atmospheric wind speeds of up to several dozen ms−1. It is generally believed that the

stability of the O2 lines is about ± 10 ms−1.

Orders 30 and 33 contain molecular oxygen bands of the terrestrial atmosphere centered

at 7620Å and 6880Å. These are respectively the (0,0) and (1,0) vibrational bands, tradi-

tionally designated as the atmospheric A and B bands (Fraunhofer lines, see Hearnshaw

1986) by astronomers. The abundance of O2 in the terrestrial atmosphere is very stable,

and the line profiles are known to be well reproduced from one day to the next. This

makes them good, precise wavelength references and hence are good for absolute radial

velocity calibration (Caccin et al 1985).

The primary advantage of using atmospheric lines as radial velocity zero-point calibra-

tion was that they follow the same optical path as the object spectrum. This advantage

was particularly useful since it removes any possible instrumental displacement between

the stellar and comparison arc-line spectra. Indeed the resulting calibration sees a sub-

stantial improvement in the radial velocities. There are various causes for the displacement

between the two spectra, object and calibration. The main one was the different optical

paths taken by the starlight and the comparison lamp which uses a mirror to illuminate

the spectrograph slit.

Another advantage was that any flexure of the spectrograph and any internal turbulence

will equally affect the telluric and stellar lines, since they are obtained simultaneously.

There was one clear disadvantage, the telluric lines are unevenly distributed in wavelength
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Table 4.1: Atmospheric absorption lines: Orders 42 - 27

Wavelength (Å) Source Wavelength (Å) Source Wavelength (Å) Source

Order 40 7201.197 H2O 7682.758 O2

5737.691 H2O 7204.308 H2O 7683.802 O2

Order 39 7206.421 H2O 7689.177 O2

5901.468 H2O 7209.504 H2O 7690.218 O2

Order 35 7211.203 H2O Order 28

6523.843 H2O Order 31 8139.718 H2O

6532.359 H2O 7360.347 H2O 8140.674 H2O

6543.907 H2O 7368.468 H2O 8141.936 H2O

Order 33 7369.206 H2O 8143.794 Atm

6908.534 O2 Order 30 8146.213 H2O

6909.431 O2 7615.061 O2 8147.188 Atm

6913.200 O2 7616.146 O2 8148.392 H2O

6914.090 O2 7620.996 O2 8149.689 H2O

6918.122 O2 7623.288 O2 8153.703 H2O

6919.002 O2 7624.500 O2 8154.630 H2O

6923.369 O2 7627.054 O2 8158,019 H2O

6924.164 O2 7628.225 O2 8164.54 H2O

6928.728 O2 7631.016 O2 8169.995 H2O

6929.599 O2 7632.168 O2 8176.975 H2O

6934.422 O2 7635.192 O2 8177.932 H2O

6935.280 O2 7639.585 O2 8179.056 H2O

6937.703 H2O 7640.707 O2 8181.848 H2O

6939.613 H2O 7644.200 O2 8186.371 H2O

6940.192 H2O 7645.312 O2 8189.272 H2O

6943.803 H2O 7649.035 O2 8193.113 H2O

6959.452 H2O 7650.135 O2 8197.704 H2O

6961.260 H2O 7654.094 O2 8200.694 H2O

6986.579 H2O 7655.182 O2 8209.559 H2O

6988.986 H2O 7659.370 O2 8212.132 H2O

6990.370 H2O 7660.454 O2 8218.114 H2O

6993.521 H2O 7664.872 O2 8225.688 H2O

6994.110 H2O 7665.944 O2 8226.962 H2O

Order 32 7670.600 O2 8229.762 H2O

7167.904 H2O 7671.669 O2 8233.906 H2O

7184.526 H2O 7676.565 O2 8237.341 H2O

7191.497 H2O 7677.619 O2 8239.924 H2O
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and so can not be used to check the wavelength scale in all orders. However the use of a

2-D wavelength solution ties all the orders together onto a common scale.
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Figure 4.2: Telluric line bisector velocities for all spectra of the radial

velocity standard β Aqr. (a) Shows the velocity of each telluric line measured

from line bisector technique with its associated error. (b) Shows the spread in

velocity for the telluric lines in a typical spectrum. (c) Shows the typical spread

in telluric line velocity for a radial velocity standard star over all recorded

observations, totalling 28 in number.

The lines of terrestrial O2 are known to be asymmetric (Caccin et al 1985). The theory

of line formation accounts for this asymmetry by introducing a height dependent pressure

shift of the line absorption coefficients in the line transfer calculations. This also produces

an absolute displacement of the O2 lines, depending on sec(z) and on the height of the

observatory. The absolute shift and the asymmetry, resulting from an integration along

the whole line of sight, will obviously not be the same for any two spectra. Indeed the O2

line positions change more or less erratically with time.

Fortunately, for the purposes of this research the wavelength variation of the O2 lines

typically vary by no more than 1.0 mÅ corresponding to about 50 ms−1. The water
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vapour lines that have been used were assumed not to have the same stability. Indeed the

variation of the water vapour lines was perhaps less than ideal, but the extra lines and

the good stability they did provide was adequate for this research. Given that the r.m.s.

scatter over the large number of telluric lines used was typically less than 300 ms−1 for the

mean telluric velocities, these telluric lines serve as adequate absolute velocity calibrators.

Because each order is not necessarily binned on the same scale, all the orders were

placed on a uniform wavelength scale of 0.05Å per pixel over the wavelength range of

each order and beginning on an integer wavelength value. The spectra were smoothed by

convolving them with a gaussian, with a sigma of 1.5 and a total width at its base of 8

pixels.
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Figure 4.3: Telluric line cross-correlation velocities. The velocity spread

was determined by the cross-correlation technique for the radial velocity stan-

dard β Aqr.

The measurement of the telluric lines was then made by either using the line-bisector

or cross-correlation techniques and the resulting offsets were used to put the subsequent

metallic line radial velocity measurements on a self-consistent velocity scale. The distri-

bution of the telluric lines used can be seen in Figure 4.2 for measurements made using

the line bisector method. The telluric velocity adopted for each spectrum was taken as

the mean of the telluric line velocities.

The oxygen lines in the wavelength interval 7620 – 7690Å (order 30) were measured

using the cross-correlation technique described above and the resulting distribution of



4.3. Stellar radial velocities 67

velocities are seen in Figure 4.3. The other orders, where telluric lines were mixed with

metallic lines did not produce stable results.

4.3 Stellar radial velocities

To obtain the stellar radial velocities the spectra needed to be barycentrically corrected.

The barycentric correction was determined by calculating the velocity components due

to the Earth’s rotation and its motion around the Sun. The effect of the motion of the

Moon around the Earth and the motion of Jupiter around the Sun were also computed.

The velocity component in the direction of mid-observation was then subtracted and the

wavelength scale recalculated. The data was once again rebinned to the same uniform

wavelength scale of 0.05Å per pixel.

The lines selected to be measured using line bisectors had to meet several criteria.

The individual lines needed to be unblended and relatively strong. This was particularly

important as at some phases of the Cepheid pulsations some of the weaker lines may

actually disappear. The lines also had to be relatively clear of neighbouring lines. This

was to reduce the chance that neighbouring lines were accidently measured giving incorrect

radial velocities. The lines selected had to cover as great a range in excitation potential

(χpe) as available and as many species as could be identified. This is so that in subsequent

analysis line level effects may be detected by comparing the behaviour of different species,

and lines of different excitation potential, against the reference velocities determined. The

final list of lines selected can be seen in Table 4.2.

To apply the cross-correlation technique to the determination of radial velocity the

individual orders had to be assessed for their suitability to this technique. Most orders,

or part orders, were used to calculate the radial velocity. Orders, or significant parts of

orders, were only rejected where the metallic and telluric lines were mixed. A mix of such

lines would smear out the true velocity and make the technique unusable. A template

spectrum was selected from among the radial velocity standard stars. A high quality

β Aqr spectrum was used since the velocities for this star were well defined and stable

results found with the line bisector method. It also had excellent signal-to-noise and was

of a spectral type and line strength in the mid-range of the Cepheids. Fixed ranges of

wavelength were used for all the spectra in each selected order and the template and

object were subsetted and rebinned. The cross-correlation function described above was

applied to each order and the radial velocity for each order tabulated. It was found that

there was some variation in the radial velocities calculated for different orders from the

same spectrum. The mean was typically adopted. Telluric velocities were also calculated

and these removed the errors due to misalignment and changes in the spectrograph. The

scatter in the radial velocities may possibly have been reduced by the use of synthetic

spectra.
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Figure 4.4: A sample spectrum of AX Circini, showing the wavelength

coverage. Key lines have been identified. The majority of the unmarked lines

are Fei, or water vapour lines in the lower orders.
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Stellar absorption lines -

Orders 42 - 27 (1 - 16)

Table 4.2: Metallic line wavelengths and ex-

citation potential energies.

Wavelength (Å) Ex. Pot. Element

Order 42

5432.955 4.44 Fei

5434.534 1.01 Fei

5445.053 4.39 Fei

5446.924 0.99 Fei

5455.624 1.01 Fei

5466.405 4.05 Fei

5487.755 4.14 Fei

5497.526 1.01 Fei

Order 41

5562.715 4.43 Fei

5563.608 4.19 Fei

5565.713 4.61 Fei

5567.400 2.61 Fei

5569.631 3.42 Fei

5572.851 3.40 Fei

5576.099 3.43 Fei

5578.729 1.69 Nii

5581.979 2.52 Cai

5586.771 3.37 Fei

5588.764 2.52 Cai

5590.126 2.52 Cai

5592.266 1.95 Nii

5598.491 2.52 Cai

5601.286 2.52 Cai

5615.658 3.33 Fei

5618.642 4.21 Fei

5620.496 4.15 Fei

5627.642 1.08 Vi

Order 40

5701.557 2.56 Fei

5706.008 4.61 Fei

5708.405 4.95 Sii

5717.841 4.28 Fei

Table 4.2 cont.: Metallic line wavelengths and

excitation potential energies

Wavelength (Å) Ex. Pot. Element

5727.057 1.08 Vi

5731.772 4.26 Fei

5749.669 5.61 Sii

5752.042 4.55 Fei

5754.666 1.93 Nii

5763.002 4.21 Fei

5772.149 5.08 Sii

Order 39

5847.006 1.68 Nii

5848.122 3.26 Fei

5852.228 4.55 Fei

5853.688 0.60 Baii

5857.459 2.93 Cai

5859.596 4.55 Fei

5862.368 4.55 Fei

5866.461 1.07 Tii

5889.973 0.00 Nai

5892.883 1.99 Nii

5895.940 0.00 Nai

5905.680 4.65 Fei

5909.983 3.21 Fei

5916.257 2.45 Fei

Order 38

6003.022 3.88 Fei

6007.968 4.65 Fei

6008.566 3.88 Fei

6013.467 3.07 Mni

6020.186 4.61 Fei

6021.803 3.07 Mni

6024.068 4.55 Fei

6027.059 4.07 Fei

6042.104 ? Fei

6056.013 4.73 Fei

6065.494 2.61 Fei

Order 37

6162.180 1.90 Cai
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Table 4.2 cont.: Metallic line wavelengths and

excitation potential energies

Wavelength (Å) Ex. Pot. Element

6165.363 4.14 Fei

6166.440 2.52 Cai

6173.341 2.22 Fei

6175.370 4.09 Nii

6176.816 4.09 Nii

6180.209 2.73 Fei

6187.995 3.94 Fei

6191.571 2.43 Fei

6200.321 2.61 Fei

6213.437 2.22 Fei

6215.149 4.19 Fei

6219.287 2.20 Fei

6229.232 2.84 Fei

6230.736 2.56 Fei

6232.648 3.65 Fei

6237.328 5.61 Sii

Order 36

6335.337 2.20 Fei

6336.830 3.69 Fei

6347.095 8.21 Siii

6355.035 2.84 Fei

6358.687 0.86 Fei

6369.463 2.89 Feii

6371.355 8.12 Siii

6380.750 4.19 Fei

6393.612 2.43 Fei

6400.009 0.91 Fei

6408.026 3.69 Fei

6411.658 3.65 Fei

Order 35

6518.373 2.83 Fei

6546.252 2.76 Fei

6555.466 5.98 SiI

6559.576 2.05 Tiii

6562.808 10.20 Hα

6569.224 4.73 Fei

Table 4.2 cont.: Metallic line wavelengths and

excitation potential energies

Wavelength (Å) Ex. Pot. Element

6572.795 0.00 Cai

6575.037 2.59 Fei

6586.319 1.95 Nii

6587.622 8.53 Ci

6592.926 2.73 Fei

6593.884 2.43 Fei

Order 34

6703.576 2.76 Fei

6705.105 4.61 Fei

6710.323 1.48 Fei

6717.687 2.71 Cai

6721.844 5.86 Sii

6726.673 4.61 Fei

6733.153 4.64 Fei

6737.978 4.56 Fei

6750.164 2.42 Fei

6752.716 4.64 Fei

6757.195 7.87 Si

6767.784 1.83 Nii

6772.321 3.66 Nii

6786.860 4.19 Fei

Order 33

6916.686 4.15 Fei

6945.210 2.42 Fei

6976.504 5.95 Sii

6978.862 2.48 Fei

Order 32

7122.206 3.54 Nii

7130.925 4.22 Fei

7132.985 4.07 Fei

7142.517 4.95 Fei

7145.312 4.61 Fei

7148.150 2.71 Cai

7155.634 5.01 Fei

7165.578 5.87 Sii
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Table 4.2 cont.: Metallic line wavelengths and

excitation potential energies

Wavelength (Å) Ex. Pot. Element

Order 31

7353.507 4.73 Fei

7363.916 4.95 Fei

7373.011 5.98 Sii

7385.244 2.74 Nii

7386.336 4.91 Fei

7389.391 4.91 Fei

7393.609 3.61 Nii

7400.188 2.90 Cri

7401.691 4.19 Fei

7405.790 5.61 Sii

7411.162 4.28 Fei

7414.514 1.99 Nii

7415.958 5.61 Sii

7418.672 4.14 Fei

7422.286 3.63 Nii

7423.509 5.62 Sii

7440.919 4.91 Fei

7445.758 4.26 Fei

Order 30

7657.606 5.11 Mgi

7680.267 5.86 Sii

Order 29

7918.383 5.95 Sii

7930.819 5.94 Mgi

7932.351 5.96 Sii

7937.150 4.31 Fei

7944.001 5.98 Sii

7945.858 4.39 Fei

Order 28

8183.250 2.10 Nai

8194.836 2.10 Nai

8207.749 4.44 Fei

8220.388 4.32 Fei

Order 27

8439.581 4.55 Fei

Table 4.2 cont.: Metallic line wavelengths and

excitation potential energies

Wavelength (Å) Ex. Pot. Element

8443.975 5.87 Sii

8446.359 9.52 Oi

8468.418 2.22 Fei

8471.744 4.95 Fei

8498.062 1.69 Caii

8514.082 2.20 Fei

8515.122 3.02 Fei

8526.676 4.91 Fei

8536.163 6.18 Sii

8542.144 1.70 Caii
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4.4 Radial velocities

Radial velocity measurements made with the échelle spectrograph show a range of up to

several km s−1 for both the telluric and stellar lines (see Figure 4.5). There are several

sources for this range. Effects due to the different light paths taken by the starlight

and the wavelength calibration lamp result in small differences in the actual wavelength

scales of the spectra. These differences probably change randomly over time. As the

spectrograph was mounted on the primary mirror end of the telescope, and hence moved

about the sky, mechanical flexure between the structure and optical components leads

to displacement of the spectrum in the spectrograph focal plane. This has the effect of

smearing out the spectrum and needed to be compensated for by the calibrating spectra

taken immediately prior to and after the object spectrum. Differences due to the optical

components having slightly different orientations, be it different settings or flexing from

run to run, will also introduce errors.

Many of these sources of error were removed by using the telluric line velocities that

have been measured. Since the atmospheric oxygen and water vapour lines were always

observed at essentially the same positions, differences from the reference values must

be due to a combination of the factors mentioned above. Indeed, as can be seen in

Figure 4.5(a), the differing light paths of the starlight and wavelength calibration lamp

resulted in a velocity offset of approximately −1 km s−1 compared with the zero velocity

that would be expected from the telluric lines.

The precision of the radial velocities have been significantly improved by using the

telluric line velocities to correct all the corresponding radial velocities to the same scale.

Similarly the mean of the stellar line velocities have been used, which were heavily domi-

nated by Fe i lines and this has improved the overall precision of the velocities obtained.

In Figure 4.6 the telluric line corrected velocities for the radial velocity standard star β

Corvus are displayed. Using the velocities determined for the telluric lines we can calibrate

our radial velocities to a stable external reference system. This removes systematic effects

introduced by mechanical movement in the spectrograph and differences in illumination

of the spectrograph slit by starlight and the wavelength calibration lamp.

The figure shows that there was a substantial reduction in the width of the velocity

distribution and the velocities have an improved agreement with the IAU velocity. It

should be noted that the line bisector technique has produced a distribution and precision

not previously attained with this instrumental setup.

4.5 Orbital motion amongst binary Cepheids

The detection of orbital motion in the radial velocities of a Cepheid is complicated by

the variation caused by the pulsation of the variable itself. The pulsation of the Cepheid
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Figure 4.5: Radial velocity standard telluric line velocities. The ve-

locities for all the spectra obtained in this work of β Crv.

may be several times larger than the amplitude of the variation in the systemic velocity.

The implication is that in order to detect a companion to a variable star using the radial

velocity technique alone, two or more epochs of observations with well defined pulsation

curves must be obtained. The existence of any departure from the standard velocity curve

will therefore be indicative of orbital motion. However other causes (e.g., poorly deter-

mined pulsation period, cycle-to-cycle variations in the pulsation velocities and differences

between data sets) can also lead to departures from the standard curve and the available

information must exclude such explanations.

The most obvious way a binary system would betray its presence would be to examine

the radial velocities plotted against the pulsational phase of the Cepheid. Any vertical

scatter (greater that a few km s−1 seen in such a plot, which was greater than expected

for the intrinsic scatter of the individual observations), would be a good indicator that

the Cepheid may have a companion. Advances in both technology and techniques have

reduced the limit of detection for variable stars to the point where variation of the order

of 1 km s−1 can lead to the reliable detection and measurement of binary motion. Planet

searches can achieve even better results with the use of iodine cells.

To adequately characterise the shape of any orbit it is necessary to have data that covers

several orbital phases. Data covering more than one orbit is necessary to adequately

determine the period. A fairly extensive search of the literature was made to find radial
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Figure 4.6: Comparison of line-bisector and cross-correlation tech-

niques. (a) Shows the raw line bisector velocities found for the radial velocity

standard star β Corvus, while (b) shows the velocities found using the telluric

corrected line bisector velocities. Finally, (c) shows the telluric corrected cross-

correlation velocities. Both methods correct the velocities to the IAU standard

scale, with the bisector method resulting in a better sigma.

velocity data over as long a period as possible for each star. This data combines radial

velocities obtained from photographic spectra and solid state detectors. Given this varied

background, the data was weighted according to the instrumentation and the techniques

used. Sadly, it was not always possible to determine the relative merits of the data

used from outside this thesis. However, a consistent approach has been applied to the

weighting of the data. Where data has been obtained from an observatory which has a

consistent difference in the velocities compared with others, a similar offset has been used

to correct the data so as to remain consistent with all other observations. The radial

velocities obtained prior to the mid-twentieth century have been given a low weighting,

as the errors are considerable. Later observations have been given increasing weight.

It has been noted that the radial velocities measured from photographic spectra are

probably consistent with line bisector measurements between 0.5 and 0.8 for both eyeball

and Grant comparator machine measures (Parsons 1972). Hence it was expected that
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there would be good agreement between the measurements made in this thesis and the

historical data.

In order to determine the orbit of any binary system it was necessary to separate the

pulsational and orbital components of the radial velocities. Since the orbital periods

for binary Cepheids are known to be long, the pulsational velocity curve was relatively

easy to distinguish. The pulsational velocity curve was most easily found by using the

known pulsational period, to which some initial function was fitted. A trial set of orbital

parameters were then used to separate the two components of the radial velocity.

Two types of fit were used to generate the pulsational velocity curves. The first was

a Fourier decomposition technique (Simon & Lee 1981), which consisted of interpolating

the observed variations in pulsational phase with a Fourier series,

vr = A0 +
∑

Aj sin(jωt+ φj), (4.1)

where vr is the radial velocity, A0, Aj are coefficients and φj is the phase and j has the

values 1, 2, 3, ...

The radial velocity data was then plotted against pulsational phase, to which an initial

interpolative fit was made. The systemic velocity was determined from all the data and

an initial amplitude for the pulsation was found. An iterative approach then followed,

where the residuals to the initial pulsational fit were interpolated by the trial orbital

parameters which were specified (see below). A least squares fit was made to the orbit,

and the pulsational component of the data was re-interpolated using the fitted orbit. This

process was repeated until either the fits to both the pulsation and orbit were satisfactory,

or until it was obvious no sensible solution could be determined.

The orbital parameters which describe any orbit are as follows:

• Γ - the systemic radial velocity of the system, which was initially determined from

the mean velocity of the radial velocities.

• K - the amplitude (half the peak to valley value) of the velocity curve. This often

could be estimated from the scatter in the initial pulsational radial velocity plot.

• e - the eccentricity of the orbit. If unknown a circular or low eccentricity orbit was

initially chosen.

• ω - the argument of periastron, the angle between the ascending node and the point

of periastron passage, measured in radians.

• T0 - time of zero phase (of the first orbit) for the calculated orbit, measured in Julian

Days. Typically an arbitrary initial date was chosen.

• P - period of the orbit in days. Since the shortest known binary Cepheid has an

orbital period slightly greater than 500 days, this was often used as a lower limit.
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To obtain an orbital period, the initial orbital period was increased, often depending

on the results of the initially trialled orbital parameters. Typically the period was

increased in steps of 500 or 1000 days until either some convergence was observed,

or it became obvious that no sensible solution was forthcoming.

Once a suitable solution was obtained, indicated by well interpolated pulsational and

orbital data, the result was recorded for comparison with subsequent analyses.

The second approach used a least-squares cubic spline approximation to interpolate

the data. As before, the data was initially plotted in pulsational phase and an initial

interpolation was made to the data. The use of the least-squares cubic spline approxima-

tion accommodates both the weighting given to each data point and its relation to the

prescribed “knots” which the data are interpolated between.

The residuals to this initial solution were fitted by a trial set of orbital parameters,

which were minimised to fit the data as well as possible. This orbit was then used to

re-interpolate the pulsational data. This iterative process was repeated until the majority

of the orbital parameters typically changed by no more than 10−8 of the values calculated.

The solution was recorded for comparison with the other results.

For both techniques there were two programs which applied each method by using:

1. a several-step iterative, interpolative fit to both the pulsation and orbit. The data and

solutions obtained are displayed at the end of each iteration to enable interpretation

of the results.

2. a simultaneous fit, which interpolates both the pulsation and orbit using initial pa-

rameters typically derived from the previous procedure. A looping process occurs

which refines and minimises the solution by varying the two components of the ra-

dial velocity until a global minimum was reached.

Typically, four sets of solutions were generated for each system. Invariably, the best fit

solution was calculated using the simultaneous, least-squares cubic spline approximation.

Typically this result yielded the best fit to the data, with the smallest residuals, of all the

fits obtained.

With the best fit orbital elements determined, the mass function of each system could

be calculated.

The mass function for a single line spectroscopic binary is given by:

f(m) =
m3

2 sin3 i

(m1 +m2)2
= 1.0385× 10−7(1− e2)3/2K3

1P M�, (4.2)

where m2 and m1 are respectively the companion and primary masses, i is the inclination

of the orbit and the orbital elements are as described above.

The projected semi-major axis of the orbit is:
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a1,2 sin i = 13751(1− e2)1/2K1,2P km. (4.3)

If the orbital amplitudes of both stars were obtained, then the mass of the system can

be described as a function of the inclination of the orbit:

m1,2 sin3 i = 1.0385× 10−7(1− e2)3/2(K1 +K2)2K2,1P M�, (4.4)

where K1 and K2 are respectively the orbital semi-amplitudes of the primary and sec-

ondary stars.

For the systems for which an orbit was determined, and in addition to the orbital

elements mentioned above, the mass function and a sin i are listed in the table for analysis.

The figures containing the mass function in Chapter 6 show the possible solutions for

the primary mass for a given secondary mass. Due to the large range of possible solutions

to the primary mass, these plots present limitations on the extent to which the primary

mass curves are relevant. The lower limit is imposed by the secondary mass, since in this

particular case the primary star is more evolved and hence should have a higher mass,

provided no unusual evolutionary events have occurred in its history. An upper limit

can be imposed from the results of evolutionary models which give the likely masses for

Cepheids of a given pulsational period. This is particularly useful for mass curves which

are essentially limitless in their extent.

4.6 Searching for line level effects

It has been known for decades that the profiles of lines in the spectra of Cepheid variable

stars are asymmetric (van Hoof & Deurinck 1952). In addition, differences in the radial

velocity curves of different species such as hydrogen, Fei and Feii, and other metallic lines

have also been known (Sanford 1956). The problem of spectral line formation in a moving

atmosphere had been studied theoretically by Karp (1978). Karp found that the different

Doppler-shifts observed in lines of different strengths depend on the ionisation balance

variations, as well as on the velocity gradient.

In measuring the radial velocities of many lines of different species and excitation poten-

tials we can sample different parts of the stellar atmosphere. The radial velocity difference

between two sets of absorption lines is referred to as a “line level effect”. Line level effects

are generally found by comparing the radial velocity curve from a line, or set of lines, to

the standard radial velocity curve. The standard radial velocity curve is typically derived

from the Fe I lines. The strong high excitation potential (3–6 eV) Fe I lines dominate

Cepheid spectra and they form deep in the photosphere. They are stronger than most

lines, making them easier to measure than weak lines of other species. Because of their

depth of formation they are less affected by velocity gradients.
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The physical depth of formation of photospheric absorption lines is strongly wavelength

dependent. Sasslov & Lester (1990) have suggested that line level effects should exist as

a function of wavelength in Cepheids.

High resolution observations of η Aql and other Cepheids have revealed differences in

the radial velocity curves from the spectral lines of elements having differing ionisation

states and excitation potentials (Butler et al 1996).

Sanford (1956) and Butler (1993) have found that near the phase of maximum infall

velocity, low excitation potential lines have a high positive velocity residual compared to

the standard high excitation potential Fe I lines. The 8.12 eV lines of Siii have been

observed to have a negative velocity residual at the same phase.

To measure line level effects in the observations presented in this thesis, radial velocities

have been obtained for 171 stellar lines measurable in the spectra. These lines are listed in

Table 4.2. From these measurements, radial velocity curves have been plotted for several

classes of lines. The standard radial velocity curve in this case has been taken as the

mean of all the lines measured. Since these measurements are heavily dominated by the

Fei lines (∼60%), the mean was expected to be similar to that for just the Fei lines alone.

Comparison between the mean radial velocity curve and the Fei lines, indicates that there

is no difference measurable within the standard error.

The other classes of lines include Hα, Fei, Feii, Nii, Cai, Caii, Sii, Siii, Baii, Tii,

Tiii, Nai, Mni, Cri and Mgi. Some of these lines have not been subsequently used in

the analysis, because the lines disappear during certain phases, or they were weak and

difficult to measure. Some lines were omitted from further analysis if the r.m.s. of the

velocities was significantly larger than the standard r.m.s. error. The lines which indicate

variation due to line level effects include; Caii, Baii, Feii, Hα, Sii, Siii, Mni and Tiii lines.

The other classes of lines not rejected, show no variation within the errors and are not

plotted in Figures 7.1–7.10.

Recently, Vinkó et al (1999) studied the limitations of precise radial velocity measure-

ments in Cepheid atmospheres. They found that CORAVEL-type radial velocity (ie.

cross-correlation velocity smoothed over the whole visible spectral region) curves may

differ from those obtained from a selected set of spectral lines.

Spectroscopic observations of line splitting in a pulsating star are usually interpreted

as a dramatic manifestation of a shock wave passing through the line forming region of

the atmosphere. Line doubling was first reported in the Population II Cepheid W Vir

by Sanford (1952). Line splitting was first observed in the short-period Cepheid X Sgr

(P = 7d) by Sasselov et al (1989). Over a 300Å region near 1.1µm they observed all of

the photospheric lines to periodically undergo large asymmetries, or to actually double

near the phase of velocity reversal. Contrary to their expectations, line splitting was

not observed in spectra taken near 1.6µm (Sasselov & Lester 1990). In an attempt to

understand this behaviour, they showed that an opacity bump existed near 1.1µm, which
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caused lines to be formed higher in the atmosphere. Based on opacity bumps near 5300

and 6100Å, they suggest that line splitting might also be observed in the visible.

Line doubling has been observed in selected lines such as Hα and the Caii H & K. This

has been seen mainly in long period Cepheids mainly however, and so the effect of shock

wave propagation in Cepheid atmospheres remains tenuous. The Cepheid X Sgr however,

was observed to exhibit line splitting in many lines at various phases.

Propagating shocks in stellar atmospheres usually produce line-doubling and emission

in the Balmer lines, such as in Mira variables (Gillet 1988), RR Lyrae stars (Gillet, Burki

and Crowe 1989), W Virginis stars (Abt 1954, Wallerstein 1959), RV Tauri stars (Baird

1982), and even β Cephei stars (Crowe and Gillet 1989). Classical Cepheids, however,

exhibit the same characteristics with less strength, with lower frequency and with greater

subtlety.

The sound speed in Cepheid atmospheres typically range from 5 km s−1 to 10 km s−1,

whereas the observed pulsational velocities are ≥15 km s−1, a situation which one would

expect to produce shock waves.

The velocity discontinuity at a shock front divides a stellar atmosphere into two distinct

dynamical zones and this kinematic boundary propagates with the shock through the

gas. The presence of the shock will not necessarily lead to line doubling for a particular

spectral line. If the dominant layers of line formation fall primarily above or below the

velocity discontinuity, the line profile will reflect the kinematics of just one zone. It is

only in the case when the combination of the atmospheric structure, the parameters of

the particular line and the location of the shock front, produce significant contribution to

the formation of a line that the regions on both sides of the shock, representing the two

distinct dynamical zones, will lead to a splitting of the line profile.
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Chapter 5

Radial velocity standards

The radial velocity standard stars play an important role in detailing the precision with

which the radial velocities can be measured. These stars tie the radial velocities measured

from Mt John Observatory with the radial velocity scale of the IAU standard system.

Consequently, a significant part of this work has dealt with improving the accuracy of the

observations made over long periods of time.

Table 5.1: Comparison of the velocities obtained for radial velocity

standard stars and values published in the Astronomical Almanac.

Star name Spectral IAU RV MJUO RV Number of

type (km s−1) (km s−1) observations

β Aqr G0 Ib +6.7± 0.1 +6.86± 0.05 28

33 Cap K0 III +21.9± 0.1 +22.4± 0.4 1

β Cet G9 III +13.1± 0.1 +13.73± 0.05 21

β Crv G5 IIb −7.0± 0.0 −6.92± 0.04 81

β Lep G5 II −13.5± 0.1 −13.50± 0.03 54

α TrA K2 IIb-IIIa −3.7± 0.2 −2.60± 0.06 54

HR 6970 G8 III +6.9± 0.2 +7.90± 0.08 4

The IAU radial velocity standard stars listed in Table 5.1 were observed extensively

from Mt John during this programme. They were selected as suitable calibrators for this

programme of observations. They cover the range of spectral type expected for many of

the Cepheids, though with hindsight F-type stars could also have been included.

Table 5.1 shows that the accuracy of the MJUO radial velocities was high, with excellent

general agreement with the published IAU radial velocities. The MJUO radial velocities

listed are line bisector velocities corrected using the telluric lines (see section 4.2) to remove

81
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instrumental variations and improve the precision. These results demonstrate that the

accuracy attained using this method generates velocities which can allow us to confidently

detect regular periodic variations in radial velocity that are as small as a few hundreds

of metres per second. With this level of precision detection of new binary systems and

stellar effects will be possible.

5.1 β Aquarii

β Aquarii is a member of a visual double star system. It has a radial velocity of +6.7 ±
0.1 km s−1 in the Astronomical Almanac (2001), and a value of +6.5 ± 0.9 km s−1 in the

General Catalogue of Radial Velocities (1953).

Table 5.2: Fundamental parameters for β Aquarii.

HR 8232

HD 204867

Celestial coords (2000) :

R. A. (α) 21h 31m 33.53s

Dec. (δ) −05◦ 34′ 16.22′′

Galactic coords (2000) :

Long. (l) 48.02◦

Lat. (b) −37.88◦

Parallax (mas) 5.33 ±0.94

Distance (pc) 188

Proper motion :

α (mas yr−1) 22.79 ±1.12

δ (mas yr−1) 6.70±0.57

VR (km s−1) +6.7 ±0.1

v sin i (kms−1) 18

V 2.91

B − V +0.83

U −B +0.56

R− I +0.43

Spectral type G0Ib

During the course of this thesis, 28 spectra were obtained of β Aquarii. Most of these

observations were obtained during the spring months. The distribution and measured

velocities can be seen in Figures 5.1 & 5.2.
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Figure 5.1: The velocities for β Aqr using the line bisector method.

Plots “a” and “b” show the raw radial velocities for β Aqr. Plots “c” and “d”

show the telluric and O2 velocities measured respectively. Plots “e” to “h”

show the resulting radial velocities for β Aqr when the respective telluric and

O2 velocity corrections were applied.
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Figure 5.2: The velocities for β Aqr using the cross-correlation tech-

nique. Plots “a” and “b” show the velocities for β Aqr derived from the

template spectrum. Plots “c” and “d” show the telluric and O2 velocities for

their respective templates. Plots “e” to “h” show the resulting radial velocity

for β Aqr when the respective telluric and O2 velocity corrections were applied,

as well as the derived velocity for the template.
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Figure 5.1 contains 8 plots showing the velocities found using the line bisector technique.

Plot “a” shows the mean uncorrected radial velocity for each spectrum obtained over the

period which observations were made. A distinct trend is evident in the data, with the

radial velocities decreasing over the time. Plot “b” is a histogram of the same data, with

a mean of +6.15 ± 0.06 km s−1.

Plot “c” shows a histogram of the mean telluric velocities found using all the telluric

lines. Plot “d” shows a histogram of a subset of the telluric lines made up of just the

molecular oxygen lines. The mean velocity found for the plots were −0.68±0.06 km s−1

and −0.74±0.08 km s−1 respectively. Both plots show distributions similar to that found

for plot “b”.

The final set of plots display the results of the telluric corrections applied to these

observations. Plots “e” and “f” are histogram plots of the corrected radial velocities of β

Aqr using the telluric lines and molecular oxygen lines respectively. Plots “g” and “h” are

the corresponding radial velocities as a function of time of observation using the telluric

and molecular oxygen corrections. It is obvious that the use of the telluric correction

resulted in a dramatic improvement in the precision of the radial velocities. The mean

velocity using the telluric correction was +6.83 ±0.03 km s−1 and using the molecular

oxygen lines only was +6.89 ±0.05 km s−1. The apparent trend in velocities seen in plot

“a” has disappeared and must have been an instrumental effect which has been effectively

removed from the data.

In Figure 5.2, a similar series of plots show the distribution of velocities found using

the cross-correlation techniques to find the radial velocity. Plots “a” and “b” are the

derived velocities with respect to the template spectrum, which was another β Aqr spec-

trum. The mean velocity difference was +0.11 ± 0.07 km s−1, with the velocity for the

template being added as the last step. Plots “c” and “d” are the velocities found for the

orders dominated by telluric lines and the order containing the prominent oxygen band

at 7640Å respectively. The velocities differences found for these were −0.32± 0.15 km s−1

for the telluric orders sampled and −0.23± 0.08 km s−1 for the oxygen band. The four

remaining plots show the velocities derived using the respective telluric corrections and

the velocity for the template added. Using the telluric orders the velocity for β Aqr was

+6.54 ± 0.17 km s−1 and using the oxygen band at 7640Å, +6.44 ± 0.07 km s−1.

5.2 β Ceti

The G9 III type star β Cet is noted to have some chemical peculiarities by the Astronom-

ical Almanac and a radial velocity of +13.1± 0.1 km s−1.

Spectra were obtained of β Cet on 21 occasions in the spring and summer months.

The radial velocities obtained can be seen in Figures 5.3 & 5.4. Figure 5.3 presents the

velocities determined using the line bisector method. The mean radial velocity was found
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Figure 5.3: The velocities for β Cet using the line bisector method.

Plots “a” and “b” show the raw radial velocities for β Cet. Plots “c” and

“d” show the telluric and O2 velocities respectively. Plots “e” to “h” show the

resulting radial velocities for β Cet when the respective telluric and O2 velocity

corrections were applied.
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Figure 5.4: The velocities for β Cet using the cross-correlation tech-

nique. Plots “a” and “b” show the velocities for β Cet derived from the

template spectrum. Plots “c” and “d” show the telluric and O2 velocities for

their respective templates. Plots “e” to “h” show the resulting radial velocity

for β Cet when the respective telluric and O2 velocity corrections were applied,

as well as the derived velocity for the template.
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Table 5.3: Fundamental parameters for β Cetus.

HR 188

HD 4128

Celestial coords (2000) :

R. A. (α) 00h43m35.37s

Dec. (δ) -17◦ 59′ 11.78′′

Galactic coords (2000) :

Long. (l) 111.33◦

Lat. (b) −80.68◦

Parallax (mas) 34.04 ±0.94

Distance (pc) 29

Proper motion :

α (mas yr−1) 232.79 ±0.84

δ (mas yr−1) 32.71 ±0.53

VR (km s−1) +13.1 ±0.1

v sin i (kms−1) 18

V 2.04

B − V +1.02

U −B +0.87

R− I +0.51

Spectral type K0IIICH-IH,K-0.5

to be +12.94 ±0.09 km s−1 for the raw observations. The telluric line velocities were

calculated to be −0.69± 0.11 km s−1 for all the lines and −0.87± 0.10 km s−1 using the

molecular oxygen lines. Applying the telluric corrections, the radial velocity for β Cet

were found to be +13.63 ± 0.05 km s−1 for the telluric correction and +13.82 ± 0.04

km s−1 for the oxygen lines. Since these results were consistent with each other the mean

radial velocity was adopted as +13.7 ±0.1 km s−1, which agrees well with the value in

the Astronomical Almanac.

Figure 5.4 presents the velocities found using the cross-correlation technique. The mean

difference velocity with respect to the template spectrum was +6.82 ± 0.09 km s−1. The

telluric velocity corrections were calculated to be −0.02± 0.22 km s−1 and −0.33± 0.12

km s−1 for the telluric orders and the oxygen band respectively. Applying the corrections

the radial velocities were determined to be +12.95 ± 0.22 km s−1 using the telluric orders

and +13.25 ± 0.08 km s−1 for the oxygen band.
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5.3 β Corvi

The G5 IIb type star β Crv is a radial velocity standard with a velocity −7.0±0.0 km s−1

in the Astronomical Almanac.

Table 5.4: Fundamental parameters for β Corvus.

HR 4786

HD 109379

Celestial coords (2000) :

R. A. (α) 12h34m23.23s

Dec. (δ) −23◦23′48.33′′

Galactic coords (2000) :

Long. (l) 297.87◦

Lat. (b) +39.31◦

Parallax (mas) 23.34 ±0.80

Distance (pc) 43

Proper motion :

α (mas yr−1) 0.86 ±0.81

δ (mas yr−1) −56.00±0.51

VR (km s−1) −7.0±0.0

v sin i (kms−1) <17

V 2.65

B − V +0.89

U −B +0.60

R− I +0.44

Spectral type G5II

β Corvi was observed 81 times and from Figure 5.5 the mean velocity was found to

be −7.72± 0.05 km s−1. The telluric and oxygen line velocities were −0.77± 0.06 km s−1

and −0.85± 0.07 km s−1 respectively. With these velocities applied the resulting radial

velocities were found to be −6.96± 0.02 km s−1 and −6.88± 0.04 km s−1 for the telluric

and oxygen line corrections respectively.

Figure 5.6 presents the velocities found using the cross-correlation technique. The

velocity difference to the template spectrum was −13.59± 0.07 km s−1. The telluric and

oxygen velocities were −0.73± 0.09 km s−1 and −0.46± 0.08 km s−1 respectively. With

the corrections applied the radial velocity found for β Crv was −6.75± 0.10 km s−1 and

−7.03± 0.04 km s−1 respectively for the telluric orders and oxygen band order.
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Figure 5.5: The velocities for β Crv using the line bisector method.

Plots “a” and “b” show the raw radial velocities for β Crv. Plots “c” and

“d” show the telluric and O2 velocities respectively. Plots “e” to “h” show the

resulting radial velocities for β Crv when the respective telluric and O2 velocity

corrections were applied.
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Figure 5.6: The velocities for β Crv using the cross-correlation tech-

nique. Plots “a” and “b” show the velocities for β Crv derived from the

template spectrum. Plots “c” and “d” show the telluric and O2 velocities for

their respective templates. Plots “e” to “h” show the resulting radial velocity

for β Crv when the respective telluric and O2 velocity corrections were applied,

as well as the derived velocity for the template.
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5.4 β Leporis

Table 5.5: Fundamental parameters for β Lepus.

HR 1829

HD 36079

Celestial coords (2000) :

R. A. (α) 05h28m14.72s

Dec. (δ) −20◦45′33.99′′

Galactic coords (2000) :

Long. (l) 223.56◦

Lat. (b) −27.20◦

Parallax (mas) 20.49 ±0.85

Distance (pc) 49

Proper motion :

α (mas yr−1) −5.03±0.93

δ (mas yr−1) −85.92±0.73

VR (km s−1) −13.5 ±0.1

v sin i (kms−1) 11

V 2.840

B − V +0.82

U −B +0.46

R− I +0.44

Spectral type G5II

Fifty four observations were made of β Leporis over the winter months. Figure 5.7

presents the measurements made with the line bisector method with the velocity for β

Lep was −14.42±0.05 km s−1 uncorrected. The velocity of the telluric lines was −0.88±
0.06 km s−1 and for the oxygen lines −0.97± 0.06 km s−1. Applying the corrections, the

radial velocity for β Lep was determined to be −13.54± 0.03 km s−1, using the telluric

line correction, and −13.45± 0.03 km s−1 for the oxygen line correction.

Figure 5.8 displays the results found using the cross-correlation technique and the initial

velocities can be seen in the first two plots for which a velocity −20.40± 0.05 km s−1 with

respect to the template was found. The telluric velocities were −0.48± 0.08 km s−1 for the

telluric orders and −0.57± 0.07 km s−1 for the molecular oxygen order at 7640Å. When

the velocities were corrected, the radial velocity for β Lep was −13.82± 0.04 km s−1 using

the telluric orders and −13.73± 0.04 km s−1 using the molecular oxygen order.
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Figure 5.7: The velocities for β Lep using the line bisector method.

Plots “a” and “b” show the raw radial velocities for β Lep. Plots “c” and

“d” show the telluric and O2 velocities respectively. Plots “e” to “h” show the

resulting radial velocities for β Lep when the respective telluric and O2 velocity

corrections were applied.
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Figure 5.8: The velocities for β Lep using the cross-correlation tech-

nique. Plots “a” and “b” show the velocities for β Lep derived from the

template spectrum. Plots “c” and “d” show the telluric and O2 velocities for

their respective templates. Plots “e” to “h” show the resulting radial velocity

for β Lep when the respective telluric and O2 velocity corrections were applied,

as well as the derived velocity for the template.
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5.5 α Trianguli Australis

α Trianguli Australis was the latest spectral types observed of the radial velocity stan-

dards. This star has the lowest radial velocity and numerous absorption lines. α TrA has

an IAU standard radial velocity of −3.7± 0.2 km s−1.

Table 5.6: Fundamental parameters for α Triangulum Australis.

HR 6217

HD 150798

Celestial coords (2000) :

R. A. (α) 16h48m39.89s

Dec. (δ) −69◦01′39.77′′

Galactic coords (2000) :

Long. (l) 321.54◦

Lat. (b) −15.26◦

Parallax (mas) 7.85 ±0.63

Distance (pc) 127

Proper motion :

α (mas yr−1) 17.85 ±0.60

δ (mas yr−1) −32.92±0.46

VR (km s−1) −3.7±0.2

V 1.92

B − V +1.44

U −B +1.56

Spectral type K2IIb-IIIa

Fifty four observations were made of α TrA and the resulting radial velocities can be

seen in Figures 5.9 & 5.10. From Figure 5.9 the initial velocities had a value of −3.33±
0.06 km s−1. It is worth noting that the spectra of α TrA have numerous close absorption

lines which posed another challenge. If too wide a search window was used for measuring

the absorption lines in the spectra then the wrong line potentially could be measured.

The mean telluric line velocities were −0.64± 0.08 km s−1 and −0.82± 0.08 km s−1 for the

oxygen lines. When the corrections were applied to the raw velocities then the resulting

radial velocity for α TrA was −2.69± 0.07 km s−1 using all the telluric lines and −2.51±
0.05 km s−1 using the molecular oxygen lines.

The distribution of the velocities that can be seen in plots “e” and “f” show little

improvement over the initially determined velocities. It was suspected that some variation

in velocity was occurring with this star which is not inconsistent with the behaviour of
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Figure 5.9: The velocities for α TrA using the line bisector method.

Plots “a” and “b” show the raw radial velocities for α TrA. Plots “c” and

“d” show the telluric and O2 velocities respectively. Plots “e” to “h” show

the resulting radial velocities for α TrA when the respective telluric and O2

velocity corrections were applied.
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Figure 5.10: The velocities for α TrA using the cross-correlation tech-

nique. Plots “a” and “b” show the velocities for α TrA derived from the tem-

plate spectrum. Plots “c” and “d” show the telluric and O2 velocities for their

respective templates. Plots “e” to “h” show the resulting radial velocity for α

TrA when the respective telluric and O2 velocity corrections were applied, as

well as the derived velocity for the template.
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stars of this spectral type. Additionally, the small velocity difference between the stellar

and telluric lines at certain times would probably mean some blending has occurred. The

spread in velocities at these times, as can be interpreted from plots “g” and “h”, could

be due to this blending. The time between these observations is approximately 400 days,

which is not too dissimilar to the Earth’s orbital period. A low amplitude variation of

the star on this timescale can not be ruled out with these observations.

Figure 5.10 presents the velocities determined using the cross-correlation technique.

The initial mean velocity was −8.69± 0.21 km s−1 with respect to the template spectrum.

The telluric orders had velocities of −4.50± 0.83 km s−1 which clearly indicate that the

stellar lines contaminate the orders containing the water vapour lines. Using just the

order containing the molecular oxygen lines gave −0.40± 0.22 km s−1. When the telluric

corrections were applied the radial velocity for α TrA was found to be 1.91 ± 0.82 km s−1

using all the telluric orders. With just the molecular oxygen order the radial velocity was

−2.19± 0.10 km s−1, which agrees well with the result obtained using line bisectors.

5.6 HR 6970

Only 4 observations were obtained of HR 6970 which can be seen in Figures 5.11 & 5.12.

In Figure 5.11 the initial velocity was +7.73 ± 0.21 km s−1 and the telluric and molecular

oxygen line velocities were −0.14± 0.18 km s−1 and −0.20± 0.15 km s−1. Correcting the

initial velocities, the radial velocity for HR 6970 was calculated to be +7.87 ± 0.08 km s−1

corrected using the telluric lines and +7.93 ± 0.08 km s−1 using the oxygen lines.

Figure 5.12 presents the results of using cross-correlation technique. The initial velocity

was 1.66 ± 0.07 km s−1 and the telluric and molecular oxygen velocities were 1.09 ± 0.29

km s−1 and 0.41 ± 0.13 km s−1 respectively. When the corrections were applied the radial

velocity was 6.67 ± 0.26 km s−1 and 7.35 ± 0.09 km s−1 for the telluric and oxygen order

corrections.
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Figure 5.11: The velocities for HR 6970 using the line bisector

method. Plots “a” and “b” show the raw radial velocities for HR 6970. Plots

“c” and “d” show the telluric and O2 velocities respectively. Plots “e” to “h”

show the resulting radial velocities for HR 6970 when the respective telluric

and O2 velocity corrections were applied.
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Figure 5.12: The velocities for HR 6970 using the cross-correlation

technique. Plots “a” and “b” show the velocities for HR 6970 derived from

the template spectrum. Plots “c” and “d” show the telluric and O2 velocities

for their respective templates. Plots “e” to “h” show the resulting radial veloc-

ity for HR 6970 when the respective telluric and O2 velocity corrections were

applied, as well as the derived velocity for the template.
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Table 5.7: Fundamental parameters for HR 6970.

HR 6970

HD 171391

Celestial coords (2000) :

R. A. (α) 18h35m02.39s

Dec. (δ) −10◦58′37.94′′

Galactic coords (2000) :

Long. (l) 21.31◦

Lat. (b) −1.40◦

Parallax (mas) 11.25 ±0.78

Distance (pc) 89

Proper motion :

α (mas yr−1) 49.10 ±0.71

δ (mas yr−1) −5.04±0.56

VR (km s−1) +6.9 ±0.2

v sin i (kms−1) <19

V 5.13

B − V +0.92

R− I +0.47

Spectral type G8III

5.7 Discussion

The radial velocity standard stars provide the evidence that the precision and accuracy

of the radial velocities obtained in this thesis demonstrate the successful application of

telluric line velocities to correct for velocity differences between observations. The most

significant result has been the relative precision with which the velocities derived using

the line bisector method have been obtained. These velocities and the gaussian like distri-

butions found in the radial velocities compare favourably with the velocities determined

using cross-correlation. The radial velocities determined using cross-correlation proved

to be less precise and resulted in relatively wide distributions with significant scatter in

certain cases.

When the radial velocities obtained with the line bisector method were examined it can

be seen that the mean of the velocities were +0.50 km s−1 from the IAU standard scale.

On closer examination the velocity differences for the G0 to G5 stars was small and no

correction need be applied. However the later spectral type stars show greater deviation.

Even if the stars with few results were removed on the basis of small significance, there is
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Table 5.8: Comparison of the obtained velocities for the radial veloc-

ity standard stars using the line bisector method and the cross-correlation

technique.

Star Spectral Bisector RV CCF RV IAU RV J. Skuljan

type (km s−1) (km s−1) (km s−1) (km s−1)

β Aqr G0 Ib +6.86± 0.05 +6.44± 0.07 +6.7± 0.1 +6.48± 0.14

33 Cap K0 III +22.4± 0.4 - +21.9± 0.1 -

β Cet G9 III +13.73± 0.05 +13.25± 0.08 +13.1± 0.1 +13.15± 0.04

β Crv G5 IIb −6.92± 0.04 −7.03± 0.04 −7.0± 0.0 −7.22± 0.02

β Lep G5 II −13.50± 0.03 −13.73± 0.04 −13.5± 0.1 −13.91± 0.03

α TrA K2 IIb-IIIa −2.60± 0.06 −2.19± 0.10 −3.7± 0.2 −2.95± 0.11

HR 6970 G8 III +7.90± 0.08 +7.35± 0.09 +6.9± 0.2 -

still some substantial residual. Offsetting this apparent deviation was the possibility that

the IAU velocities were no longer correct. Some stars may in fact be long period variables

or binaries with extremely long periods. The velocity for α TrA found by Skuljan (1999)

does not agree well with the IAU value but was in good agreement with the value found

here. Only the difference found for β Cet remains to be explained, but on the weight of

the evidence available the velocity scale here using the line bisector technique agrees with

the IAU scale with no need for correction.

The radial velocities obtained with the cross-correlation technique were not as precise.

The average value for the velocity scale was +0.2 km s−1 from the IAU velocity scale

indicating that the velocities were on a relatively accurate scale with a small difference

between the scales. Once again if we consider only the results with numerous observations

and that the radial velocity for α TrA was at the time of observation different to the

published value, then the velocities were not significantly different from the IAU values.

The radial velocities presented here clearly show the advantages of using telluric lines to

correct the measured velocities onto a common scale, removing instrumental effects which

dominate the errors in this radial velocity work. Both the line bisector method and cross-

correlation technique yield velocities which, when corrected by the telluric lines, require

no further correction to place the velocities on the IAU scale. Long term observational

programmes which take advantage of these telluric lines will be compatible with other

observations, even with other instruments. This makes the long term use of such radial

velocities extremely useful.



Chapter 6

The Binary Cepheids

Binary Cepheids are of interest because they can be used to determine Cepheid masses,

which remains a controversial topic after more than two decades. The detection of orbital

motion is complicated by the variation in radial velocity due to pulsations of the variable

itself. Orbital motion amongst binary Cepheids is discussed in chapter 4.5. It is important

that sufficient observations are obtained to sample the pulsation curve adequately and over

a period of time that covers more than one orbit in the ideal case. Because the orbits of

binary Cepheids are long, historical data can play an important role in the determination

of orbital parameters. However since the data is obtained using a variety of instruments

care must be taken in there use.

A key factor in the precision of the orbits that are presented here is the long baseline

of observations obtained at MJUO using the same instrumentation. The radial velocity

programme there studying southern variables which has been running for many years

provides an invaluable database of radial velocities for use in long period studies and

particularly orbital studies in this case. With enough data to form a self consistent set,

data from other sources can be calibrated to remove offsets which further increases the

usefulness of that data.

The difficulty with orbits determined from data obtained with different instruments was

the systematic offsets between them. The relative accuracy of measurements made from

particular instruments depends on the methods used to determine the radial velocity and

the precision achievable with that instrumentation. This was often difficult to correct for,

but in this thesis an emphasis has been made to address this issue to provide more precise

orbital elements, particularly the orbital period, systemic velocity, orbital semi-amplitude

and eccentricity.

103
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6.1 S Muscae

Table 6.1: Fundamental parameters for S Muscae. Basic data from

Perryman et al (1997). The mean absolute V magnitude is calculated from

Fernie’s (1992) relation: < MV >= −2.902 logP − 1.203. The colour excess

were taken from Fernie (1990) and from Parsons and Bell (1975).

HR 4645

HD 106111

JDmax + Period 2440299.163 + 9.659875d

Celestial coords (2000) :

R. A. (α) 12h12m47.02s

Dec. (δ) −70◦ 09′ 06.43′′

Galactic coords (2000) :

Long. (l) 299.64◦

Lat. (b) −7.53◦

Parallax (mas) 2.00 ±0.65

Distance (pc) 880

Proper motion :

α (mas yr−1) −7.65±0.70

δ (mas yr−1) −0.27±0.45

VR mean (km s−1) −1.7 ±2 V

V 6.131

MV −4.06

B − V +0.847

E(B − V ) 0.147, 0.27

Spectral type F6Ib

6.1.1 Historical background

The earliest spectral observations of S Mus are the radial velocity observations of Stibbs

(1955). Lloyd Evans (1968) discussed his observations of southern Cepheids and noted

that Walraven et al (1964) found evidence of a blue companion from their five-colour

photometry. The radial velocities available in his work indicate that S Mus was a spectro-

scopic binary of then unknown period, with a K amplitude of >7 km s−1. Examination

of the spectra found no companion detectable in the Ca II K line which agreed with the

five-colour photometry which suggested a relatively faint companion.
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In an effort to determine the radii of Cepheids Balona (1977) analysed S Mus using the

maximum likelihood method, from which the radius of the Cepheid was estimated to be

61 R�. He also determined that the companion was most likely a B7V star.

The first orbital solution for S Mus was published by Lloyd Evans (1982) and yielded

the shortest known orbital period of any Cepheid binary system. The orbital period was

established to be 506.4 ± 2 days using data from Lloyd Evans (1968) and observations

from Paddock (1917). The later helped to establish the orbital period, but not the other

parameters. The orbital solution is given in Table 6.2. The r.m.s. residuals from the

adopted solution was ±3.0 km s−1. Lloyd Evans further estimated the luminosity of S

Mus as logL = 3.72 from the data of Dean et al (1978) and Martin et al (1979). This

corresponds to a star of M ∼ 7M� on its second crossing of the instability strip.

Table 6.2: Published orbital solutions for S Muscae by Lloyd Evans

(1982) and Evans (1990).

Orbital T. Lloyd Evans N. R. Evans

Parameters (1982) (1990)

Γ km s−1 −2.5± 0.5 −2.31± 0.50

K km s−1 14.4 ± 0.9 14.69 ± 0.80

e 0.05 ± 0.05 0.08 ± 0.04

ω 179◦± 64 195◦± 28

T0 JD 2440476 ± 91 2440496 ± 42

Period P 506.4 ± 2 days 505.44 ± 0.35

a sin i 101.8 ± 5.6 ×106 km

fmass 0.157M� 0.165 ±0.027M�

The detection of the companion to S Mus by IUE in short wavelength spectra by

Bohm-Vitense & Proffitt (1985) allowed the determination of some of the companion’s

characteristics. From the spectra they found an effective temperature of Teff = 17700 K,

assuming log g = 4. The companion’s mass could be estimated for this temperature by

assuming that it is a main sequence star, giving an expected mass of 5M� for the com-

panion. The luminosity of the companion was brighter than for a ZAMS star, indicating

that it is a slightly evolved star. The position of both the Cepheid and companion plotted

in evolutionary diagrams is consistent with this interpretation.

In an early attempt at determining the dynamical mass of S Mus, Bohm-Vitense (1986)

used the known properties of the main-sequence companion and by measuring the orbital

velocity amplitudes of both stars was able to determine their mass ratio. The Cepheid

and companion were observed at high-resolution by IUE. The velocity difference between

the companion and Cepheid was found to be 37.9 ± 3 km s−1. Using these results, she

determined that the orbital amplitude for the companion was greater by 5 km s−1 and
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therefore M1/M2 = 1.05 ± 0.1. By adopting a value of 5 M� for the main-sequence

companion, the mass of the Cepheid was 5.25±0.5M�. The observations were obtained

at unfavourable orbital phases, so it was likely that the mass estimated for S Mus was

underestimated. Bohm-Vitense believes the error estimate maybe ±20% for the mass of

S Mus and may be 30% greater than the result given above.

Bohm-Vitense et al (1990) redetermined the mass ratio for S Mus. They obtained ob-

servations to study the amplitudes and phase relations of pulsational velocities measured

from lines originating at different atmospheric depths of S Mus. This was important be-

cause the determination of the orbital velocity amplitude of both the Cepheid and the

companion requires the accurate subtraction of the pulsational velocity. IUE observations

of S Mus were obtained during the same time that observations were made from MJUO.

These observations showed that as in the visible, the UV lines also show some line level

effects. The spectral type of S Mus B was reassessed by comparing the spectrum with

the spectra of other known B-type stars. They found that the companion was best fit by

a B5V ±1
2

spectral subclass, which yields a mass of 5±0.5M�. In order to determine the

mass ratio for the S Mus system they measured the velocity amplitude to be vA − vB =

27.6 km s−1, which for the orbital velocity of the Cepheid at that time, vA = 13.4 km s−1,

gave vB = 14.2 km s−1 and a mass ratio Mass(A)/Mass(B) = 1.06 ± 0.10. The orbit for

the Cepheid used was redetermined by Evans (1990) using the data of Lloyd Evans (1982)

and references therein, along with observations from MJUO to determine a new orbital

solution (see Table 6.2).

To refine the mass of the companion Evans et al (1994) used high resolution spectra

obtained from IUE to examine Si II and Si III lines which are particularly sensitive to

temperature in B-stars. They found that S Mus B has a low rotational velocity and

when the low resolution spectra were examined the spectral type was found to better

fit a B3.5V star when the spectrum was dereddened using the extinction law of Cardelli

et al (1989). The mass of S Mus B was estimated to be between 5.5 and 6.0M� for

this spectral type and when fitted on to evolutionary tracks a similar conclusion was

drawn with the Cepheid being somewhat more massive. Additional observations from the

Voyager ultraviolet spectrometer of S Mus were assessed by Evans et al (1996) and found

that the spectra agree well with standard spectra for B3V stars.

Ultraviolet spectra were obtained by the Goddard High Resolution Spectrograph

(GHRS) on the Hubble Space Telescope (HST) at maximum and minimum orbital ve-

locities. Using the refined orbit of Evans (1990) and additional observations provided by

Stappers (1993), Bohm-Vitense et al (1997) have redetermined the dynamical mass for S

Mus. The velocity difference measured for S Mus B was 30.6 ± 0.4 km s−1. The orbital

velocity for the Cepheid at the same phases was determined to be 26.9 ± 0.4 km s−1. The

mass ratio was calculated to be 1.14 ± 0.02, though errors in the centering in the entrance

aperture may increase this to ±0.06. The derived spectral type for the companion S Mus
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B ranged from B3V to B5V depending on how it was determined, with the average being

B3.8V. The spectral-type mass relationship for main sequence stars indicate that S Mus

B must have a mass of 5.2 ±0.2 M�. The mass for S Mus A must then be 5.9+0.7
−0.6M�.

They found that for the Cepheid MV = −4.29, and since the bolometric corrections for

Cepheids are essentially zero, Mbol = −4.29 and the luminosity, logL/L� = 3.62.

6.1.2 Current analysis
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Figure 6.1: The pulsational and orbital solution for S Muscae using

a simultaneous fitting of the (a) pulsational and (b) orbital components of the

radial velocities. Also shown are the (c) residuals to the fitted orbital solution.

The residuals indicate the quality of the data. The earlier observations of

Stibbs and Lloyd Evans show greater scatter than the MJUO observations.

The MJUO observations have been obtained with far higher precision and the

most recent set of observations show a very slight improvement on the previous

set.

Presented here is a new determination for the dynamical mass of S Mus. Ground based
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radial velocity observations have been obtained from MJUO since 1988, using equipment

described in Chapter 2 and have been combined with the radial velocities obtained by

Lloyd Evans (1968, 1982) and Stibbs (1955). Recently obtained observations from MJUO

were especially well calibrated to the IAU standard system and does not differ substan-

tially from it. Therefore, all the data sets have been give systemic corrections to bring

them into line with these velocities. The MJUO data obtained with the PM3000 and LDA

detectors have been corrected by +0.7 km s−1 to place them on the IAU scale. A correc-

tion of +1.7 km s−1 has been applied to the Lloyd Evans (1968, 1982) radial velocities and

+2.0 km s−1 for the Stibbs (1955) radial velocity data. The data has then been weighted

in accordance with the resolution and the instrument used. The data obtained at MJUO

was given a weight of 1.0, the Lloyd Evans (1968, 1982) data was given a weight of 0.5

and the Stibbs (1955) data was given a weight of 0.2 and analysed using the techniques

described in section 4.5.

The pulsational period adopted was that derived by Szabados (1989), where P =

9.659875d and the time of maximum light for the pulsational velocities was HJD

2440299.163. The result of the orbital analysis can be seen in Figures 6.1 & 6.2, where

the amplitude of the pulsational curve can be seen to be ∼30 km s−1 and the near circular

orbit has a similar amplitude.

Table 6.3: Orbital parameters determined for S Muscae

adopted from the best fit solution.

Period (P) 504.9d±0.07

eccentricity 0.080±0.002

K 14.7±0.2 km s−1

Γ −0.5±0.5 km s−1

T0 2448590d±5

ω 206◦±5

a sin i 102× 106km

fmass 0.166M�

Figure 6.1 was generated by the simultaneous fitting of the pulsation and orbital com-

ponents of the radial velocities. Figure 6.1 shows the pulsational components over two

pulsational cycles, (b) shows the calculated orbital components over two orbital cycles

and (c) gives the residuals to the gamma velocity component of the calculated orbital.

In Figure 6.2 the same data is displayed, but using the iterative method (see Chap-

ter 4.5) and the data from each source is displayed with different colours and symbols.

The “+” are the MJUO data with the data in red obtained using the Series 200 CCD as

detector, the data in blue obtained with the PM3000 CCD system as detector and the

magenta representing the LDA data. The cyan “◦” are Lloyd Evans (1968, 1982) data
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Figure 6.2: The pulsational and orbital solution for S Muscae using

an iterative approach, with the orbit displayed for each epoch of the data.

The velocity residuals show that the earlier observations of Stibbs and Lloyd

Evans have greater scatter than the MJUO observations. The MJUO observa-

tions have been obtained with far higher precision and the most recent set of

observations show a very slight improvement on the previous set.
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Figure 6.3: Mass function for S Muscae showing the likely limits on

the mass of the Cepheid as well as the determined dynamical mass. This

figure plots the mass function as a function of the possible primary mass of

the Cepheid and the inclination of the orbit. The mass function is calculated

as a function of the inclination of the orbit, since this is the one parameter we

cannot directly determine, for the possible range of secondary mass values. The

area between these two curves represents the possible values for the primary

mass at a given inclination. The primary mass is restricted to the range 0–15

M� as the most likely mass range for any Cepheid. Each mass function curve

is annotated with the secondary mass used in the calculation. The mass for

both the Cepheid and companion are displayed in the graph, the Cepheid will

have a mass greater than the companion mass, so the range of the companion

mass serves as a lower limit to the possible Cepheids mass. If the mass of the

Cepheid has been determined from a dynamical study of the system the range

in mass is displayed.

and the green “2” are Stibbs (1955) data. The additional panels in this figure show the

individual data points plotted on the calculated orbital velocity curve for the same epoch.

As can be seen the MJUO data has now obtained significant and sampled the phase space
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extremely well.

The orbital parameters adopted from the best solution are presented in Table 6.3. The

mass function can be used to place further limits on the mass of the primary. The mass

of the companion defines the lower limit since the Cepheid, being a more evolved star,

must have a larger mass to have evolved off the main-sequence first. This can be seen in

Figure 6.3.

Using the GHRS, the HST velocity difference determined for S Mus B (see Bohm-

Vitense et al. 1997) and the corresponding velocities obtained from the orbital solution

presented here from the same phases, the orbital amplitudes of the two stars can be used

to determine the mass ratio of the system.

Vcomp/VCep = 30.6±0.4 km s−1 / 26.7±0.2 km s−1

then the mass ratio

MCep/Mcomp = 1.15±0.02.

Using the mass 5.2 ±0.2 M�, determined for S Mus B from the main-sequence determi-

nation of Andersen (1991), the mass of the Cepheid S Mus A = 6.0±0.4 M�. This agrees

with the result of Bohm-Vitense et al (1997) and the improved orbital solution presented

here has reduced the uncertainty.

6.2 Y Carinae

6.2.1 Historical background

Y Carinae is a known beat Cepheid and a member of a binary system. Its primary

pulsation period was initially determined by Walraven et al. (1958) to be 3.639760 days

and was confirmed by Stobie (1972). Stobie also determined the secondary period of

2.559 days, which gave a period ratio of P0:P1=0.7031. This value was consistent with

the ratios of other beat Cepheids. Another period of 1.64 days was found and was almost

as significant as the secondary period (Stobie 1972).

Y Car was discovered to have a variable centre-of-mass velocity by Stobie and Balona

(1979). Their data did not cover a complete cycle, but they estimated an orbital period

of 400-600 days. The orbit was first determined by Balona (1983), who presented a

solution using all the available data. The primary and secondary pulsational periods

were found to be essentially the same as Stobie and Balona, P0 = 3.64095±0.00040 and

P1 = 2.55952±0.00020 days. The orbital period was 993.0 ± 11.2 days, with a large

r.m.s. residual, which was believed to be a result of incomplete removal of the pulsational

velocity variations. Using the period ratio Balona estimated the mass of Y Car to be 1.7

M� based on theoretical models, while evolutionary models gave values closer to 5.0 M�.
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Table 6.4: Fundamental parameters for Y Carinae.

HD 91595

JDmax + Period 2434847.28 + 3.6398d

Celestial coords (2000) :

R. A. (α) 10h 33m 10.85s

Dec. (δ) −58◦ 29′ 55.09′′

Galactic coords (2000) :

Long. (l) 285.69◦

Lat. (b) −0.33◦

Parallax (mas) 2.29 ±0.86

Distance (pc) 437, 1182?

Proper motion :

α (mas yr−1) −5.23±0.94

δ (mas yr−1) 3.68±0.70

VR mean (km s−1) -14.5 ±5 V

v sin i (kms−1) 18

V 8.084

MV −2.83

B − V +0.612

E(B − V ) 0.178

Spectral type F2

The spectral type of Y Car B was identified from ultraviolet spectra taken by the IUE

satellite (Evans 1992). The spectra were a good match with the B9.0V standard spectrum.

The mass of Y Car B was estimated by Evans to be 2.5 M� using Harmanec (1988), or

2.6±0.1M� (Andersen 1991), and an MV = −2.94±0.3 for Y Car A using information

derived from Y Car B.

From an evolutionary viewpoint Y Car fits well with a mass of 5.1M� (see Becker,

Iben & Tuggle 1977). The mass estimate derived from the pulsation constant (Q), as

parameterized by Cox (1979), was 3.4 M� and is called the pulsation mass. The beat

mass from Stobie (1977) was 1.7 M�.

Evans (1992) showed that the mass of Y Car A must be greater than both the beat

mass of 1.7 M� and the pulsation mass of 3.4M�. The companion mass of ∼ 2.5M� and

the luminosity difference between Y Car A and B is not consistent with a Cepheid mass

as small as the pulsation mass. The mass range for Y Car A was likely 3.8 - 5.3 M�,

depending on the amount of convective overshoot used in the evolutionary models.

Bohm-Vitense et al. (1997) estimated the dynamical mass of Y Car A based on the data
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used by Balona in his 1983 paper and UV spectra obtained with HST. The fundamental

and overtone pulsation periods have been redetermined and Fourier fitting of the pulsation

curve allowed the pulsations and orbit to be solved simultaneously. These improvements

reduced the standard deviations of the data. Two UV spectra were obtained from HST

using the Goddard High-Resolution Spectrograph at times close to the expected minimum

and maximum orbital velocities. The velocity amplitudes were, Y Car B ∆V = 29.2±7

km s−1 and Y Car A ∆V = 19.6±3.8 km s−1. The mass ratio MCep/Mcomp = 1.5±0.4 and

assuming a mass of 2.5 M� for Y Car B, then the mass of the Cepheid was 3.8±1.2M�.

6.2.2 Current analysis

A new analysis of Y Car using data obtained at MJUO during the period 1997-1999

was combined with radial velocity data from Stibbs (1955), Stobie & Balona (1979) and

Balona (1983). Using a similar approach to Bohm-Vitense et al. (1997) the pulsational

part of the velocities were represented by a 6 or 8 term Fourier series with half the terms

representing the fundamental and first overtone pulsational periods. The periods used

in this analysis were from Stobie (1972) and the redetermined periods from Berdnikov

(1992), which yielded similar results.

The pulsations and orbital components were solved iteratively by a combination of

Fourier decomposition and the fitting of a Keplerian orbit. The results of this analysis

can be seen in Figure 6.4, (a) displays the fit and data used to calculate the fundamental

component of the pulsation. (b) displays the first overtone pulsational period, which is

relatively well represented by the Fourier series. The scatter in the first overtone plot is

due to the presence of higher harmonic pulsations.

The orbital fit (c) of Figure 6.4 shows the calculated orbit. (d) - (f) show the epochs of

the data (Stibbs 1955, Stobie & Balona 1979, Balona 1983 and this thesis) and the fitted

orbit. Finally (g) displays the residuals to the fitted orbit. The standard deviations for

the various solutions were typically about 4.6 km s−1, which improved on the result of

Balona (1983), but do not equal those of Bohm-Vitense et al. (1997). Table 6.5 lists the

orbital solution.

Using the HST velocities were determined for Y Car B (see Bohm-Vitense et al. 1997).

The corresponding velocities obtained from the orbital solution presented here are from

the same phases (0.12 & 0.82). From these the orbital amplitudes of the two stars,

Vcomp/VCep = 29.2±7.0 km s−1 / 16.0±4.5 km s−1 ,

can be used to determine the mass ratio,

MCep/Mcomp = 1.8±0.5 ,

of the system.
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Figure 6.4: The pulsations and orbital solution for Y Carinae with

the adopted orbital solution presented at each epoch for the available data.
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Table 6.5: Orbital parameters for Y Carinae adopted from the best fit

solution. The uncertainties here are indicative of those for all orbital solutions.

Period (P) 993.3±2d

eccentricity 0.375±0.02

K 8.87±0.3 km s−1

Γ −12.37±0.9 km s−1

T0 2445371.9±13d

ω 128.5±17◦

a sin i 112× 106km

fmass 0.057M�
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Figure 6.5: The mass function for Y Carinae. The mass function curves

were generated using masses expected for a B9.0 V star (upper mass 2.6 M�
and lower mass 2.4 M�), with the limits on the Cepheid mass being imposed

by the dynamical mass determination.
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Assuming the mass of Y Car B is ∼2.5 M� then the mass of the Cepheid Y Car A =

4.5±1.8 M�. The predominate source of error is the accuracy with which the velocity of

Y Car B has been determined. Additionally the error from the solution derived from the

ground based observations is slightly larger than that found by Bohm-Vitense et al. (1997).

Their orbital solution was derived from the simultaneous solution of the pulsations and

orbit (Balona 1983), while the solution presented above, first solved for the pulsations

then the orbit in an iterative fashion.

Other limits on the possible mass of Y Car A would be the lower mass limit imposed by

the secondary star since the Cepheid, being the more evolved star, must be more massive.

The upper limits are imposed by the mass function of the system from the range of masses

for the companion. These limits and the mass function for the range in companion mass

can be seen in Figure 6.5. Included in this plot are the limits determined from the mass

ratio.

An improvement on this solution is likely to be forthcoming once proper weighting of

the data is achieved. This is a very desirable extension of this analysis.

6.3 YZ Carinae

The 18-day Cepheid YZ Carinae has the longest pulsational period of the binaries studied

in this sample. Since the use of Cepheids in extra-galactic distance determination is

usually done with high-luminosity, long-period objects, learning about the fundamental

parameters of such a star is important.

6.3.1 Historical background

The binary nature of this Cepheid was first discovered by Coulson (1983b). Photometry

taken at the time allowed the period P = 18.1653 days, to be refined and the variation

in the gamma velocities indicated that it was part of a binary system. From this data

Coulson showed that the radial velocity variations of YZ Car could be fitted with an

orbital curve based on the following elements: an orbital period P=850 days, e=0.13,

ω=239◦, K=9.4 km s−1 and Γ=1.0 km s−1. However given the coverage and method

applied he felt a complete solution for the orbital elements should await further data.

YZ Car was examined by Evans & Butler (1993) using IUE and from the very weak

spectrum obtained, they determined that the spectrum of the companion to YZ Car had

a spectral type earlier than mid A-type and an upper limit likely to be of late B-type. The

best fit to the data indicated that the companion was similar to that of a main sequence

star between B8 V and A0 V, giving a mass range from 2.2–2.9M�.

From evolutionary models the mass of YZ Carinae was estimated at 8.7 M�, from the

mass-luminosity relation of Becker et al (1977) and assuming no convective overshoot,
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Table 6.6: Fundamental parameters for YZ Carinae.

HD 90912

JDmax + Period 2443953.850 + 18.165573d

Celestial coords (2000) :

R. A. (α) 10h 28m 16.85s

Dec. (δ) −59◦ 21′ 00.68′′

Galactic coords (2000) :

Long. (l) 285.58◦

Lat. (b) −1.39◦

Parallax (mas) 1.79 ±1.03

Distance (pc) 559

Proper motion :

α (mas yr−1) −5.24±1.00

δ (mas yr−1) 2.04±0.94

VR mean (km s−1) 1.1

V 8.714

MV −4.86

B − V +1.170

E(B − V ) 0.396

Spectral type G5

as well as using the absolute magnitude MV = −5 and a bolometric correction from

Flower (1977). These evolutionary tracks were recognised as giving a larger mass for a

given luminosity than tracks which include core convective overshoot, so this value could

be interpreted as serving as a likely upper limit. The models of Becker et al (1977) have

been replaced by models using the OPAL opacities (1995) which have substantially higher

opacity than those used in 1977. This causes the convective cores to be larger at a given

mass and mimics the effect of overshoot in the Becker et al models.

With the deduced spectral type of the companion giving a mass of between 2.2 and 2.9

M�, it was possible to place further limits on the Cepheid mass, and the consistency of

those limits, when combined with the parameters from the orbital solution.

6.3.2 Current analysis

Radial velocity observations obtained from MJUO since 1992 yield solutions with periods

of between 677–712 days. These solutions have a wide range of eccentricity due to the

relatively small number of data points.
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Figure 6.6: The pulsational and orbital solution for YZ Carinae using

a simultaneous method to determine the pulsation and orbital velocities.

The data has been weighted for the purposes of this analysis. The radial velocities

obtained at MJUO have been given a weight of 1.0, while Coulson (1983) data was given

a weight of 0.5. In Figure 6.6 the simultaneous fitting of the pulsation and orbit of YZ

Carinae is shown, along with the residuals to the calculated orbit. There appears to be

some structure in these residuals, but much of this is believed to be due to the data

sampling.

Figure 6.7 presents the radial velocity data from Coulson (1983b) and MJUO in a new

solution for the orbit. The orbital parameters calculated from the best solution adopted

are presented in Table 6.7.

Panel (a) of Figure 6.7 shows the fit to the pulsational velocities, while panel (b) gives

the fitted orbit to the orbital velocities. The various epochs of the data are split between

panels (c) which displays the data from Coulson (1983b) and Pont et al (1994) to (d) which

displays the MJUO orbital velocities. The residual velocities to the fitted orbital solution

are shown in panel (e) and indicate that better data sampling is still required. Though the
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Figure 6.7: The pulsational and orbital solution for YZ Carinae using

an iterative method to determine the pulsation and orbit velocities, with the

data at each epoch fitted by the adopted orbital solution.



120 Chapter 6. The Binary Cepheids

Table 6.7: Orbital parameters for YZ Carinae.

Period (P) 657.3±0.3d

eccentricity 0.139±0.03

K 9.96±0.4 km s−1

Γ +0.02±0.2 km s−1

T0 2442249.9±9d

ω 116.0±5◦

a sin i 89× 106km

fmass 0.066M�

scatter may also indicate other possibilities, YZ Car may have undergone cycle-to-cycle

variations, or period variations, over the 20 years of observations. Certainly the residuals

in the data indicate that something peculiar was occurring in this system.

The mass function from this solution yield similar values to that determined by Coulson

(1983), namely fmass = 0.071 M� (see Figure 6.8), from which limits on the likely mass

for YZ Car can be estimated. The possible mass range for the companion provides an

effective lower limit for the Cepheid mass while evolutionary models can indicate a likely

upper limit on the mass for which the Becker et al (1977) limit of 8.7M� is marked.

Because YZ Car is one of the more luminous and larger Cepheids in the sample, and

the short orbital period indicates that the stars orbit quite close together, the question

must be asked: Is (or has) the Cepheid filling (filled) its Roche lobe either now or at any

previous stage of its evolution? This question was first raised by Coulson (1983) and he

concluded that with the likely companion types and the size estimated for the Cepheid,

that Roche lobe overflow was unlikely. Evans & Butler (1993) re-examined this possibility

using the orbital solution determined by Coulson (1983) and the additional information

on the companion from the IUE spectrum obtained. They also concluded that Roche lobe

overflow is unlikely to have occurred.

Using the new orbital solution derived here, and since the IUE observations confirm

that the companion to YZ Car is a main sequence star and not a giant companion, is

it still unlikely that YZ Car has overflowed its Roche lobe either now or in the past?

Using the orbital period, the estimated masses of the Cepheid and the companion and

applying Kepler’s Third Law, the separation between the two stars can be calculated. If

the Cepheid mass of 8.7M� from the Becker et al (1977) tracks can be used as an upper

limit, and the likely maximum mass for the companion is 2.9M�, then the separation

of the stars is about 6.6 AU. Iben and Tutukov (1994) provide a simple formula for the

approximate Roche lobe radius as a function of the masses of the two components and

the separation between the two stars:
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Figure 6.8: The mass function for YZ Carinae.

RL ∼ 0.52×
(
M

Mtot

)0.44

× separation, (6.1)

where RL is the Roche lobe radius of the component, M is the mass of the component

and Mtot is the total mass of the system. Therefore using all that is now known about

this system, the Roche lobe radius for the Cepheid is 3.0 AU (650 R�). From the Becker

(1981) models, the radius of a 9 M� star during the second crossing of the instability

region is 100 R� or less. More importantly, during the preceding red-giant phase its

radius was 220 R�. So the supergiant (Cepheid) does not overflow its Roche lobe for the

orbit at either stage.
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Table 6.8: Fundamental parameters for AX Circini.

HR 5527

HD 130702

JDmax + Period 2438199.325 + 5.2734d

Celestial coords (2000) :

R. A. (α) 14h 52m 35.26s

Dec. (δ) −63◦ 48′ 35.38′′

Galactic coords (2000) :

Long. (l) 315.83◦

Lat. (b) −4.01◦

Parallax (mas) 3.22 ±1.22

Distance (pc) 311

Proper motion :

α (mas yr−1) −10.05±1.14

δ (mas yr−1) −4.11±0.85

VR mean (km s−1) −25.5±5.6

v sin i (kms−1) 12.0

V 5.887

MV −3.30

B − V +0.743

E(B − V ) 0.153

Spectral type F8II+

6.4 AX Circini

6.4.1 Historical background

AX Circini, a short period (5-day) Cepheid is a known binary. Jaschek & Jaschek (1960)

noted that AX Cir has a composite spectrum and deduced from an ultraviolet spectro-

graphic classification that the companion to AX Cir was probably a late B-type star. AX

Cir was noted by Lloyd Evans (1968) to have been discovered to be a Cepheid by the

Bamberg observers at Bloemfontein (1964 & 1966) and was a suspected but unconfirmed

visual double star. Observations of AX Cir by Lloyd Evans (1968) allowed him to de-

termine that the companion to AX Cir was relatively brighter than the companion of

AW Per. From this he deduced that AX Cir B may be a giant star rather than a main

sequence star as assumed from the observed colours and depth of the Caii K line. The

blue spectrum gave a spectral type for AX Cir B of B8, while other data indicated a B4V
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star.

Using the available data Lloyd Evans (1982) showed that there was a continuing slow

change in gamma velocity since his first observations in 1964. The companion to AX

Cir was visible in spectra taken in the region of 3400–4000Å. The lines of the Cepheid

appeared washed out and the broad hydrogen lines of the B star were apparent, but no

sharp measurable lines were present. The spectral type of the companion was estimated

at B4 if it was on the main sequence. The apparent difference in magnitude between the

stars is ∆V ∼2.5 mag.

Bohm-Vitense and Proffitt (1985) noted that the UV photometry indicated that the

companion to AX Cir may be brighter than the Cepheid and that if this was indeed the

case then it was quite possible that the AX Cir system may exist in a region of low UV

extinction. They found the companion to AX Cir was identifiable from IUE spectra. The

companion appeared to be a main sequence B star and that the mass was likely to be

slightly lower than that of the Cepheid. For evolved companions we know that their mass

can be at most 10% less than that of the Cepheid and hence they must fit on nearly the

same evolutionary track as that of the Cepheid.

Bohm-Vitense and Proffitt looked at the effects of metallicity and noted that AX Cir

could be on its second crossing of the instability strip to match well with evolutionary

theory for solar metallicity. When a lower metallicity was assumed, AX Cir appears to

be on its first crossing. They estimated the likely mass range for the Cepheid, based on

evolutionary models, and found that the most likely mass would be somewhere between

4.1 and 6.1M�.

Szabados (1989) provided the only estimate in the literature on the suspected orbital

period of AX Cir, with a period of 4600 days. This was derived from the fitting of a

sinusoidal term to the O–C for the residuals of the time of maximum light from the

photometry. The extrema of all the observed gamma velocities corresponded to the full

amplitude of the gamma velocity variation yet showed a continuous decrease in gamma

velocity. Pont et al (1994) noted that AX Cir has had its radial velocity measured many

times since Lloyd Evans. For AX Cir, they adopt −25.5km s−1 as an estimate of the

systemic velocity of the system using the extrema of −17.7km s−1 in Lloyd Evans (1968)

and −33.3km s−1 in Lloyd Evans (1980).

Evans (1992) undertook a survey of Cepheid companions in the ultraviolet using IUE.

Combining IUE archival spectra and new observations, she examined the frequency of hot

companions around Cepheids brighter than 9 magnitude. Evans (1994) examined the IUE

data on Cepheids with companions that are evolved but still on the main-sequence. She

found that the spectral type of the companion to AX Cir from IUE spectra to be a B6.0

V star, with Teff = 14750K from Bohm-Vitense & Proffitt (1985). Evans (1994) notes

that AX Cir has one of the lowest mass Cepheids in her sample. AX Cir therefore helps

to constrain the location of the blue loops for the faint end of the Cepheid instability



124 Chapter 6. The Binary Cepheids

strip. Evans (1994) found that the companion AX Cir B falls within the very narrow

main-sequence band of the Becker evolutionary tracks with no convective overshoot. The

luminosity difference between the two stars was small, with mV Cepheid = 5.23 and mV

companion = 6.91. AX Cir A pulsates in its fundamental mode, and AX Cir B clearly

sits above the ZAMS when plotted on the Becker (1981) tracks. A Fourier analysis of

the light curve (Mantegazza & Poretti 1992) of AX Cir indicated it was a fundamental

mode pulsator. From its position in evolutionary diagrams, AX Cir B is near the end of

its main-sequence lifetime and fits well with the 5 M� evolutionary track of Becker et al

(1977) and 3.8M� for the Harmanec (1988) tracks (Evans 1995).

6.4.2 Current analysis

Observations of AX Cir have been obtained from MJUO for over a decade with the

most recent series of observations obtained during the observational part of this thesis.

Together with radial velocity data available in the literature, which goes back ∼20 years,

an orbital solution has been determined. In Figure 6.9 the solution for the orbit of

AX Cir is presented using the data contained in this thesis, previous MJUO observations,

CORAVEL data (see Andersen et al 1985), and SAAO data (see Lloyd Evans 1968, 1980).

The orbital parameters are listed in Table 6.9.

Panel (a) of Figure 6.9 shows the fit to the pulsational period. The pulsational curve

is well sampled at all phases by both the MJUO and the Lloyd Evans (1980) data. The

pulsational velocities appear to have remained stable over time with no significant changes

in the shape of the pulsation curve. It should be noted that there is higher precision in

the MJUO data (see residuals in panel (e)).

Panel (b) presents the orbital solution obtained in this work. The orbit has been

sampled at most phases with adequate coverage for such a long period orbit. The solution

to the orbit is dependent on the two earliest MJUO radial velocities obtained which

constrain both the orbital period and eccentricity. The variation in orbital parameters is

not great with the orbital period changing by a few hundred days and the eccentricity

remains similar to the value found here. The MJUO data was weighted with a value of

1.0, since our data is of higher precision to that of Lloyd Evans, which we weighted at 0.5.

Also based on our experience with the S Mus data we also applied a velocity correction

to bring Lloyd Evans data to the same scale as the MJUO data. It is assumed that the

CORAVEL data is on the same velocity scale as the MJUO data. It is expected over

time that the orbit will continue to be refined, particularly over the phases covered by the

Lloyd Evans data and the minimum of the orbital curve.

The additional panels (c) and (d) of Figure 6.9 present the orbital component of the

radial velocity data and fitted orbital solution for the times at which they were obtained.

Panel (c) shows the Lloyd Evans data in greater detail with the blue symbols being the
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Figure 6.9: Pulsational and orbital characteristics and the distribution of

radial velocity data with time for the binary Cepheid AX Cir. Data are: ◦,
Lloyd Evans (1968, 1980); M, Andersen et al (1985); +, MJUO.
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data from Lloyd Evans (1968) and the green the data from Lloyd Evans (1980). Panel

(d) shows the contemporary data, where the cyan triangles are CORAVEL observations

of Andersen et al (1985) and the MJUO data is represented by the red and magenta

pluses. The maximum of the orbit has been well characterised by the MJUO data and

the eccentricity has been well established. Panel (e) indicates the residual velocities to

the fitted orbital solution at all epochs.

The orbital period of ∼18.1 years makes this one of the longer binary systems with

a Cepheid known and is 50% longer than the estimate of Szabados (1989) based on his

approximation to the O–C diagram.

Table 6.9: Orbital parameters for AX Circini adopted from the best fit

solution.

Period (P) 6532d ± 25

eccentricity 0.19 ±0.02

K 10.0 km s−1±0.5

Γ −22.3 km s−1±0.6

T0 2448500.3d±60

ω 230.5◦±8

a sin i 907× 106km

fmass 0.68M�

From the orbital parameters limits to the Cepheid mass can be made using the mass

function derived from the orbit. For the B6V companion deduced for this system (Evans

1994) a mass of 4 M� was deemed appropriate, and given that the Cepheid is the more

evolved star and assuming a mass loss of no more than about 10%, the Cepheid should

have a mass equal to or greater than that of the companion. From the orbital solution we

can also place some upper limits on the mass range. The mass function for the system

is known and making assumptions on the most likely masses for the companion we can

see that for a 4M� companion the Cepheid will have an upper mass limit of 5.4M�.

For a more massive companion the mass of the Cepheid can range up to 9.8M� for a

companion of 5.5M�. However, given the short period of this Cepheid and its position

on the Hertzsprung-Russell diagram the mass is extremely unlikely to be above 7M� and

indeed the pulsational period suggests a mass closer to 5M�.

Further limitations on the possible mass of AX Cir can be imposed by showing the

location of AX Cir on an evolutionary diagram, which can then be compared to evolu-

tionary tracks. When we do this we see that AX Cir sits close to the 5M� evolutionary

track in many models (see Figure 6.23). The result presented here is in line with Evans’

(1995) value of 5.6M� for the Cepheid.
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Figure 6.10: The mass function for AX Circini. The range of masses for

AX Cir A are constrained by the mass of the companion star, the constraint

of the mass function.

6.5 BP Circini

6.5.1 Historical background

HD 129708 or BP Circini was discovered by Kurtz (1979) while in the course of a pho-

tometric search for δ Scuti stars. BP Cir was identified as a new, bright, short period

Cepheid which has a low amplitude light variation and a period of 2.39840 days. The

spectral classification for BP Cir from Houk & Cowley (1975) suggested possible chemi-

cal peculiarities, which may have implications for the evolutionary history of the system.

This may be due to a composite spectrum with the companion star.

The first radial velocity measurements were obtained by Balona (1981). He obtained

a systemic velocity of −15.5 ± 0.4 km s−1 and a peak to peak range of 15.0±0.6 km s−1.

Using photometry and radial velocities, the stellar radius was estimated by the maximum

likelihood method to be R = 30 ± 9R� and the ratio of the surface brightness to colour
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Table 6.10: Fundamental parameters of BP Circini.

HD 129708

JDmax + Period 2444297.03 + 2.39819d

Celestial coords (2000) :

R. A. (α) 14h 46m 41.98s

Dec. (δ) −61◦ 27′ 42.99′′

Galactic coords (2000) :

Long. (l) 316.25◦

Lat. (b) −1.61◦

Parallax (mas) 0.13 ±0.88

Distance (pc) 673

Proper motion :

α (mas yr−1) −4.77±0.80

δ (mas yr−1) −4.33±0.53

VR mean (km s−1) −17

V 7.566

MV −2.31

B − V +0.710

E(B − V ) 0.235

Spectral type F2/F3II

index was found to be higher than was normal for Cepheids. This together with its blue

colour, was suggestive of a hot blue companion.

IUE spectra obtained by Arellano-Ferro & Madore (1985) of BP Cir found a companion

with the first spectrum obtained. They fitted the observed energy distribution of the

companion and the Cepheid with Kurucz model atmospheres and estimated that the

companion was best fitted by Teff = 16 000± 1000K and log g = 4.0± 0.5, compared with

Teff = 7000 ± 500K and log g = 2.0 ± 0.5 for the Cepheid. The spectral types predicted

from the model temperatures gave B4-5 for the hot companion and F3-4 for the Cepheid.

The magnitude difference was estimated to be ∆V = 2.4m ± 0.2 between the two stars.

Assuming that the hot companion was on the main-sequence they derived a Cepheid

absolute magnitude of MV = −3.0m ± 0.3. When plotted on an H-R diagram the two

stars were close to the evolutionary track for a 5 M� star, with the primary being only

moderately more massive than the secondary. The secondary was consistent with a star

having evolved away from the ZAMS.

Obtaining additional IUE spectra, Evans et al (1992) re-examined BP Cir as part of

a programme to examine Cepheids with binary companions. The companion completely
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dominated the region from 1200 - 2000Å, so the spectral type was determined by com-

paring the IUE spectra of BP Cir with stars of known spectral type. The companion, BP

Cir B, was best matched by a B6.0V type star and when compared with Kurucz model

atmospheres of different temperatures, log g = 4.0 was the best match for the temperature

15 000 K. This was in good agreement with a B6V star and using the temperature cali-

bration of Flower (1977) they estimated log T = 4.176± 0.015. The magnitude difference

between the two stars then became ∆V = 1.88m, which was smaller than that found by

Arellano-Ferro & Madore (1985).
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Figure 6.11: Period of BP Circini. (a) shows the data using the pulsational

period originally determined by Kurtz (1979). The data doesn’t phase well

indicating that the pulsation phase has not been sufficiently well determined

or a period change has occurred. (b) shows the data phased to the new period

determined from the radial velocities.

The mass of a B6.0V star, using the mass compilation of Harmanec (1988), was esti-

mated to be 3.8M�. However, since its temperature has decreased it must have evolved

off the ZAMS and be nearing the end of its main sequence lifetime. Therefore the above
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mass must be a lower limit for the companion. This agrees with the small luminosity

difference found for the pair.

BP Cir was identified as an s-Cepheid, pulsating in the first overtone mode, by Antonello

et al (1990), on the basis of Fourier decomposition of its light curve. Further evidence

was provided by the colour of the Cepheid, which together with the absolute magnitude

derived from the P-L-C calibration put BP Cir on the blue edge of the instability strip.

This is the region where overtone or double mode pulsators are observed to be located.

If BP Cir is an overtone pulsator then a fundamental period of 3.4 days is appropriate

and the resulting absolute magnitude would be −2.93 mag. If the Cepheid is an overtone

pulsator then logL would increased by 0.21, which also increases the luminosity of the

companion putting it above the ZAMS. This gave better agreement with the observations

due to the small luminosity difference between the two stars.

The absolute magnitude (MV ) of BP Cir was redetermined using the P-L-C calibration

of Feast & Walker (1987) to be −2.39.

Overtone pulsation also agrees better with the evolved state of the companion. The

mass inferred for the Cepheid using the mass luminosity relation from the Becker evolu-

tionary tracks was 4.4M� for fundamental mode pulsation (Becker et al 1977) and 5.0M�

for overtone mode pulsation.

6.5.2 Current analysis

Published radial velocity observations of BP Cir consist solely of those obtained by Balona

(1981). Adding to these observations were three series of observations obtained at different

epochs from MJUO. The epochs of these observations can be seen in Figure 6.12, which

provide a well defined pulsational curve. The gamma velocities however show more scatter

than is desirable and any orbital motion awaits further observations to clarify even the

most basic parameters. The MJUO observations indicate a continuing decrease in gamma

velocities, with the mean gamma velocities −14.7km s−1 (Balona 1981) and the MJUO

data, −17.5km s−1, −18.2km s−1 and −19.0km s−1. The extent of the gamma velocity

variation has yet to be determined though it exceeds 5 km s−1 and so a long orbital

period is possible.

Examining the MJUO observations it became apparent that the period for the pulsation

was no longer the published value (see Figure 6.11). The period was originally determined

from the observations of Kurtz (1979) and they do not appear to have been refined since.

Using the radial velocity data that now covers a period of ∼20 years it was possible to

revise the pulsation period. Plotting the data in pulsational phase only it was apparent

that the earliest and most recent observations are out of phase by ∼0.35 (Figure 6.11a).

The best fit was determined by varying the pulsational period to give the smallest residual

error. The epochs of the observations do not define any sort of orbital solution but a new



6.6. T Monocerotis 131

42000 43000 44000 45000 46000 47000 48000 49000 50000 51000
−22

−20

−18

−16

−14

−12

−10

−8

JULIAN DATE − 2400000+

G
am

m
a 

V
el

oc
ity

 (
km

/s
)

0 0.2 0.4 0.6 0.8 1 1.2 1.4 1.6 1.8 2
−15

−10

−5

0

5

10

15

PULSATIONAL PHASE

V
 (

km
/s

)

BP Cir : Pulsational Velocity

(a)

(b)

Figure 6.12: Pulsation and gamma velocities for BP Circini. The

circles are the data from Balona (1981) and the pluses are the data obtained

from MJUO.

pulsational period of 2.39819d ±0.00005 was determined.

6.6 T Monocerotis

6.6.1 Historical background

Wallerstein (1972) examined the behaviour of various lines of different species in T Mon

over a complete pulsation cycle. Hα was observed to undergo changes which he described

as being relatively well represented by the Hα profile having two components, one in

emission, the other in absorption. The metallic lines of Siii, Feii and Baii also demon-

strate line level effects as expected for a shock (or travelling) wave passing through the

atmosphere. Wallerstein concluded that the observed behaviour of the Hα profile in T

Mon seems to have little to do with the pulsation of the photosphere.
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Figure 6.13: Radial velocities obtained with the Series 200 CCD for

T Monocerotis

To determine the size of T Mon, Balona (1977) applied the method of maximum like-

lihood and found the radius to be ∼ 111R�. Barnes et al (1977) determined the distance

to T Mon to be 1755 ± 237pc and calculated a radius of 183R�. As one of a number of

calibrating Cepheids, Feast & Walker (1987) used T Mon in their derivation of the various

Period-Luminosity relations, noting that it was part of the Mon OB2 association. T Mon

was identified as belonging to the association Mon OB2 by Gieren (1988), which has a

distance modulus of '11.0 implying a distance of ∼1600pc.

Observations with the IUE satellite by Mariska et al (1980) found a previously unsus-

pected companion to T Mon. They observed that the system’s short wavelength ultravi-

olet flux remained steady, while at slightly longer wavelengths the ultraviolet flux varied

in phase with the pulsation of the Cepheid. They attributed the steady short wavelength

UV flux to the presence of a companion with a temperature of 10 000 K. This temperature

was consistent with a companion star of spectral type A0V, which has a visual magnitude

of 11.4m and in close proximity to the Cepheid. Bohm-Vitense & Proffitt (1985) found

the companion to T Mon had Teff = 9600 K and a luminosity of logL/L� = 1.86, placing
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Table 6.11: Fundamental parameters for T Monocerotis

HR 2310

HD 44990

JDmax + Period 2432245.36 + 27.0205d

Celestial coords (2000) :

R. A. (α) 06h 25m 13.00s

Dec. (δ) +07◦ 05′ 08.57′′

Galactic coords (2000) :

Long. (l) 203.63◦

Lat. (b) −2.56◦

Parallax (mas) 0.42 ±1.64

Distance (pc) 2400

Proper motion :

α (mas yr−1) 2.85 ±1.08

δ (mas yr−1) −1.49±0.82

VR mean (km s−1) +27.0 ±2 V

V 6.185

MV −5.36

B − V +1.254

E(B − V ) 0.209

Spectral type G3Iabvar

the companion near the ZAMS.

The binary nature of T Mon was confirmed by Coulson (1983) from a careful comparison

of data spanning 80 years. The data does not yet cover a full orbital cycle, so an orbit

has yet to be determined. Szabados (1981) interpreted the existence of a second order

wave in his light maxima arrival time (O–C) diagram as due to the Doppler effect arising

from orbital motion. His analysis suggests an orbital period for T Mon of about 100yr.

Gieren (1989) obtained observations of T Mon which improved the estimates of the

orbital period and the semi-amplitude of the orbital radial velocity curve. Gieren derives

an orbital period of 175 yr for T Mon, based on the belief that the orbit has been half

covered by the observations to date. Observations by Bersier et al (1994) using the

CORAVEL spectrophotometer which, when combined with existing data, agreed with

the solution of Gieren (1989).

Evans & Lyons (1994) examined T Mon and its companion. Their observations showed

that the orbital velocity curve for T Mon was still decreasing at the time of their obser-

vations. IUE observations allowed them to deduce that the companion was a B9.8V star
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from comparison with standard main-sequence low resolution spectra.

New velocities obtained by Evans et al (1999) of T Mon showed that though the full

orbit has yet to be covered both the maximum and minimum orbital velocities have been

determined. They noted that the period of pulsation has been continually increasing since

the beginning of the 20th Century, with an abrupt period change occurring fairly recently

(approximately HJD 2445700). The period change in T Mon was important because the

change of 0.0005d was large even for long-period Cepheids. Evans et al (1999) discussed

how well the pulsational and orbital components of the radial velocities can be separated

using data from such a wide variety of sources over a prolonged period of time. They found

among their own data that the uncertainty was randomly scattered '2 km s−1 about the

mean. The velocities of the companion appear to be inconsistent with pure binary motion

and would seem likely that the companion itself is a binary in a short-period orbit.

6.6.2 Current analysis

This analysis provides additional data to add to the set of data available for this long

pulsational period Cepheid. The orbit period is exceeding long and the orbit has yet to

be convincingly covered at the key phases, insight into this system will be limited.

The earliest radial velocities are by Frost (1906), which provide the key data points in-

dicating an orbital period of ∼80 years. Observations obtained by Sanford (1927), using

the 60-inch and 100-inch reflectors at Mt. Wilson during the period 1917-1927, provide the

first pulsational velocity curve and the most reliable early orbital data points. Sanford’s

radial velocities were obtained from absorption lines between 4215Å and 4571Å together

with Hδ and Hβ. In addition to providing a complete radial velocity curve, these obser-

vations showed that the spectral class varied from G4 to G9.

Observations by Sanford (1956) of T Mon during the period 1946-1952 used lines of Fei,

Feii, Tiii, Srii and hydrogen. Though in a different spectral region they are similar species

of lines to those used in this thesis. His study showed that there was some variation in the

velocities for the various lines when compared to the Fei velocities. A similar variation

was observed in the MJUO observations though the phase coverage was incomplete. The

most pronounced variation occurred prior to the pulsational velocity minimum, producing

mostly positive velocity residuals in the lines.

The observations obtained during this thesis provide a good overview of the general

shape and characteristics of the pulsational velocities of T Mon. A well sampled curve is

presented in Figure 6.14 when all the available data was combined, which can be compared

with the MJUO velocities in Figure 6.13. The MJUO velocities provide evidence of the

reality of the double hump in the pulsational velocity curve first suggested by Gieren

(1989), which may be the effect of a strong travelling wave in the atmosphere. Since it

is clearly visible in the raw data, it cannot be an artifact of the Fourier fit applied as
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surmised by Gieren (1989).
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Figure 6.14: Pulsational and orbital characteristics for T Monocerotis

It has been recognised that in an atmosphere with high amplitude pulsation lines form-

ing at different heights in the atmosphere can have different velocities if the layers do not

expand and contract in unison. T Mon, as a high-amplitude Cepheid, has demonstrated

this effect (Sanford 1956; Wallerstein 1972) with the observed line level effects.

In determining the orbit for T Mon, it is important to know how accurately the pulsa-

tional velocities from the many instruments and techniques can be combined to determine

the orbital motion. With such a wide variety of sources, many of which were obtained

photographically at medium to high resolution, there was considerable difficulty. As can

be seen in Figure 6.14 the data sets show scatter of ∼10 km s−1 allowing a variety of orbits

to be fitted, as well as the separation of the pulsational and orbital component velocities

to remain in question. However, there was no apparent change in the scatter as a func-

tion of pulsational phase. This indicated that the separation of velocities components was

robust.
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Table 6.12: Weights and corrections applied to T Monocerotis data

Source Weight Correction

Frost (1906) 0.01 −1.0 km s−1

Sanford (1927, 1955) 0.05 +0.5 km s−1

Coulson (1983) 0.5 +1.7 km s−1

Griffin (see Coulson 1983) 0.1 −0.8 km s−1

Barnes et al (1977) 0.5 +0.0

Wilson 0.5 +0.0

Gieren 0.5 +0.0

Bersier 1.0 +0.0

Evans & Lyons 1.0 +0.0

Evans 1.0 +0.0

Kiss 1.0 +0.0

MJUO 1.0 +0.0

The data was weighted according to the time of observation and instrumentation. Some

of the data were given correcting factors to place the velocities on the same velocity scale

as the most modern data. The earliest data from Frost was weighted the lowest and

given a small correction factor. The data obtained photographically was given a medium

weighting and small corrections were mostly required. The modern data was given the

same maximum weighting and was presumed to be all on the IAU scale (see Table 6.12).

No suitable orbital solution were able to be determined, with the orbital periods ranging

from ∼75 years with 2 of the 3 Frost observations tying down the orbital period. If those

observations were omitted out the orbital period was free to range over hundreds to

thousands of years. The mass function for the system however, can be estimated by

adopting lower limits for the period and velocity semi-amplitude. If the lower limit for

the period was taken as 90 years, the semi-amplitude velocity as 7 km s−1, and we assume

the companion to have a low mass typical of a main sequence star, the mass function

that these parameters suggested, indicate that the inclination of the system must be close

to 90◦ and the eccentricity large. However, this result is at odds, with the apparent low

eccentricity of the system. Also the companion has been noted to have an evolved nature

when plotted in evolutionary diagrams. The magnitude difference between the stars also

excludes this result. This system will therefore have to wait for additional observations,

particularly of the companion, to solve this conundrum.
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Table 6.13: Orbital parameters for T Monocerotis from the

Period (P) 31604±2000d

eccentricity 0.408±0.05

K 7.03±1.5 km s−1

Γ +33.3±2.1 km s−1

T0 2448728d±1500

ω 194◦±20

a sin i 27.89× 108km

fmass 0.8678 M�

6.7 Y Ophiuchi
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Figure 6.15: MJUO radial velocities for Y Oph
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Table 6.14: Fundamental parameters for Y Ophiuchi

HR 6661

HD 162714

JDmax + Period 2434921.49 + 17.1233d

Celestial coords (2000) :

R. A. (α) 17h 52m 38.70s

Dec. (δ) −06◦ 08′ 36.88′′

Galactic coords (2000) :

Long. (l) 20.60◦

Lat. (b) +10.12◦

Parallax (mas) 1.14 ±0.80

Distance (pc) 880

Proper motion :

α (mas yr−1) −0.70±1.08

δ (mas yr−1) −5.09±0.60

VR mean (km s−1) −6.6±0.9 V

V 6.182

MV −4.78

B − V +1.388

E(B − V ) 0.655

Spectral type F8Iab

6.7.1 Historical background

Y Ophiuchi was discovered to be a classical Cepheid by Sawyer in 1888. Early spectro-

scopic observations by Albrecht (1907) allowed him to determine that the amplitude for

Y Oph was only 17 km s−1, low for a Cepheid. The velocity curve was sinusoidal in shape

and Albrecht suggested that there may be irregularities in the velocity curve. Y Oph

shows irregularity in the light curve similar to that observed in W Sgr. Shapley (1916)

observed Y Oph and found that the spectral type varied from F5 to G3 over the pulsation

cycle.

The observed light, colour and radial velocity curves were noted by Abt (1954) to be

anomalous for a 17 day Cepheid, with the observed variation being half the range of

other classical Cepheids for the same period. A Wesselink analysis was performed which

found a mean radius of 71 R� (minimum radius 67 R�, maximum radius 75 R�). The

mean spectral type was G0.2 with a temperature of 4920 K, giving MBol = −4.0. Y Oph

therefore appeared to be 1.0m fainter than was typical for a normal 17 day Cepheid, a
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result which suggests it may be similar to a Population II star. However, because of the

small mean radial velocity, low galactic latitude and a lack of W Virginis characteristics,

it does not appear to be a Population II star.

There are many peculiarities to this Cepheid and it does not readily fit into any ac-

ceptable classification scheme. Maines (1963) also suggested that Y Oph may be a Type

II Cepheid star, whose abnormally low temperature and small amplitude prevent the

appearance of line doubling and hydrogen emission typical of its period. However, Payne-

Gaposchkin (1954) regarded Y Oph as an aberrant Type I Cepheid and it has been noted

that the period was variable by Balona (1977).

Variation in the gamma velocity from radial velocity observations led Abt & Levy (1978)

to conclude that the variations were consistent with binary motion. They obtained spectra

between 1970 and 1977, in which they determined a new ephemeris (JD 2434921.49 +

17.12326E). Close examination of the gamma velocities indicated a period of 2600 days

which, if combined with Sanford’s 1933 radial velocity minimum, gave a period 2612

days from data extending over a time period of ∼ 15000 days. If any companion exists

it neither contaminated the spectrum, nor the photometry, of Y Oph. The available

evidence indicates that no companion would appear to be responsible for the small range

in light, colour and radial velocity for this Cepheid.

To confirm the presence of a companion, Evans & Lyons (1986) obtained radial velocities

to detect any orbital motion. They found that the radial velocities were in agreement with

the amplitude of pulsation, but no evidence for binary motion could be found within the

errors.

Studying the available photometry and radial velocities, Szabados (1989) performed a

period analysis which suggested that a companion may exist with an orbital period of

1222.5d. The scatter for the derived orbit remained substantial and his analysis of the

photometry indicated that the period may have undergone phase jumps. These phase

jumps could be interpreted as being due to a binary companion.

IUE spectra obtained by Evans (1992) did not detect any spectroscopic companion to

Y Oph. This result indicated that if any companion exists the spectral type must be later

than A0.

An analysis of the spectral lines by Albrow & Cottrell (1994) showed that the asymme-

try of the metallic lines was peculiar. For almost the entire pulsation cycle the asymmetry

of the absorption lines were found to be in the same direction as expected just for inward

motion.

In a study using new and existing photometry, Fernie et al (1995) showed that the light

amplitude has declined at a rate similar to the average rate of Polaris’ amplitude decline.

The period was found also to have changed smoothly without any sudden jumps, or phase

offsets, during the last half century. Their O–C diagram shows that the period changes

were best described by a quadratic ephemeris,
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JDmax = 2440007.720 + 17.1250E + 1.94 ×10−6E2

the derivative of which gives,

P = 17.12507 + 3.88 ×10−6E.

This result was similar to the single period found using the same data. When pre-

photoelectric maximum light data were added, the ephemeris could be fitted with a cubic

representation, but the added accuracy was below the observational “noise”.

6.7.2 Current analysis
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Figure 6.16: All radial velocities for Y Oph, + are the MJUO data points,

2 Coulson & Caldwell 1989, * Barnes et al 1987, ◦ Lloyd Evans 1968, 1980, 3

Abt 1954, Abt & Levy 1978.

The observations obtained during this thesis are presented in Figure 6.15 and show that

Y Oph was observed to have an atmosphere that gently rises and falls as the star pulsates,

similar to that observed by Wallerstein et al (1992). They noted that the atmosphere
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was well-behaved, with Hα only having a slightly larger velocity near its maximum and

agreeing well with the metallic lines at other phases. Further analysis of the behaviour of

the lines in Y Oph spectra are discussed in Chapter 7.

The recent series of observations from MJUO were used to look for evidence of orbital

motion. The observations were fitted by a Fourier fit and the residuals examined for any

periodicity. The observations covered a period of time greater than the suspected orbit

from Szabados (1989) and they do not show any evidence of orbital motion greater than

∼500 ms−1. This result brings into question whether the longer orbital solution of Abt &

Levy (1978) was real.

To search for a possible orbital solution with a longer period, additional data was added

to the MJUO data set. The data was weighted and corrected for velocity differences

between the various sources. Many attempts were made to determine if the data showed

any orbital motion. However the scatter was random and no solution with an amplitude

greater than the standard error was found. Indeed from an examination of Figure 6.16 the

observations are consistent with purely observational error, with the scatter essentially

similar at all phases.

Y Oph is most likely a solitary star based on the photometry and radial velocities

available. The reports of changes in the shape of the radial velocity curve are of doubtful

significance.

6.8 V636 Scorpii

6.8.1 Historical background

V636 Scorpii is a classical Cepheid with a period of 6.8 days. The first indication of the

binary nature of this star was by Feast (1967) who found that the gamma velocity of

his observations in 1964 was 20 km s−1 different from that observed by Stibbs in 1951-

1952. Spectra gathered by Lloyd Evans (1968) allowed him to provisionally determine

that V636 Scorpii was a spectroscopic binary with a period of 3.5 years (∼1300 days),

e > 0 and K ∼10 km s−1. He collected additional observations and presented the first

orbital solution (Lloyd Evans 1982). From his solution he suggested that V636 Scorpii

had a blue companion, which was more than 4 mag fainter in V , or it would be detectable

by UBV photometry. The mass estimated for this companion was ∼2.2M� for ∆V =

5.0. Assuming this secondary mass allowed an upper limit to the mass of the Cepheid to

be determined. For V636 Sco the estimated mass was 4 M�.

A spectrum of the companion was obtained by Bohm-Vitense (1985) using IUE. This

spectrum showed that the companion was best fit by a model star of temperature 9400 K

and MV = 1.25. Calculating the companion radius allowed a distance of 577pc to V636

Sco to be determined. The distance modulus calculated using the Cepheid was +0.5
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Figure 6.17: MJUO radial velocities for V636 Sco Three epochs of data

are shown covering three separate phase ranges of the orbit for V636 Sco.

mag over that for the companion. Reanalysing the spectrum, Bohm-Vitense & Proffitt

(1985) derived a radius for the companion of 2.12R�, MV = +1.11, MBol = +0.99 and a

luminosity of L/L� = 1.50.

In order to determine the dynamical mass of V636 Sco Bohm-Vitense (1986) measured

the ratio of the orbital amplitudes of both the companion and Cepheid. Since the IUE

spectrum should have a contribution from the Cepheid, the velocity difference of the two

stars can be directly measured. However, the IUE observations were taken at unfavourable

times but the velocities were −5± 5km s−1 for the companion and +32.6±2.6 km s−1 for

the Cepheid. These results favoured a mass ratio of M1/M2 ∼ 2.3 ± 0.2. The mass for

the Cepheid was then 4.8±0.5M�. Although the uncertainties could well be larger, this

result fitted well with the pulsation and averaged Wesselink masses.

Spectra obtained by Evans (1992) allowed her to redetermine the spectral type of the

companion. The best fit was a B9.5V type star. Further analysis by Evans (1995) allowed

her to determine the Cepheid mass using the mass-luminosity relation. A mass of 6.0M�

best fit the Cepheid and the mass ratio M1/M2 = 2.5 for the system.
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Table 6.15: Fundamental parameters for V636 Scorpii

HD 156979

JDmax + Period 2434906.47 + 6.7966d

Celestial coords (2000) :

R. A. (α) 17h 22m 46.48s

Dec. (δ) −45◦ 36′ 51.39′′

Galactic coords (2000) :

Long. (l) 343.51◦

Lat. (b) −5.22◦

Parallax (mas) −0.45 ±0.89

Distance (pc) >2300

Proper motion :

α (mas yr−1) −2.81

δ (mas yr−1) −2.36

VR mean (km s−1) +0.8 V

V 6.662

MV −3.62

B − V +0.948

E(B − V ) 0.217

Spectral type F7/F8Ib/II

New spectra of the companion were obtained using HST by Bohm-Vitense et al (1998)

at the phases of maximum and minimum orbital radial velocity. The orbital velocity

amplitude for V636 Sco B was 29±1 km s−1 and the orbit of the Cepheid was redetermined

using new data obtained from MJUO. The Cepheid orbital amplitude was 23.3±0.6 km s−1

giving v2/v1 = 1.25. Based on its spectral type the companion has a mass of 2.5M�

(Andersen 1991) and the Cepheid a mass of 3.1±0.4 M� from the mass ratio. This was

a surprisingly small mass for the Cepheid, and they concluded that the companion V636

Sco B must also be a binary. Velocities obtained from the available ultraviolet spectra

show scatter which would be consistent with the presence of another body in the system.

6.8.2 Current analysis

This analysis adds new data and produces a new orbital solution for V636 Sco. The data

used to derive this orbital solution combines radial velocities from Stibbs (1955), Lloyd

Evans (1980) and previous and current observations made from MJUO.

The latest series of observations (1996-1998) from MJUO represent the pulsational



144 Chapter 6. The Binary Cepheids

Table 6.16: Orbital parameters for V636 Scorpii from Lloyd Evans

(1982) and Bohm-Vitense et al (1998)

Parameter Lloyd Evans (1982) Bohm-Vitense et al (1988)

Period (P) 1318d±5 1323.6d±1.2

eccentricity 0.26±0.04 0.213 ± 0.020

K 12.5 km s−1±0.4 12.19 ± 0.22

Γ +6.9 km s−1±0.3 9.09 ± 0.17

T0 2430506d±46 2430411.4 ± 20.9

ω 313◦±7 293◦± 30

fmass 0.242 0.232

velocity variations over phases 0.0 to 0.8. Figure 6.17 has three distinctive sets of data

covering three parts of the orbital curve, which cover a significant fraction of the orbital

amplitude. These observations were combined with previous MJUO observations (1991-

1994) and data from Lloyd Evans (1980) to add sufficient data points to complete the

pulsational and orbital phase coverage. The orbital velocity curve has been well sampled,

with modern observations covering the vital phases of maximum and minimum velocity

for the orbit.

Table 6.17: Orbital parameters for V636 Scorpii

Period (P) 1362.4±17d

eccentricity 0.228±0.01

K 12.62±0.09 km s−1

Γ +9.07±0.7 km s−1

T0 2434402.6±3d

ω 305.3±5◦

fmass 0.263

a sin i 2.3 ×108 km

The orbit determined here can be seen in Figure 6.18, where (a) is the pulsational

velocity curve which exhibits a small gap in coverage at the velocity peak. (b) is the

orbital curve which has been sampled at all phases. (c) and (d) show the radial velocities

from Stibbs and Lloyd Evans as they were fitted to the derived orbit. (e) plots the MJUO

radial velocities on the derived orbit showing that the velocities cover all the important

phases. The orbit would benefit from further modern observations between phases 0.8 to

0.2, which would define the shape of the orbital velocity curve more precisely. (f) shows

the residual velocities to the orbital curve which shows the improvement in accuracy

over time. The most recent series of MJUO observations show improvement on the earlier
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Figure 6.18: The orbital solution for V636 Scorpii
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MJUO observations demonstrating the precision of the new radial velocities. In Table 6.17

we present the orbital solution determined from this work as seen in Figure 6.18.

Using the HST, Bohm-Vitense et al (1998) obtained spectra of the faint companion at

the phases of maximum and minimum orbital radial velocity. The spectra were obtained

at JD 2449920.23 and 2450367.77. The velocity amplitude adopted for V636 Sco B was

29 ± 1 km s−1. If the uncertainties of the two spectra are nnbadded, the error limits

become ±4 km s−1. Using the redetermined orbit for V636 Scorpii (see Table 6.16) the

mass for the Cepheid could be determined. Because it has a similar period (5.2 days) to

that of V350 Sagittarii, which has a dynamical mass of 5.2 ± 0.9 M�, it was expected that

V636 Scorpii would have a similar mass. Reviewing the IUE spectra, it was apparent that

the scatter in velocities could accommodate the presence of another body in the system.

Other scenarios have been proposed, but the triple star system hypothesis is the mostly

likely explanation for the apparent state of the system.

6.9 V350 Sagittarii

Table 6.18: Fundamental parameters of V350 Sagittarii.

HD 173297

JDmax + Period 2435358.43 + 5.1542d

Celestial coords (2000) :

R. A. (α) 18h 45m 17.50s

Dec. (δ) −20◦ 38′ 50.55′′

Galactic coords (2000) :

Long. (l) 13.76◦

Lat. (b) −7.96◦

Parallax (mas) −0.10±1.05

Distance (pc) >1100?

Proper motion :

α (mas yr−1) −2.22±1.31

δ (mas yr−1) −2.39±0.65

VR mean (km s−1) +9.5 ±2 V

V 7.506

MV −3.27

B − V +0.935

E(B − V ) 0.312

Spectral type F8Ib/II
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6.9.1 Historical background

Szabados (1990) noted that Lloyd Evans (1971) first announced a shift in the average

radial velocity of V350 Sagittarii. Radial velocity observations which were obtained by

Lloyd Evans (1982) extended the observations of Joy (1937) and which subsequently

revealed V350 Sagittarii to be a binary. Observations made between 1969 and 1970

confirmed the binary nature, with a 5 km s−1 difference in systemic velocity.

The spectroscopic behaviour claimed by Lloyd Evans (1982) was confirmed by Gieren

(1982). Gieren’s radial velocities yielded a gamma velocity of 0.3±1 km s−1, and when

combined with Joy’s observations, which were in phase with the 1980 observations, there

was a displacement of ∼ +9 km s−1. From contemporary photometry the intrinsic colours

were ∼0.03 mag too blue, which provides the first evidence that V350 Sgr has a faint blue

companion.

In his analysis of the available photometry and using the light-time effect, Szabados

(1989) calculated the orbital period to be 1129 days. His O–C diagram showed that the

Cepheid may also have undergone either a 0.06 day phase jump sometime between JD

2437500 and 2440000, or that the pulsation period has been continuously increasing.

Szabados (1990) using all available data, including the radial velocity data of Barnes et

al (1988), and a least squares sine-fitting method, derived a best value orbital period of

1129±24 d. The orbital velocity amplitude was 24.0±1.5 km s−1 and a sin i = 1.24±0.18

AU, assuming a circular orbit. However the plot of the systemic velocities indicated that

the orbit was not circular and that the orbital period was only an approximation.

Using new observations, Evans & Sugars (1997) were able to determine that the period

of the orbit was 1477 days, with a K amplitude of 11.0 km s−1.

Evans (1995) identified the companion to be a B9.0V star from IUE spectra, with a mass

of 2.5M�. The mass of the Cepheid was estimated at 5.8M� using the mass-luminosity

relation. The mass ratio for the system was calculated to be M2/M1 = 0.43.

Using additional radial velocity data from Gorynya et al (1995), Evans & Sugars (1997)

derived an improved orbit with a period of 1477 days. In Table 6.19 the orbital parameters

found by Gorynya et al (1995), Evans & Sugars (1997) are listed. The Cepheid was

calculated to have an absolute magnitude of −3.04m. A new IUE spectrum was obtained

and compared with reference spectra, where excellent agreement was found with a B9.0V

spectral type. Since the mass-spectral type relation of Andersen (1991) showed that the

relation of Harmanec forms the lower limit of the mass-spectral type relation and was

therefore appropriate for ZAMS stars, the mass of V350 Sgr B was given as 2.5±0.1 M�.

HST spectra of the companion were obtained by Evans et al (1997) at the phases of

maximum and minimum orbital radial velocity. The observations were made at phases

0.28 and 0.62 for the orbit calculated by Evans & Sugars (1997). The orbital velocity

difference was found to be 23.1±3.8 km s−1 for the companion and the orbital velocity

difference for the Cepheid at the same time was 10.9 km s−1. The mass ratio MCep/MComp
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Table 6.19: Orbital parameters of V350 Sagittarii

Parameter Gorynya et al (1995) Evans & Sugars (1997)

Period (P) 1467d 1477±3.6

eccentricity 0.31 0.41±0.03

K 10.3 km s−1 10.6±0.3

Γ +11.2 km s−1 +11.6±0.2

T0 2449103d 2440203±25

ω 5.10 4.83±0.05

fmass 0.142 0.139±0.012

a sin i 198×106km 196±6× 106 km

= 2.1 and using the derived mass of 2.5M�±0.1 for the companion, based on the spectral

type, the mass of the Cepheid was 5.2±0.9M�.

6.9.2 Current analysis

The 5 day Cepheid V350 Sagittarii, was first spectroscopically observed by Joy (1937),

whose observations did not indicate any systematic velocity difference during the period

1930-1931 as can be seen in Figure 6.19 (c). Further observations (see Figure 6.19 (d))

established the binary nature of this system. The subsequent observations which can

be seen in Figure 6.19 (e) firmly establish the shape of the orbital curve. Now that

several orbital cycles have been observed it is apparent that although there remain some

orbital phases that still require adequate coverage, the orbit has been well established (see

Figure 6.19 (b)).

Table 6.20: Orbital parameters for V350 Sagittarii

Period (P) 1464.9d±0.4

eccentricity 0.45±0.01

K 10.2±0.04 km s−1

Γ +12.0±0.2 km s−1

T0 2447604.9d±1

ω 276.3◦±1

fmass 0.116

a sin i 183.5 ×106 km

In this analysis we have added the data recently obtained from MJUO, which further

constrains the orbit. The orbital curve has been well sampled with just the minimum of

the orbital velocity curve requiring additional observations to further constrain the period
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Figure 6.19: The orbital solution for V350 Sagittarii
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and eccentricity with modern observations. Figure 6.19 (a) shows that the pulsational

velocity curve has been firmly established and sampled at all phases. (b) shows the orbital

velocity curve, the orbital parameters are a refinement on the results of Gorynya et al

(1995) and Evans & Sugars (1997). The orbital curve still requires modern observations

to adequately cover the velocity minimum and periastron of the orbit to firmly establish

the period and eccentricity. (c) shows the orbital component of the radial velocities from

Joy (1937) represented by “?”. (d) shows the orbital velocity data from Lloyd Evans

(1980, 1982) “◦”, Barnes et al (1988) “♦” and Gieren (1982) “�”. (e) shows the orbital

velocities from Gorynya et al (1995) ∗, Evans & Sugars (1997) “M” and MJUO “+”.

The residuals of the orbit are seen in Figure 6.19 (f) which show considerable scatter

until after JD2445000, when high quality observations become available. Also note the

small residuals associated with the MJUO observations which show the high precision

achievable with this thesis.
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From the orbital parameters in Table 6.20 we can determine limits on the possible range

in mass for the Cepheid. With the companion identified as a B9.0V star with a mass of
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2.5M�±0.1, we can calculate from the mass function the range in mass the Cepheid

can have for a given eccentricity. Since the Cepheid must be more massive than the

companion, then we can assume that the lower mass limit must be the assumed mass of

the companion (see Figure 6.20). The mass of the Cepheid can be further constrained if we

can determine it by some other method or the inclination of the orbit can be established.

Using the revised orbit derived in this thesis (see Table 6.20), we can revisit the dy-

namical mass of the Cepheid as determined by Evans & Sugars (1997). As noted above,

IUE spectra were obtained of the companion to V350 Sgr for which the velocity difference

was found to be 23.1 km s−1. The Cepheid orbital velocities at the same phases (0.28

and 0.62) were found to be 17.51 and 7.90 km s−1 respectively. The velocity difference

was therefore 9.61 km s−1. The mass ratio for this system was then MCep/Mcomp = 2.40

and assuming the derived mass for the companion is 2.5M�±0.1, then the mass for the

Cepheid was MCep = 6.0±0.9M�.

6.10 W Sagittarii

6.10.1 Historical background

The 7 day Cepheid W Sagittarii was observed by Shapley (1916) and found to vary from

A8 to G2 in spectral type during its pulsation cycle.

Radial velocity data provided by Stibbs (1955) showed a prominent hump in the rising

part of the pulsation curve, which was probably real. This bump coincides with the phase

at which Jacobsen (1934) found a similar feature which was variable. Lloyd Evans (1968)

noted that W Sgr has the best established case for a variable velocity curve, with Jacobsen

(1934) considering that an explanation in terms of blending effects could not be ruled out

with certainty.

During the period 1966-1973, Jacobsen (1974) obtained spectra which in turn were

compared with previous data. His analysis of the data revealed that the systemic velocity

varies with an estimated period of 80 years in a manner well described by Keplerian

orbital elements. He also noted that the shape of the pulsation curve does indeed vary

with time. Balona (1977) doubted the existence of the orbital motion put forward by

Jacobsen (1974). He noted that the change in systemic velocity from season to season

seemed to be within the observational error.

Jacobsen et al (1984) reiterated that radial velocity measurements made between 1903

and 1973 gave indications that it was a spectroscopic binary with a period of ∼80 years.

A companion was reported as resolved using speckle interferometry by Morgan et al

(1978), with a separation of 0′′.116, which confirms the binary nature of this system. The

establishment of the mean pulsation velocity was complicated by the presence of a hump

during the rising part of the pulsational velocity curve, which has an apparent variability
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Table 6.21: Fundamental parameters for W Sagittarius.

HR 6742

HD 164975

JDmax + Period 2443367.177 + 7.595080d

Celestial coords (2000) :

R. A. (α) 18h 05m 01.23s

Dec. (δ) −29◦ 34′ 48.32′′

Galactic coords (2000) :

Long. (l) 1.58◦

Lat. (b) −3.98◦

Parallax (mas) 1.57 ±0.93

Distance (pc) 640

Proper motion :

α (mas yr−1) 4.03±0.92

δ (mas yr−1) −4.61±0.52

VR mean (km s−1) −25.8± V

V 4.699

MV −3.76

B − V +0.790

E(B − V ) 0.111

Spectral type F7.2Ib

in its amplitude. This makes determining any orbit difficult and further data would be

required to make a further assessment.

Analysing an IUE spectrum of W Sagittarii Bohm-Vitense (1985) found the presence

of a blue companion. A temperature 9400 K was derived and it was estimated that MV

= 1.25 which implied a distance to the W Sgr system of 324pc.

Szabados (1989) noted that W Sgr has been identified as belonging to a multiple star

system with 4 known components (see Babel et al 1989), with the Cepheid itself as a

member of a spectroscopic binary system.

Using the CORAVEL spectrometer Babel et al (1989) obtained radial velocity data

over a 4 year period. When this was combined with selected published data, a periodic

behaviour was seen (see Table 6.22). They found an orbital period of 1780±5 days, with

an orbital velocity amplitude (K = 2.35±0.47 km s−1) being one of the smallest values

among the well-studied spectroscopic binary Cepheids. The shortness of the period and

the other information available on this system indicates that either the companion seen by

Morgan et al (1977), or the determination of the orbit, were wrong. It is also possible that
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the companion observed by Babel et al (1989) was not the same companion as observed

by Morgan et al (1977). Bonneau et al (1980) attempted to observe the companion using

speckle interferometry, but failed to confirm the Morgan et al (1977) result.

Table 6.22: Published orbital parameters for W Sagittarii

Parameter Babel et al (1989) Bersier et al (1994) Albrow & Cottrell (1996)

Period (P) 1780d 1740 1603

eccentricity 0.52 0.21 0.42

K 2.35 km s−1 1.19 1.90

Γ −28.27 km s−1 −27.64 −27.69

T0 2444790.851d 2448832 2448284.9

ω 265◦.14 41.3 319.1

fmass 0.0015±0.0013 0.000287 0.000859

a sin i 49.1 ±14.7 ×106km 27.9 ×106km 38.1 ×106km

The spectral type of the companion was identified by Evans (1995) using IUE spectra.

A best fit was an A0.0 V star with an apparent magnitude of 9.6 and a mass of 2.2M�.

The mass of the Cepheid was then estimated to be 6.4M� with a mass ratio, M2/M1 =

0.34, for the system.

High-resolution spectra over a seven-year period have been obtained by Albrow & Cot-

trell (1996) which was combined with the CORAVEL data of Babel et al (1989) to obtain

a new orbital solution. Bersier et al (1994) obtained their own solution which was also

used for comparison. Both solutions are given in Table 6.22. Albrow & Cottrell (1996)

obtain a new orbital period of 1603 days. With the historical data added they found

evidence in the residuals for the presence of a third body as previously postulated by

Jacobsen (1974). The orbital period for this third body had a probable period of ∼75

years and a semi-amplitude of 3 km s−1. Albrow & Cottrell also assessed the likely evo-

lutionary status of W Sagittarii and found that it may be a 6M� star pulsating in the

fundamental mode, in its second crossing of the instability strip, or is a 7M� star, on its

first crossing of the instability strip. They considered this later possibility as least likely

given the crossing time.

6.10.2 Current analysis

The Cepheid W Sagittarii has been one of the most heavily observed due to its brightness

which makes it easy for study. In this analysis over 50 years of spectroscopic observa-

tions have been used to determine the orbit for this binary system. Observations from

photographic spectra were available from Stibbs (1955) providing the earliest data, with

additional data from Lloyd Evans (1968), Jacobsen (1974), Balona (1977) and Jacobsen
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et al (1984). Modern results were available from CORAVEL observations from Babelet

al (1989) which provide the first orbital solution, Wallerstein et al (1992) whom obtained

radial velocities with the aim of redetermining the orbit for its companion. In addition

data obtained from MJUO from this thesis and Albrow & Cottrell (1996) was combined

with all the available data to determine an orbit. The scatter in the complete data set

does not allow the determination of an orbital solution. Many attempts were made vary-

ing the weighting of the data but no solution could be generated. Considering only the

modern observations of Babelet al (1989), Wallerstein et al (1992), Albrow & Cottrell

(1996) and data obtained in this thesis an orbital solution was obtained which can be

seen in Figure 6.21. Table 6.23 lists the orbital parameters determined from this analysis.

Table 6.23: Orbital parameters determined for W Sagittarii

Period (P) 1582.4d±9

eccentricity 0.411±0.05

K 1.08±0.03 km s−1

Γ −26.02±0.1 km s−1

T0 2448285.5d±5

ω 327.8◦±5

fmass 0.1568 ×10−3

a sin i 21.42 ×106

Figure 6.21 (a) displays the pulsational component of the radial velocities. The pulsa-

tion velocity curve has been well sampled and at most phases appears not to have varied

significantly. However at the phase of the bump (φ=0.4) there is indication that the bump

may indeed have varied in the past as has been suggested by other observers. Recent ob-

servations do not show any change, so it was considered unlikely that this behaviour will

have affected the solution determined here. (b), (c) and (d) show the orbital velocities in

phase and then in time respectively. The early data does not show any convincing orbital

motion because of the large scatter. However the modern observations (after JD2445000)

show convincing orbital motion with the smallest velocity amplitude yet measured. (e)

displays the residuals to the fitted orbit and shows the dramatic improvement in obser-

vational velocity residuals.

It was noted by Albrow & Cottrell (1996) that this system may in fact be a triple

system. As noted above it is suspected that W Sgr belongs to a multiple system and

the residuals of the CORAVEL and MJUO observations available at the time seemed to

indicate possible additional orbital motion with a possible period of 75 years. However

with the revised orbit and the new series of data points provided here, it appears that

this possibility can be ruled out with only randomly scattered residual velocities present.

With the mass function found for this system using the new orbital solution we can
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Figure 6.21: The orbital solution for W Sagittarii
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Figure 6.22: The mass function for W Sagittarii

further study the likely mass range this Cepheid may have. Given the companion has

been identified as an A0.0V star with a mass of 2.2M� we can see from Figure 6.22 that

the orbit has a low inclination to the plane of the sky. Since no radial velocities have yet

been made of the companion we can use the results from evolutionary models to make

some estimate of the likely mass. If W Sgr is making its first crossing of the instability

strip then its mass can be up to 7M� for the observed period. If W Sgr is a fundamental

mode pulsator on its first blue loop then the mass is likely to be 6M�.
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6.11 Discussion

Binary Cepheids attract our interest because they can be used to determine Cepheid

masses. One of the difficulties with orbital determinations is that the data is often deter-

mined from many different instruments and the data may have systematic offsets. In this

thesis we have generated new orbital solutions for a number of the Cepheids studied here

and have successfully applied corrections to remove offsets between differing datasets.

The new orbital solutions are summarised in Table 6.24 for which eight systems had

solutions calculated. The first system was S Mus which has the best orbital coverage of

the systems examined here. The orbital solution was a further refinement on the existing

solutions and was used to calculate a new value for the mass of S Mus A = 6.0±0.4 M�.

The Y Car system was the only double mode system examined and despite its faintness

was well observed. Both the fundamental and first overtone modes were well fitted and

an orbit was found that agreed well with the previously published solution. With existing

radial velocities for the companion the mass of Y Car A was estimated as 4.5±1.8 M�.

The YZ Car system presents the first new result building on the initial solution of

Coulson (1983) and completely revises his result. The solution can still be improved with

the complete sampling of the pulsation of YZ Car with modern equipment which should

remove some of the systematic effects that are present in the residuals to the solution.

The orbit for AX Cir is a new solution and clearly demonstrates the advantage of having a

long term database of observations from a single site using the same instrumentation (see

Figure 6.9). The orbital period has been found to be ∼6532d with an eccentricity of 0.19.

For V636 Sco a new orbital solution was calculated which was not too different from that

published by Bohm-Vitense et al (1988). Measuring the mass of the Cepheid has been

complicated by the scatter in the measured velocities of the companion which indicate

the presence of another star in the system. V350 Sgr has had its orbit refined, improving

on the Evans & Sugars (1997) result. From this new orbital solution and the velocities

measured for its companion, the mass of the Cepheid was calculated to be 6.0±0.9 M�

assuming a mass of 2.5±0.1 M� for the companion.

The Cepheid BP Cir was the shortest period Cepheid studied and one of the faintest.

A large set of data was gathered and it was soon found that when the data was combined

with data from Balona (1981) that the published period was not the correct one. The

three epochs of data from MJUO also showed the period was different or changing. The

period was then redetermined and a new value of 2.39819d was found for the period.

The residuals to the pulsation curve indicate that BP Cir is affected by orbital motion,

however the gamma velocities were shown to be still decreasing and no orbit can yet be

determined.
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T Mon has one of the longest orbital periods know as well as one of the longer pulsa-

tion periods. Data was combined from a wide variety of sources to determine an orbital

solution. While several solutions were forthcoming, none proved to be particularly con-

vincing, due to a combination of period change in the Cepheid and large scatter in the

orbital component of the radial velocities. This analysis found that ∼75 years was the

most likely orbital period. However these solutions were dependent on the 3 early obser-

vations of Frost (1906). The double hump in the velocity curve that was first suggested by

Gieren (1989) was confirmed and provides additional support for the idea that a strong

shock wave propagating through the atmosphere is responsible.

Y Oph is an unusual Cepheid which has been suspected of orbital motion. In this thesis

it has been found that the suspected orbital motion can be explained as random scatter

in the early observations, with no possibility of orbital motion of any significance during

the observations obtained here.

Finally, the orbit for W Sgr was found to have the lowest velocity amplitude (K = 1.08

km s−1) for any Cepheid and has only been able to be measured in recent times. The mass

function for this system shows that the plane of the orbit must have a low inclination.

Determination of the mass of W Sgr will have to await high quality observations in the

UV at a future date.

Further insight into the mass of the Cepheids can be gained by placing Cepheids onto

plots of evolutionary tracks of varying composition. In Figure 6.23 we have plotted the

luminosities and effective temperatures of the binary Cepheids and their companions (see

Bohm-Vitense & Proffitt 1985, Evans 1992, Evans & Sugars 1997 & Evans et al 1997)

where available, onto the evolutionary tracks from Schaller et al (1992). The theoretical

tracks have been plotted for stars of masses 2.0 to 9.0 M� with solar metallicity (Z=0.02)

and 0.2 dover/HP convective overshooting. In many cases the implied mass from the

evolutionary tracks are in good agreement with the dynamical masses.
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Figure 6.23: Evolutionary diagram with positions of Cepheids and

their companions. The evolutionary tracks are taken from Schaller et al

(1992), Z=0.02, with 0.2 full pressure scale height overshooting.



Chapter 7

Line level effects and the solitary

Cepheids

This chapter presents the analysis of the radial velocity data for all the programme

Cepheids. The various lines measured for each of the stars have been assessed for the

presence of line level effects and differences between individual and species of lines with

respect to the gamma velocity of the Cepheid pulsation. Cepheids are known to exhibit

line level effects among the low excitation potential lines, such as Caii and the hydrogen

lines, which show marked differences in behaviour. These differences are typically dif-

ferences in the phase of the pulsation as measured for these lines and differences in the

amplitude of the variation. Line level effects in lines formed closest to the Fei lines which

dominate Cepheid spectra are expected to exhibit small variations which are not easily

detected compared to Hα which forms over a large range of optical depths.

For years observers have searched for evidence of line level effects in Cepheids, with

limited success. Sanford (1956) found definitive evidence for differential velocities among

lines in the long-period Cepheids T Mon and SV Vul. Lines of hydrogen, Srii and Tiii

were found to have positive residuals of 10 to 60 km s−1 compared to the Fei lines. This

effect was primarily seen during the cycle of rapidly decreasing velocity.

Evidence for line level effects in shorter period Cepheids has been harder to detect

(Butler 1993). Studies of δ Cep and η Aql found no significant evidence for differential

velocities from 40 red lines which included Fei, Feii, Cai, Scii, Baii and Siii (Wallerstein

1979; Jacobsen & Wallerstein 1981; Wallerstein 1983). The successful detection of line

level effects from a range of species was reported by Butler (1993), with further observa-

tions and theoretical modelling of the radial velocity curves for spectral lines of elements

with differing excitation potentials and ionisation states presented by Butler et al (1996).

The solitary Cepheids among the programme stars are discussed here and particular

161
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interest is taken in their line level effects given the velocities measured are not complicated

by orbital motion.

7.1 Observational results

The study of line level effects has until recently focussed on the easily excited lines such

as Caii and Hα, which have large amplitudes and phase differences with respect to the

majority of lines found in Cepheid spectra.

To demonstrate the existence of line level effects in the Cepheids, the radial velocities for

individual lines and groups of lines belonging to a particular species have been subtracted

from the gamma velocities. Line level effects would then appear as deviations from the

straight line expected for lines that share the same velocity as the Fe I lines that dominate

Cepheid spectra.

7.1.1 General characteristics

First we will begin with a discussion of the general trends that are known and have been

observed in Cepheids. Then each of the Cepheids will be discussed in turn, beginning with

the binary Cepheids, the unusual Cepheids, Y Oph and BP Cir and finally the solitary

Cepheids.

Line level effects have been observed in a number of lines belonging to elements of

hydrogen, calcium, barium, silicon and iron. The most prominent is Hα, since this line

forms over a large range of optical depths and it is the most easily influenced of all the

lines by waves propagating through the star’s atmosphere due to pulsation. Figure 7.1

gives a clear picture of what is observed. Fig 7.1 (a) shows the shape of the velocity curve

with the mean velocity of all of the metallic lines shown for each observation. The upper

portion of Fig 7.1 (b) shows the Hα velocity differences. The velocity difference is plotted

with respect to the mean velocity from (a). On this plot the mean pulsation velocities are

represented by the straight line seen at 30 km s−1. In general the Hα line was observed to

have a peak in its velocity difference occurring ∼+0.1 to +0.3 in phase after the peak of

the mean metallic line velocity curve, the phase difference increasing with the pulsational

period. The amplitude of the Hα differences do not vary with the period, but instead

appears to be specific to each star.

The cores of the Caii IR triplet lines are also formed high in the atmosphere of a star

and are observed to have a similar behaviour to that of Hα. The Caii velocities have

a greater range in amplitude than the other metallic lines, peaking after the phase of

maximum velocity for the mean metallic curve, but the difference is smaller than that

observed for Hα, both in phase and amplitude.

The Baii line at 5853Å was observed to have in many stars a distinct difference in
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Figure 7.1: Radial velocities for various line species in β Doradus.

(a) shows the mean (◦) radial velocity curve for β Doradus. (b) contains the

variations in the Sii, Siii, Cai, Caii (◦) and Hα (?) radial velocities with respect

to the mean radial velocity. (c) contains the variations of the Fei, Feii and Baii

lines with respect to the mean radial velocity.
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velocity with respect to the mean at the phase of the peak velocity of the pulsation curve.

This is consistent with the Baii line forming higher in the atmosphere of these stars than

the Fei lines which dominate the determination of the mean velocity curve.

The Si lines and particularly the high excitation Siii lines show a negative velocity

difference indicative of formation deeper than Fei. In the case of the Sii lines the effect

is weak and only visible in a few stars for which very high signal to noise spectra were

obtained. The Siii lines were observed to exhibit this behaviour in most of the stars

observed.

The Fei lines form the bulk of the spectral lines observed in Cepheid spectra and serve

as the comparators against which all the other lines are measured. Though the average

of all the lines was taken as the reference velocity for each observation, comparison with

the Fei lines show excellent agreement for all the Cepheids. The Feii lines in general

agree with the Fei lines, but the scatter in velocities is greater. In some cases velocity

differences as a result of line level effects are indicative only.

The overall picture is consistent with the idea that a density wave is propagating

through the atmosphere which will affect the behaviour of the line species in order of

their formation depth, beginning with Siii, then Sii and onto the Fe lines where the

majority of the observed lines are found. The density wave will continue through the

remaining line forming layers, Baii to Caii and finally Hα with the peak velocity of the

lines increasing in amplitude and occurring later in phase as the density wave propagates.

7.1.2 Binaries

Obtaining a good pulsational velocity curve for a Cepheid in a binary system can be

difficult given the addition of orbital motion to the observed radial velocities. In the

case of the Cepheids discussed below, either well determined orbits have been obtained

and used to remove the orbital component, or the orbital period is so long that the

observations were minimally affected by orbital motion. The presence of line level effects

has been found in all the binary Cepheids. The binary Cepheids are now discussed in

turn according to the pulsation period.

V350 Sgr with its 5 day pulsational period did not have its pulsation completely sampled

and so is merely discussed here in the text. The incompleteness of the velocity curve

made identification of line level effects difficult. However the Hα line was enhanced quite

strongly by ∼20 km s−1 and differs in phase from the metallic lines by 0.1-0.2. The IR

Caii velocities are enhanced by ∼15 km s−1 and differ in phase by a similar amount to

the Hα line. No other lines show any effects due to lack of adequate coverage of pulsation

phase.

AX Cir, another with a 5 day pulsational period, was well sampled, with a smooth mean

metallic velocity curve which exhibits a slight bump at phase ∼0.5 and the maximum
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Figure 7.2: Radial velocities for various line species in AX Circini.

(a) shows the mean (◦) pulsational radial velocities with the orbital motion

removed. (b) shows the variations in the Cai, Caii (◦), Sii, Siii, Tiii and Hα

(?) radial velocities with respect to the mean metallic pulsational velocities. (c)

shows the velocity differences of the Fei, Feii, Baii and Mni lines with respect

to the mean metallic pulsational velocities.
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velocity occurring at phase 0.7 (see Figure 7.2). The Hα line shows strong enhancement

with respect to the mean metallic velocity with an ∼20 km s−1 greater velocity and a

phase difference of 0.15 (peak at 0.85). There may also be a slight enhancement about

0.1 in phase after the bump seen in the mean curve. The Caii velocity curve also shows

a similar enhancement of ∼8 km s−1, lagging in phase by 0.1 from the maximum velocity

of the mean metallic curve. The bump seen in the mean metallic curve is clearly visible

in the Caii velocity curve. The large error bars between phases 0.4-0.9 are possibly due

to line asymmetry, which hasn’t been explicitly measured in this analysis. The Baii line

matches the mean velocity and has a hump at phase 0.8 of ∼1 km s−1. The Mni velocities

show a slight difference to the mean metallic velocity curve, indicating that it is forming

at a slightly different level to the Fei lines. The Siii velocities show a clear departure from

the mean metallic curve with a negative velocity which dips up to 2 km s−1 at phase 0.7

and may also do the same (by ∼1 km s−1) for the bump at phase 0.5. The Tiii velocities

show a departure from the mean metallic velocities at phase 0.1 and 0.8, but a gap occurs

between phases 0.9-0.1 where the Tiii lines are no longer measurable. Figure 7.2 shows

that there is a clear progression in the velocities of the lines from Siii, to Fe, to Baii, to

Caii and to Hα. This clearly indicates that the various lines form at different heights in

the atmosphere and are progressively affected by the passing density wave.

W Sgr with its 7 day pulsational period, is observed with a smooth velocity curve with

a prominent bump at phase 0.35 and the velocity maximum occurs at phase 0.75 (see

Figure 7.3). The Hα line velocity has an enhanced amplitude of ∼35 km s−1 and exhibits

a bump at phase ∼0.4 about +0.05 phase difference from the hump in the mean metallic

curve. The Hα curve lags the mean metallic curve by 0.1 at the velocity maximum. This

shows that the separation of the two line forming layers increases between phases 0.5 and

0.9. The Caii velocity shows similar behaviour to Hα, but at a reduced amplitude and a

smaller phase difference. There appears to be an additional bump in the Caii curve at

phase 0.5 indicating a possible additional shock as the atmosphere contracts. It’s possible

that the same occurs in Hα, but additional observations would be needed to confirm this.

The Baii velocity shows two bumps both corresponding to phases of the bump and velocity

maximum. The first bump is phase shifted by 0.1, while the second more complex bump

appears to occur at the same phase. The amplitude of the bumps is about 2 km s−1. The

Feii velocities agree well with the Fei lines, but show some divergence between phases 0.6-

0.8. The Siii velocities show a distinct negative velocity change at phase 0.7, indicating

line formation at a different level in the atmosphere. Figure 7.3 shows that a density

wave is passing through the various line forming layers from Siii to Fe to Caii and finally

Hα. Baii also shows some variation due to differences in line formation height, but is not

totally clear. The bump in the mean metallic curve is seen in the other lines occurring

with the expected phase and velocity amplitude differences.

S Mus with its 9 day pulsational period, has a smooth velocity curve with a bump at
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Figure 7.3: Radial velocities for various line species in W Sagittarii.

(a) shows the mean (◦) pulsational radial velocities with the orbital motion

removed. (b) contains the variations of the Sii, Siii, Cai, Caii (◦) and Hα (?)

radial velocities with respect to the mean metallic pulsational velocities. (c)

contains the variations of the Fei, Feii and Baii line velocities with respect to

the mean metallic pulsational velocities.
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Figure 7.4: Radial velocities for various line species in S Muscae.

(a) shows the mean (◦) pulsational radial velocities with the orbital motion

removed. (b) contains the variations of the Sii, Siii, Cai, Caii (◦) and Hα (?)

radial velocities with respect to the mean metallic pulsational velocities. (c)

contains the variations of the Fei, Feii and Baii line velocities with respect to

the mean metallic pulsational velocity.
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phase 0.25 on the ascending branch and maximum pulsational velocity occurring at phase

0.75 (see Figure 7.4). The Hα line velocities vary by about +0.1 phase with respect to

the mean metallic velocity with an amplitude of ∼4 km s−1 around the bump at phase

0.25, while velocity maximum occurs at phase ∼0.9 with a velocity difference of ∼25

km s−1. The Caii velocity behaves very similarly to Hα, but with a smaller velocity

amplitude and a phase difference of about +0.05. The Baii line velocity varies in phase

with a definite bump at phase 0.9, with an amplitude of +1 km s−1 compared to the

mean metallic velocity. The Feii velocities are complicated by the scatter and large error

bars, which could be attributed to significant line asymmetry. The Siii line velocity has a

clear velocity change near the phase of the mean metallic velocity maximum, with the Siii

velocities decreasing by ∼2 km s−1. The Nai lines show a similar dip near the phase of

maximum mean metallic velocity. However telluric lines contaminate these measurements.

Figure 7.4 shows the same progression in the various lines from Siii to Hα as seen in the

other Cepheids. S Mus also shows a bump which is very similar to that seen in W Sgr.

YZ Car with its 18 day pulsation period had its pulsational velocity curve well sampled.

The radial velocities of certain species are presented here (see Figure 7.5) with the orbital

component removed using the orbital parameters provided in the analysis in section 6.3.

YZ Car exhibits a smooth mean metallic line velocity curve, not too dissimilar to that

seen with Y Oph. The Hα line velocities show a phase difference of +0.1, with a velocity

difference ∼+40 km s−1 with respect to the mean metallic velocity curve at phase 0.8.

The Caii velocity curve exhibits similar behaviour to the Hα curve, but with a greatly

reduced amplitude but a similar phase difference. The Baii line velocity has a greater

velocity difference with respect to the mean metallic velocity curve between phases 0.5 to

1.0, while at other phases there was not sufficient sampling to interpret its behaviour. As

observed in the other stars the Sii and Siii lines both behave in a similar manner with

small negative velocity differences when compared to the mean metallic velocities. The

difference was most pronounced at the peak of the mean curve, with the Siii lines having

the greater difference. An interesting observation was that the Feii lines, had larger error

bars than expected between phases 0.6 to 0.85, which corresponds to phases of the mean

velocity maximum. Figure 7.5 shows the different line formation depths with the changing

velocity amplitudes and phase differences. The propagation of the density wave is not

so easily seen. The faintness of the star resulted in lower S/N data and great difficulty

measuring lines when compared to bright stars.

T Mon, with its long 27 day pulsation period, was one of the most intrinsically bright

Cepheids studied. The pulsational velocity curve was sampled at many phases, except

for a gap between 0.2 to 0.6. Even though T Mon is a member of a long period binary

system, the radial velocities collected in this thesis should not have been greatly affected

by orbital motion. The observations gathered found that the mean metallic velocity curve

exhibits a double peak at phase ∼0.85 (see Figure 6.14). The gap in phase coverage in the
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Figure 7.5: Radial velocities for various line species in YZ Carinae.

(a) shows the mean (◦) pulsational velocities with the orbital motion removed.

(b) contains the variation of the Sii, Siii, Cai, Caii (◦) and Hα (?) radial

velocities with respect to the mean metallic pulsational velocities. (c) contains

the variation of the Fei, Feii and Baii lines with respect to the mean pulsational

velocities.
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recent series of observations made interpretation more complicated. However it appears

that T Mon behaves in a similar manner to the stars already discussed. The Hα line

varies significantly when compared to the mean metallic velocity curve, but the gap in

the phase coverage prevents an estimate of the phase difference and peak amplitude. The

Caii velocity curve behaves in a similar manner to the other stars. The peak of the Caii

velocity curve occurs later (by 0.1 to 0.2) in phase when compared the mean metallic

velocity curve. However only a single velocity maximum peak was observed. The Baii

line has a strong positive velocity peak at phase 0.9, with a velocity of +4km s−1, clearly

indicating strong line level effects. Many other lines indicate line level effects, but the

behaviour was complicated or unclear from the measurements.

The general behaviour of these stars show a number of common characteristics. In all

cases the Hα line is the most strongly varying line, undoubtably due to the large range in

optical depth over which it is formed. The peak in the Hα curve always occurs after the

mean metallic velocity peak and has a greater variation in amplitude which has a slight

dependence on the period of the Cepheid. The Caii velocities behave very similarly to

the Hα, but has a phase and velocity difference which was intermediate between the mean

metallic line curve and that of Hα. In many cases the Baii line followed the behaviour

of the mean metallic velocity curve, but the phase of the peak was often observed to

have a slight positive velocity residual. In the case of the Si lines, it was observed that

the Siii lines had significant negative velocity with the greatest difference occurring at

the phase of the mean metallic curve peak. The Sii lines behaved in a similar, but not

in so pronounced a manner. The interpretation for these observation is that a density

wave travelling through the atmosphere of these stars first affects the Si lines which form

slightly deeper than the Fe lines which dominate Cepheid spectra. It then passes through

the region where the Baii line is formed and outwards where it significantly affects the

velocity of first the Caii lines and then Hα.

7.1.3 Y Oph and BP Cir

The classical Cepheids Y Oph and BP Cir are unusual when compared with most of the

other Cepheids studied in this thesis. They have pulsation curves which are sinusoidal in

shape, though this is not unusual for overtone Cepheids with periods as short as BP Cir.

Y Oph, with its 17 day pulsation period, has a well sampled velocity curve (Figure 7.6).

The behaviour of the Hα velocity curve follows the typical behaviour of most Cepheids of

this period, having a phase lag of approximately 0.2. It was interesting to note that the

Hα curve has a bump at phase 0.3 which is not seen in either the mean metallic radial

velocities, or the velocities of any other species. This may be evidence of a weak shock

in the upper atmosphere. Although the Caii velocities have considerable scatter between

phases 0.1 to 0.3 they are also indicative of this effect. The small error bars associated
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Figure 7.6: Radial velocities for various line species in Y Ophiuchus.

(a) shows the mean (◦) radial velocities for Y Ophiuchus. (b) contains the

variations of the Caii (◦) and Hα (?) radial velocities with respect to the mean

metallic radial velocities. (c) contains the Fei radial velocities with respect to

the mean metallic velocities.
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with each measurement do not support poor measurement of the radial velocities. All the

other spectral lines show no appreciable difference to either the mean or Fe I velocities.

Figure 7.6 shows that the velocities of the lines behave in a very simple manner with little

evidence for shocks. Hα does indicate that there maybe a weak shock occurring at phase

0.2 making Y Oph a unique object among the Cepheids.

The overtone Cepheid BP Cir has been well sampled in phase and does not exhibit

any special behaviour (see Figure 7.7). The Hα velocity curve has an amplitude of only

∼3 km s−1 larger than the Fe I velocity curve. The Hα velocity peaks with a higher

velocity at the same phase as the peak of the mean pulsation curve and also has a greater

infalling velocity as seen at the minimum phase. Of interest was a hump that appears

at phase 0.3 just as in the case of Y Oph. Are we seeing these humps as the result

of density wave propagation or some interaction between the fundamental and overtone

modes of pulsation? Numerical modeling could yield an insight into these observations.

Of the other species, the Ca II velocities also have a greater infall velocity than the mean

velocity at minimum phase, but there is significant scatter and error in the measurements.

The Feii velocities show a hint of a hump in the velocity curve of these lines at maximum

phase, but the significance of this result remains uncertain. From Figure 7.7 it is difficult

to see if there is any density wave present, certainly the data is unusual and further work

should provide some more insight.

7.2 The solitary Cepheids

7.2.1 TT Aquilae

Background

The 13.7 day Cepheid TT Aquilae has previously been examined for evidence that might

suggest the presence of a companion. McAlary & Welch (1986) noted that Eggen (1985)

suspected the presence of a companion from photometry. Their infrared observations of

TT Aql find no evidence to support the existence of a companion. Examination of radial

velocity observations by Coulson & Caldwell (1986) find that TT Aql shows no evidence

of gamma velocity variation. In observations with the IUE satellite (Evans 1992) found

no evidence for a bright companion, and she was able to place an upper limit on the

spectral type of any companion of A5.

Investigating possible irregularities in the light curve of TT Aql, Connolly et al (1982)

obtained high-speed photometry to test the suggestion that during the rise to maximum

light, Cepheids may undergo abrupt changes in their light output. This suggestion of a

variable light curve has been attributed as an artifact of the artificial viscosity used in

stellar models. However it was suggested that these changes if real could be measureable.

No convincing evidence has been found to support this supected variation. Szabados
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Figure 7.7: Radial velocities for various line species in BP Circini.

(a) shows the mean (◦) pulsational radial velocities. (b) shows the Cai, Caii

(◦) and Hα (?) radial velocities with respect to the mean metallic velocities.

(c) shows the velocity differences of the Fei and Feii lines with respect to the

mean metallic velocities.
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Figure 7.8: Radial velocities for TT Aquilae obtained with the Series 200

CCD

(1991) found that TT Aql has a period of 13.754954 days with no apparent perculiarities.

The radius of TT Aquilae has been measured many times. An early determination

by Evans (1976) using the Baade-Wesselink technique found a radius of 72R�. Fernie

(1984) reviewed the radius measurements made by many observers and found that the

measurements ranged from 67 to 88R�, with an average of 78.4±4.8R�. The radius

determined using different colour indices was found to give a range of values from ∼
70 − 90R�. The mass of TT Aql can be estimated using either of the four methods

described by Cox (1979,1980), the so-called pulsation mass, bump mass, evolutionary and

theoretical masses. The masses determined for TT Aql are in broad agreement ranging

from 6 to 8M�.

Observations

Observations made of TT Aql from MJUO can be seen in Figure 7.8, which presents the

velocity curve over the pulsation cycle. The coverage of the cycle is not complete with
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Table 7.1: Fundamental parameters for TT Aquilae.

HD 178359

JDmax + Period 2437236.10 + 13.7546d

Celestial coords (2000) :

R. A. (α) 19h 08m 13.75s

Dec. (δ) +01◦ 17′ 55.15′′

Galactic coords (2000) :

Long. (l) 36.01◦

Lat. (b) −3.14◦

Parallax (mas) 0.41 ±0.96

Distance (pc) 2400

Proper motion :

α (mas yr−1) −0.35±0.86

δ (mas yr−1) −4.47±0.64

VR (km s−1) +0.0 ±2 V

V 7.10

B − V +1.26

Spectral type F5Iab:var

velocities only available between phases 0.5 to 0.2. However, the sampling does cover

the phases where line level effects have been observed in other Cepheids. Examining

the velocities measured for various lines, it was found that the Hα line velocities has a

maximum velocity difference of +55 km s−1 with respect to the mean velocity curve and

this occurs ∼+0.3 in phase after the peak of the pulsation curve in Figure 7.8. The Caii

velocities follow a similar pattern to the Hα curve with a peak velocity difference of +20

km s−1, ∼0.2 in phase after the peak of the mean pulsation curve. The Baii line was

observed to follow the mean metallic velocity curve, but with a higher velocity at the

peak of the pulsation cycle and a lower velocity at the minimum phase. The amplitude

of pulsation for this line was ∼3 km s−1 greater than observed for the Fei lines. The Feii

lines velocity curve show some subtle variation. However interpretation is complicated

by large error bars which could be attributable to a combination of line asymmetry, line

blending, or line doubling. The Siii lines had a well behaved velocity curve which differred

from the mean metallic curve between phases 0.6 to 0.85 during which it was observed

to have a negative velocity difference similar to that seen in S Mus. This shows that the

formation layer of this line was deeper in the star than the Fei lines. None of the other

spectral lines observed in TT Aql gave convincing evidence of line level effects.
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7.2.2 l Carinae
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Figure 7.9: Radial velocities for l Carinae obtained with the Series 200 CCD

Background

The classical Cepheid l Carinae has the longest period (35.5 days), of the Cepheids ob-

served in this programme. An analysis of the photometry by Feinstein & Muzzio (1969)

showed that the period of 35.5330 days has not undergone any continuous change in time.

They did find that, using Fourier series analysis, periodicities exist in the photoelectric

observations. Their analysis revealed periodic variations of 190.1 and 29.92 days with

amplitudes of ∼0.02 in V. Szabados (1989) showed that l Car, had an abrupt increase

in period around JD 2440000 from 35.5318±0.0006 to 35.5513±0.0004 days. New photo-

metric observations obtained by Shobbrook (1992) which when combined with the earlier

data, does not fit well with either period and he postulates the period has changed again.

l Car is observed to change its spectral type from F9.4 near maximum light to G8.6

at minimum (Albrecht 1921). Radial velocities measurements obtained by Lloyd Evans



178 Chapter 7. Line level effects and the solitary Cepheids

Table 7.2: Fundamental parameters for l Carinae.

HR 3884

HD 84810

JDmax + Period 2435619.7 + 35.5412d

Celestial coords (2000) :

R. A. (α) 09h 45m 14.81s

Dec. (δ) −62◦ 30′ 28.45′′

Galactic coords (2000) :

Long. (l) 283.20◦

Lat. (b) −7.00◦

Parallax (mas) 2.16±0.47

Distance (pc) 460

Proper motion :

α (mas yr−1) −12.88±0.44

δ (mas yr−1) 8.28±0.41

VR (km s−1) +3.3 ±0.9 V

V 3.40

B − V +0.93

Spectral type G3Ib

(1968) are very similar to those in Figure 7.9. However observations of Jaschek & Jaschek

(1956) show considerable variation to the standard curve which cannot be adequately

explained. These variations can be attributable to possible instrumental effects, line

blending with phase and the spectral resolution used. Very early observations also show

some variation, but not beyond what would be expected from normal scatter. None of

the variations seen was attributed to gamma velocity change and the early measurements

are believed to be prone to being discrepant.

Using the technique of maximum likelihood, Balona (1977) calculated the radius of l

Car to be 146.9R�. The radius he calculates is consistent with l Car having no companion.

The IUE survey of Cepheids in the ultraviolet (Evans 1992) also found no companion and

places an upper limit of A3 for the spectral type of any hypothetical companion given the

negative detection.

In their study of l Car, Taylor et al (1997) found that the shape of the velocity curve

has not changed significantly over a period of 30 years, which agrees well with the long

term study of Fernie (1992). They did find a difference between their data and that of

Dawe (1969) around the phase of maximum velocity (0.7-0.9). They suggest that line

level effects play a prominent role in these differences. The velocity curve displays a well
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Figure 7.10: Radial velocities for various line species in l Carinae.

(a) shows the mean (◦) metallic radial velocities for l Carinae. (c) contains

the variations of the Fei, Feii and Baii lines with respect to the mean metallic

radial velocities. (b) contains the variations of the Cai, Caii (◦) and Hα (?)

radial velocities with respect to the mean metallic radial velocities.



180 Chapter 7. Line level effects and the solitary Cepheids

defined bump around phase 0.7, which may be representative of the atmosphere being

affected by a propagating shock wave. They also searched for evidence of line doubling

in l Car around the phase of velocity reversal and phase 0.7, but no line doubling was

observed. The lines were noted to broaden substantially during these phases and it is

suggested that the conditions were not met to produce line doubling.

Baldry et al (1997) believe they have found what appears to be continuous Hα emission

thoughout the pulsation cycle. They also believe that the true shape and flux of the

emission in l Car is largely obscured by upper atmospheric and circumstellar absorption,

as occurs with the Mg II emission (Böhm-Vitense & Love 1994). The origin of the emission

feature may be a shock front in the atmosphere of the star, or in the upper atmosphere.

Observations

The observations made for this thesis can be seen in Figures 7.9 & 7.10, which presents

the mean velocity curve and the velocities for certain species. The pulsation curve has

been well sampled. The Hα velocities peaked at a maximum of +35 km s−1 at phase ∼0.0,

a +0.2 phase difference with respect to the mean metallic velocity curve. The minimum

of the Hα velocity occurs a fraction of phase before the peak of the mean curve and the

scatter of points indicate that the velocity at this minimum can differ substantially. This

could show clear evidence of cycle to cycle variations. It is not clear though if the Hα

emission found by Baldry et al has influenced the radial velocity measurement at these

phases. The Caii velocities have been observed to follow the shape of the mean curve,

but with a larger velocity amplitude (±15 km s−1). With the gap during the phase of

the descending branch of the velocity curve it was not clear if the Caii velocities have a

small phase difference as found in the other Cepheids. The Baii line differs in velocity

only slightly over the first half of the pulsation period and then it exhibits a bump just

prior to the peak of the mean curve. The velocities measured show increased variation

at this point which also coincides with the variation at the peak of the mean velocities.

The Feii lines behave in a similar way to the Baii line velocities, but have significantly

larger scatter and large error bars between phases 0.7 to 0.9. The large error bars are

likely to be due to line asymmetry, but the scatter may show the clearest evidence that

there could be cycle to cycle variations in the pulsations of l Car. Figure 7.10 does show

that there is a progression from the Fe lines to Baii with Caii and Hα affected last and

so the propagation of the density wave is clearly there.

7.2.3 β Doradus

Background

The 9.8 day classical Cepheid β Doradus was, until 1927, thought to be non-variable in

light. Early observations with a meridian photometer (Bailey 1903) originally attributed
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Figure 7.11: Radial velocities for β Doradus obtained with the Series 200

CCD

the variation to scatter of a quarter of a magnitude. Only in 1927 when Shapley &

Walton used new measurements and combined their observations with those of Bailey

was it discovered that β Dor was a Cepheid (see Hutchinson et al 1975). It is interesting

that Applegate (1927) published a detailed radial velocity curve, but did not acknowledge

that β Dor was variable. The radial velocity amplitude of β Dor varies by ∼35 km s−1

and the spectral type changes from F4.0 at maximum light to G4.5 at minimum light

(Estes & Wood 1970).

Taylor & Booth (1998) note that the velocity curve of β Dor reaches minimum radius

around phase 0.75 on their curve (0.85 in Figure 7.11). The curve has a bump on its

descending branch (around phase 0.1), which has been observed in previous spectroscopic

studies (Stibbs 1955; Bell & Rodgers 1967; Wallerstein et al 1992). The presence of this

feature has been interpreted as a result of the large accelerations due to a density wave,

producing the expansion from the minimum radius.
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Table 7.3: Fundamental parameters for β Doradus.

HR 1922

HD 37350

JDmax + Period 2435206.44 + 9.8420d

Celestial coords (2000) :

R. A. (α) 05h 33m 37.52s

Dec. (δ) −62◦ 29′ 23.37′′

Galactic coords (2000) :

Long. (l) 271.73◦

Lat. (b) −32.77◦

Parallax (mas) 3.14 ±0.59

Distance (pc) 320

Proper motion :

α (mas yr−1) 1.06 ±0.67

δ (mas yr−1) 12.56±0.55

VR (km s−1) +7.2 ±0.9 V

V 3.77

B − V +0.78

Spectral type F6Ia

Observations

β Dor has been well observed and has a well sampled velocity curve as can be seen in

(Figures 7.11 & 7.1). The prominent bump in the velocity curve noted by Taylor & Booth

is clearly visible, centred at phase 0.1. The line level effects seen in Figure 7.1 are the

clearest of any of the Cepheids which we have observed. The radial velocities for Hα lags

in phase by +0.1, peaking with a velocity difference of 30 km s−1. Similarly the Hα curve

has a bump of 10 km s−1 of amplitude occurring just after the bump seen in the mean

curve at phase ∼0.2. The large error bars on the Hα measurements give an indication of

the asymmetry of the line profile. The Caii velocities follow a similar variation, but with

a smaller amplitude (16 km s−1) and phase difference (+0.1). The Baii line shows two

definite bumps in its velocity curve, the first shortly after the bump at phase 0.1 and the

second coincides with the peak pulsation velocity. The amplitude of these variations was

∼2 km s−1. The Feii velocity curve exhibits variations which are not totally convincing,

but do indicate that some changes occur shortly after the bump and then again around

the peak of the pulsation curve. Both the Sii and Siii velocities have differences at the

phase of the pulsational peak, with the most pronounced variation occurring in Siii. The

dip in the velocity curve clearly indicates that the level of the atmosphere where the Si
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lines forms was lower than where the Fei lines form. At the phase where the velocity

turns over and the Cepheid atmosphere contracts the Siii lines are among the first lines

affected by the changing velocity profile of the atmosphere.

Other lines show interesting behaviour. The Mgi line peaks at the same phase as the

mean metallic curve and the Mni velocities smoothly increases in amplitude to phase

0.5 and then returns to the mean metallic curve at phase 0.0. The behaviour of Mni

is not completely convincing, but its behaviour, if real, needs explanation. A possible

explanation is that the line may become blended and this other line becomes stronger

during certain phases of the pulsation. The Tiii lines were not easily measured, but they

were observed to increase in scatter at the peak of the pulsational curve. The Vi lines had

a lower velocity than for most lines between phases 0.8-0.2 which also coincides with the

bump at phase 0.1. It then slowly returns to match the behaviour of the mean pulsation

curve between phases 0.4-0.8. Figure 7.1 is the best and clearest example of line level

effects in a Cepheid presented here. The propagation of the density wave through the

atmosphere can be traced from the Siii lines to Hα.

7.2.4 X Puppis

Table 7.4: Fundamental parameters for X Puppis.

HD 60266

JDmax + Period 2435188.76 + 25.9610d

Celestial coords (2000) :

R. A. (α) 07h 32m 47.04s

Dec. (δ) −20◦ 54′ 33.89′′

Galactic coords (2000) :

Long. (l) 236.14◦

Lat. (b) −0.78◦

Parallax (mas) −0.05±1.10

Distance (pc) >950

Proper motion :

α (mas yr−1) 0.49±1.39

δ (mas yr−1) 1.61±0.73

VR (km s−1) +61.5 ±2 V

V 8.46

B − V +1.10

Spectral type K0
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Figure 7.12: Radial velocities for X Puppis obtained with the Series 200 CCD

Background

The 26 day classical Cepheid X Puppis was noted by Van Genderen (1970) to have a

shoulder on the descending branch of its light curve. The presence of a shoulder like this

has been observed in region of the HR diagram where the Population II Cepheids are

found. However in the case of Population II Cepheids the shoulder has typically been

found on the rising branch of their light curves.

Observations

The observations made here can be seen in Figure 7.12 which cover a substantial portion

of the pulsational velocity curve. The coverage available does not reveal any shoulder in

the velocity curve, but X Pup does seem to have the classic Cepheid velocity curve. Hα

velocities have been observed to differ in phase with respect to the mean velocity curve by

∼+0.2 in phase. The error bars associated with these measurements are significant and

indicate that the asymmetry increases during phases 0.1 to 0.4. The Caii velocities do
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not seem to have any phase difference as seen in other Cepheids. The velocities measured

follow the pulsational curve shape but with a larger amplitude from the higher formation

level. Baii however has a negative velocity between phases 0.1 to 0.5 and in later phases

the velocity was observed to increase above the mean metallic curve approximately in

phase with the pulsations, but the scatter reduces the significance of this observation.

The remaining lines mostly show considerable scatter, but generally follow the mean

velocity curve.

7.2.5 SW Velorum
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Figure 7.13: Radial velocities for SW Velorum obtained with the Series 200

CCD

Background

The 23.5 day classical Cepheid SW Velorum lies 3◦ below the galactic plane within the

outer filaments of the Gum nebula, only 15′ from the cluster NGC 2660 (Turner et al 1993).
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Table 7.5: Fundamental parameters for SW Velorum.

HD 74712

JDmax + Period 2434521.4 + 23.4744d

Celestial coords (2000) :

R. A. (α) 08h 43m 38.69s

Dec. (δ) −47◦ 24′ 11.19′′

Galactic coords (2000) :

Long. (l) 266.19◦

Lat. (b) −3.00◦

Parallax (mas) 1.30 ±0.90

Distance (pc) 770

Proper motion :

α (mas yr−1) −5.40±0.90

δ (mas yr−1) 5.57±0.79

VR (km s−1) +23.0 V

V 8.32

B − V +1.26

Spectral type F8/G0Ib

This close coincidence in distance, reddening and the spatial location of SW Vel with

respect to NGC 2660 was remarked upon by Hartwick & Hesser (1973) in their photometric

study of this cluster. Possible cluster membership for SW Vel was not considered likely

owing to the marked disparity in age found between the cluster and the Cepheid. Turner

(1979) noted that there was a more promising connection between SW Vel and a number

of OB stars in the vicinity, which seemed to have similar distances and ages predicted for

the Cepheid.

SW Vel coincides spatially with the Vel OB1 association, but is apparently more distant

than Vel OB1. A group of 16 stars found by Turner et al (1993), which are more distant

than Vel OB1, form the cluster Vel OB5. This cluster of stars consists entirely of B stars

with no O-type members and seems to include SW Vel. Assuming SW Vel has membership

of this OB association, then the mean absolute magnitude <MV >= −5.21± 0.27, which

is consistent for the P-L relations of Kraft (1961), Fernie (1967) and Sandage & Tanmann

(1968). The estimated age of this group of stars is 2.1 × 107yr which agrees with the

predicted evolutionary status of SW Vel. Given all this information it is likely that SW

Vel is a member of the Vel OB5 association.
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Observations

Figure 7.13 presents the observations obtained during this work which covers the pulsa-

tional curve well with the maximum and minimum well sampled. SW Vel exhibits a bump

(at 0.95 to 1.0) in its velocity curve shortly after the peak. When the individual lines

were examined it was found that the Hα line velocity has a peak difference at phase 0.3

of +35 km s−1, giving Hα approximately a 0.5 phase difference when compared to the Fei

velocities. The error bars were substantial on many of the Hα measurements indicating

line asymmetry, except at the phases 0.7 to 0.9. The Caii velocity curve peaks approx-

imately halfway between the Hα and mean velocity curves. It was observed to have a

slightly greater amplitude, but with a lower velocity over phases 0.2 to 0.8 than the mean

metallic curve and evidently no greater velocity than the mean metallic curve. This is

unlike any of the other Cepheids. The Cai velocity curve was observed to follow the mean

curve, except at the phase of maximum velocity where it also has a lower observed mean

curve, indicating that it began infalling ahead of the Fei lines. The Feii and Sii velocity

curves mimic the behaviour seen in the Cai lines, but had a pronounced dip at the phase

of peak velocity.

7.2.6 X Sagittarii - a peculiar Cepheid

Background

The 7.0 day classical Cepheid X Sagittarii is a star with interesting spectra at high reso-

lution. It is observed to vary in spectral type from F5 - G9 over its pulsation cycle. Early

radial velocities from Stibbs (1955) showed a pulsational amplitude of 32 km s−1 and a

gamma velocity of −13.7 km s−1. Spectra of X Sgr were obtained by Feast (1967), which

he combined with data from Stibbs (1955) and Moore (1909). Feast found some deviation

in his velocity measurements between phases 0.8 and 1.0.

In his study of southern Cepheids, Szabados (1990) noted that Lloyd Evans (1968)

referred to the large scatter in the early radial velocity data. Szabados interpreted the

data as evidence of the binary nature of this Cepheid, which had not been previously

noted. Supporting his interpretation was colour data from Walraven photometry (Pel

1978) which suggested the presence of a blue companion to X Sgr. Simon et al (1993)

placed X Sgr among their list of Cepheids which appear to be hotter than expected at

maximum light. Adding to this complicated picture, Kovacs et al (1990) noted a low

metal abundance and peculiar light and velocity curves. The strange nature was further

supported by the position of X Sgr in their period-φ21 diagram, which marked it as peculiar

compared to the other Cepheids.

High resolution IR spectra of X Sgr obtained by Sasselov et al (1989) showed that all

the photospheric lines exhibited line asymmetries or doubling. The line asymmetries were

interpreted as being produced by two absorption components of different strengths. If
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Figure 7.14: Radial velocities for X Sagittarii obtained with the Series 200

CCD

the observed asymmetries were due to a combination of absorption and emission, then

emission would be expected to be easily seen in Paγ or Hα. None was detected. The

stronger of the two absorption components of the spectral lines gave a radial velocity

curve similar in shape to the optical curve, but with a larger amplitude and slightly phase

shifted. The second, weak absorption component showed signs of a discontinuous cycle.

The observed doubling was regarded as an indication of a discontinuity, not simply a

gradual extension of the atmosphere.

The ease with which these two components were distinguished suggested that there may

be greater atmospheric transparency near the 1.6µm minimum of the H− opacity. The

line level effects and line broadening seen in the visual spectral region (∼ 4000Å) could

be due to the same phenomenon as the line splitting, but viewed with reduced depth

resolution.

Further work by Sasselov and Lester (1990) showed that the second weak component

was resolved due to its different Doppler shift. The velocity curves of the components
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Table 7.6: Fundamental parameters for X Sagittarii.

HR 6616

HD 161592

JDmax + Period 2435643.31 + 7.0123d

Celestial coords (2000) :

R. A. (α) 17h 47m 33.62s

Dec. (δ) −27◦ 49′ 50.84′′

Galactic coords (2000) :

Long. (l) 1.17◦

Lat. (b) +0.21◦

Parallax (mas) 3.03 ±0.94

Distance (pc) 330

Proper motion :

α (mas yr−1) −3.62±1.14

δ (mas yr−1) −10.67±0.48

VR (km s−1) −13± V

v sin i (kms−1) 27.1

V 4.56

B − V +0.80

Spectral type F7II

did not repeat well, except as gross features. They found that the depths of the weak

component were usually 60% ± 10% of the depth of the main absorption component. No

strong evidence for a phase dependence of the relative strength of the weak components

was found. It has been suggested that the components may be switching in relative

strength instead of having a main component and a weak component. This suggestion

was not supported by the radial velocity curve.

The best interpretation for the observed line asymmetries and doubling is that the

shock wave in the atmosphere of X Sgr easily produces line forming regions ahead of, and

behind, the propagating shock front.

Observations

X Sgr is unique among the Cepheids studied in that many of its metallic lines exhibit

line asymmetry or line doubling. Measurement of the absorption lines of X Sgr using the

standard 0.7, 0.8 and 0.9 depth bisectors gave a scattering of results which was typically

many km s−1. To derive the mean metallic velocity curve, it was necessary to use bisector

velocities which were the mean of the 0.4, 0.5 and 0.6 bisectors. Figure 7.14 shows the
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Figure 7.15: Changing line profiles in the spectra of X Sgr. (a) shows

the Baii 5853.6Å line and Cai 5857.5Å line. (b) shows the changing profiles of

the Na D lines.
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mean metallic velocity curve for X Sgr. It has a smooth ascent to maximum pulsational

velocity, then it appears to have a small shoulder on the descending branch of the mean

metallic velocity curve before smoothly falling to minimum velocity. Line blending is a

possibility using half height bisectors, but Figure 7.14 shows that this does not appear to

have greatly affected the velocities. It is also clear that the hypothesis that X Sgr may

be part of a binary system is not supported by the observations obtained in this thesis.

Examining the different species in the spectra of X Sgr, it was found that the Hα veloci-

ties have a larger amplitude (of ∼30 km s−1) than that found for the mean metallic velocity

curve. The peak of the Hα curve occurs ∼ +0.1 after the peak in the mean metallic curve

and a bump is seen in the Hα curve at phase 0.8. This bump occurs with an amplitude of

3 km s−1 and is evidence of the existence of a shockwave in the atmosphere of X Sgr. The

Caii velocities typically behave in a similar manner to Hα in most Cepheids. However in

X Sgr the Caii lines show very little variation from the mean metallic velocities. The Caii

line at 8542Å becomes visibly asymmetric with an additional component in the red wing

of the line profile. This asymmetry remains persistent throughout the pulsation cycle, but

was especially pronounced between phases 0.0 to 0.4. The Baii line (see Figure 7.15) was

observed to become asymmetric from phases 0.8 to 0.4. The asymmetry started on the

blue wing of the line from 0.8 to 1.0, then the red wing was observed to be asymmetric

till phase ∼0.2 where the line became clearly doubled until phase 0.4. While the line

was doubled the blue component was the stronger of the two components. The velocity

measured for the line was the same as for the Fei lines. Each of the Na D lines were

observed to consist of two components between phases 0.1 and 0.3. The red component

appears much stronger than the blue component, although there is a possibility that this

may be due to contamination by telluric lines. The strong Fei lines only showed some

mild asymmetry at particular phases and epochs, while the weaker Fei lines were observed

to be asymmetric over the entire pulsation cycle. The asymmetry of the lines typically

favoured the red wing of the lines, although at certain phases the blue wing would be

affected or the lines would double. The doubling of the Fei lines appears to have been

somewhat wavelength dependent with the lines near 5460Å doubling between phases 0.3

and 0.6, while the lines near 5740Å, the doubling occurred between phases 0.9 to 0.2.

The majority of the Fei lines appeared to double between phases 0.2 and 0.4, which is a

similar finding to that observed by Sasselov et al (1989).

From the observations of X Sgr line level effects have not been observed. The line

asymmetry and doubling and the bump in the Hα velocity curve indicate the presence of

shockwaves in the atmosphere of the Cepheid. This Cepheid remains unique as the only

Cepheid to show line doubling which is consistent with the idea of line forming regions

occurring ahead of and behind a moving shock front. For reasons not yet understood,

X Sgr has wavelength regions where the opacity of the atmosphere seems to be more

transparent than at other wavelengths and multiple line forming regions are observed to
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occur.

7.3 Discussion

In this chapter we report the successful detection of line level effects in a number of

Cepheids over a range of periods. This is due to the velocity precision attained from

the use of the 2-dimensional calibration of the wavelength scale for the spectra and the

telluric correction applied to the radial velocities to calibrate the velocity scale.

Most of the Cepheids observed have shown evidence of line level effects when the radial

velocities of lines from each species were compared with the mean metallic line velocities,

or the Fei velocities. It has been found that for almost all the stars studied (except X

Sgr) the mean metallic velocity curve is virtually identical to the Fei line velocities. This

was not unexpected as the Fei lines dominate Cepheid spectra. β Dor was the clearest

example of a Cepheid with line level effects.

Velocities for a number of lines (Hα, Caii, Baii, Fei, Feii, Sii and Siii) were compared

with the velocity found from using all the metallic lines, or the Fei lines. These differences

were consistent with a travelling density wave passing through the various line forming

regions of the Cepheids. The density wave travelled first through the region where the

Siii lines form, the velocity of these lines having a smaller amplitude than the Fei lines.

Next, the density wave passes through the Sii line forming region and then reaches the Fei

and Feii regions. The Baii line was affected next which forms higher in the atmosphere,

followed by the Caii and hydrogen lines. The amplitude of the velocities increased as

we observed lines higher up in the atmosphere with the peaks of the individual velocity

curves occurring later in the cycle. This is consistent with a desnity wave propagating

through the atmosphere. These general results are consistent with the observations and

theoretical predictions of Butler et al (1996).



Chapter 8

Models

The study of the behaviour of stars involves a great deal of observational analysis and

the determination of group behaviour. We can obtain a greater understanding of the

physical processes involved by using theoretical modelling, which can yield insights into

the processes at work within stars. If sufficient physics is used and our understanding

of the processes involved is adequate, these models can be used to simulate and predict

future behaviour.

The study of stellar evolution (see Becker 1985 in Cepheids: Theory and observations)

indicates that the Cepheids we are dealing with are generally stars which have evolved

off the main sequence and have developed a centrally condensed helium core which is

surrounded by a hydrogen burning shell. On top of this dense core sits a more or less

extended hydrogen envelope. Generally for Cepheids, the lower the Teff and the higher the

luminosity the more extended and non-adiabatic this envelope is and the more complicated

the oscillations become. It is therefore convenient to distinguish three regions in any

model, the core, the envelope and the atmosphere. It is recognised (e.g. Cox and Giuli

1968) that for centrally condensed stars the core, including the burning shell, does not

participate in the oscillation.

The first step in the study of pulsations is the construction of a static model envelope

for the given stellar parameters: mass, luminosity, Teff and composition. The model will,

in general, have inner boundary conditions which are imposed at temperatures of the

order of a few million degrees, exterior to the burning shell(s), but deep enough so that

the pulsational properties are insensitive to the exact location of this boundary. The

static model building procedure is based on the assumption that there exists a stellar

core with the required physical parameters to which this envelope fits. This allows us to

avoid the need to construct a model that extends all the way to the stellar centre, which

would be complicated by the involvement of steep temperature gradients, possibly very

193



194 Chapter 8. Models

thin burning shells and the use of nuclear reaction code.

The first detailed models of pulsating stars were presented by Christy (1964). He used

a nonlinear approach to compute RR Lyrae models in a survey of their characteristics

that bore a remarkable resemblance to the observed stars. This survey was followed by a

similar study of Cepheids by Stobie (1969). The numerical techniques being used today

are in many essential ways identical to those first developed by Christy.

The important physics involved in modelling is embedded in the equations of state

and the opacity. This is due primarily to the ionisation of hydrogen and helium and

the interaction of the ionising material with the radiation field. Ionisation occurs at

specific temperatures in the envelope, causing thin regions in which the ratio of specific

heat is depressed and the opacity is high. These regions can then act as valves on the

radiation flux passing through the envelope, and can destabilise the star towards radial

pulsations. These regions are also convectively unstable and this process can interact with

the pulsation as well. For cooler stars, convection actually acts to stablise the pulsations.

The treatment of shocks in these models is known to be important in determining the

limiting amplitude and mode of pulsation in current nonlinear models.

To test the pulsational models, the radial velocities obtained in this thesis can be used

to compare the observed properties of a Cepheid with the properties predicted from the

models. The detection of line level effects in Chapter 7 and the precision of the radial

velocities measured for the various lines, the accuracy of the non-linear hydrodynamic

pulsational models can be tested.

8.1 Model Atmospheres

A model atmosphere typically consists of the tabulation of T, Pg and Pe against τ0. The

range of optical depths involved typically runs from 0 to 10, where essentially no radiation

escapes at depths greater than 10. Model atmospheres do not compute what occurs in the

chromosphere or the corona of a star. Since a rise in temperature occurs in those regions,

there is non-radiative energy input from acoustic and/or magnetic sources. However since

these regions contribute little at visible wavelengths, they can be neglected.

In the study of Cepheids there are a number of parameters which play an important

role in their behaviour. The most important of these is the period P of a given pulsation

mode, which is a function of the mass M and radius R of the star. Any stellar pulsation

model must then specify the luminosity L, mass, radius, effective temperature Teff , optical

depth τ and chemical composition (X,Y, Z).

The mean luminosity of a Cepheid specifies the energy available and is a boundary

condition for any model. The luminosity from the model can be plotted as a bolometric

light curve and since Cepheids have nearly solar temperatures with small bolometric

corrections, the bolometric light curve should be fairly similar to any observed visual
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light curve. However, the large temperature variation of large-amplitude Cepheids are

such that the differences between the visual and bolometric light curves can be quite

significant.

The effective temperature of a model is not a parameter that is directly calculated, but

can be easily derived. The temperature specified in the models used here were typically

the temperature of the outer boundary. The effective temperature of a star is important

in determining the luminosity which can be found from observation. The most common

method of determining the temperature of a Cepheid has been the temperature-colour

relation Teff vs (B − V )◦. While this has never been an ideal temperature index, being

sensitive to both the gravity and chemical composition of a star, it has been useful.

In the case of radial pulsations, for which we assume the star preserves spherical sym-

metry at all times, it is convenient to use a Lagrangian description where the mass, as

measured from the centre, is used instead of the radial coordinate. The equations of

motion (Cox and Giuli 1968) are then given by:

d2R

dt2
= −4πR2 ∂p

∂m
− Gm

R2
(8.1)

T
ds

dt
= − ∂L

∂m
+ ε (8.2)

∂R3

∂m
= (4πρ)−1 (8.3)

where R(m, t) denotes the distance from the stellar centre of that spherical shell. This

shell encloses an amount of mass m, and s(m, t) is the specific entropy for m at time

t. The equation of state p(ρ, T ) which is used in numerical hydrodynamical codes is a

complicated function as it takes into account the variable ionisation of hydrogen and the

two ionic states of helium. The equation of state has to be evaluated through an iterative

numerical solution of the Saha ionisation equation.

The luminosity L represents the angle integrated heat flow, both radiative and convec-

tive. The simplest possible approximation to Lrad is a heat conduction approximation:

L = (4πR2)2 ac

3κ(ρ, T )

∂T 4

∂m
(8.4)

which has been used in the study of stellar pulsations. The function κ(ρ, T ) which rep-

resents the Rosseland mean opacity also has a complicated structure and is generally

available in tables, which can be read in by the models, or used in terms of some interpo-

lation formula.

The cause of radial pulsations is well understood. A linear vibrational instability which

originates in the region of the envelope where the temperature and density of the opacity

and adiabatic gradient in the partial ionisation regions can effect the necessary phase
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shift between the radiation flux and the oscillation to destabilise the envelope into radial

pulsation.

The temperature-optical depth relation for a model is determined by the flux of radi-

ation to be carried and the opacity that opposes it. A temperature gradient is required

to allow flux to escape the atmosphere and the opacity will depend on the temperature,

density (which depend on the surface gravity of the star) and the composition.

The boundary conditions for a stellar model are for the inner boundary, r = Rin, u = 0

and L = L0 where Rin is the radius of the innermost zone, L0 is the static luminosity.

Since the pressure scale height is small, a relatively simple boundary condition can be

imposed at the “surface” in the form of a constant pressure and a radiative surface with a

fixed temperature. For the outer boundary, r = R0,M = M0, L = 4πσR2
0T

4
eff and P = 0,

M0 is the total mass, R0 is the photospheric radius, Teff is the effective temperature of

the star and P is the pressure.

The model atmosphere will give the variation of gas kinetic temperature with optical

depth, τν , in the outer layers of a star. The optical depth is the integral of the absorption

coefficient, κν , with respect to the geometric depth z. Since the absorption coefficient

varies with the frequency of light, the optical depth corresponding to a given layer will

also depend on frequency. The optical depth is represented by

τν =

z∫

0

κνdz, (8.5)

The absorption coefficient κν also depends on the density and degree of ionisation of

the gas, so it is desirable to have any model atmosphere tabulate these quantities. Thus a

model atmosphere will consist of a tabulation of T, Pg and Pe and Rosseland mean opacity

(τRoss) against z for optical depths greater than 1, where essentially no radiation freely

escapes.

Models of Cepheids are characterised by weak dissipation since they have a small linear

dissipation coefficient κ0P0 ' 0.001 − 0.05, where κ0 is the linear growth rate and P the

period of the fundamental linear mode.

Applying convection to Cepheid models has been found not to be efficient near the

“blue edge” of the instability strip, but time-dependent convection is known to be impor-

tant near the red edge. Purely radiative models can be used to model the behaviour of

Cepheids, provided that the model does not inhabit the red half of the instability strip.

8.2 Modelling codes

The pulsation equations can be integrated directly to obtain nonlinear behaviour in a

model. In the past, several types of techniques have been used to solve these equations.

Christy (1964) used a leap-frog integration scheme with an iterative implicit solver to do
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the energy equation. Stellingwerf (1975) used a fully implicit Fraley difference scheme,

which has the advantage of being fully energy conservative. Adaptive grid codes were

developed by Castor (1972) and later by Simon and Aikawa (1985). All of these codes

treat shock waves using a variant of the Richtmyer artificial viscosity scheme which has

come to play an important part in pulsational modelling.

Pulsational models must account for thermal and kinetic energy very accurately. The

thermal energy in the envelope can be many orders of magnitude smaller than the grav-

itational potential energy, and thus can be in error even if the total energy conservation

appears adequate. Furthermore, the growth rates of most stellar models are in the neigh-

bourhood of ∼ 0.2− 3% growth in the kinetic energy per period. This means that up to

many thousands of periods of integration may be required to determine the final behaviour

of a pulsating envelope.

For example, in the computation of a nonlinear stellar pulsation model for a 8M�,

5000L� classical Cepheid, the gravitational energy of the envelope is −8× 1040 J, the in-

ternal energy 3×1034 J, but the kinetic energy at the limit cycle oscillates between 1×1034

and 8×1035 J, which constitutes only a few millionths of the total available gravitational

and thermal energies. Hence the need for perfect mass and total energy conservation (see

Buchler 1989).

Once a model is initiated in a given mode, the model must be run until a stable limit

cycle is obtained. Since several limit cycles may be possible, exceedingly long runs may be

needed for cases near transitions. A solution to this problem that works in many cases is

the relaxation technique developed by Stellingwerf (1974) that applies periodic boundary

conditions and performs a relaxation to a periodic solution. Unfortunately, not all models

seem to be susceptible to this approach, but it has been successfully applied to cases with

e-folding times of up to one million periods (Stellingwerf 1976, 1979).

In many stellar models the amplitude of pulsation is sufficient to generate strong shock

waves. Shock waves are observed in many types of stars (notably RR Lyrae, W Virginis

and long period variables) as spectral absorption lines which double for brief phases and

as bright emission lines generated as the shock wave passes through the atmosphere.

Numerical treatment of these shock waves has until now been via the addition of an

artificial viscosity pressure term to the pressure, usually of the form:

Pv = CqP (∆u/c)2 if ∆u < 0,

= 0 otherwise (8.6)

where Cq is an adjustable parameter, usually about 2, and ∆u is the difference of the

velocities of two adjacent zones. This approach has three problems; 1) the viscosity

spreads the shock wave and can smooth out or completely swamp the fine features, 2)

the viscosity also acts in regions without shock waves, but undergoing compression – this
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introduces unphysical dissipation (see, however, Stellingwerf, 1975 for a partial solution to

this problem), and 3) it is known that if the shock wave is accompanied by strong velocity

gradients, excess heating of the fluid and subsequent depression of the local density can

ensue.

The pulsational modelling used in this thesis used pulsational code developed and sup-

plied by A. Fokin (1990). The main code is a nonlinear Lagrangian code based on the

formalism described by Mihalas & Mihalas (1984). A grey time-dependent radiation field

is included in the gas energy equation and is derived from the intensity moment equation

by using variable Eddington factors. The numerical method used is similar to that ini-

tially developed by Hillendahl (1970) and used by Christy (1966) and Fadeyev & Tutukov

(1981). The dynamic equations are explicit, with the velocity centred in time. The gas

parameters, like T, P or ρ, are centred in the mass zones.

Pulsational models have for the most part usually used the equilibrium diffusion ap-

proximation in the equations for radiative transfer. This assumption implies first, that the

radiative relaxation time of the gas is much less than the dynamic time-scale for radiative

equilibrium of the gas and second, that the photon mean free paths are negligible when

compared with the isotropic radiation field. Such idealisation is in fact neither correct

near the surface of an extended atmosphere, nor in the vicinity of strong radiating shock

waves, or moving hydrogen ionisation fronts. To achieve a physically more appropriate re-

sult, the numerical code was developed to take into account the effects of time-dependent

radiative transfer in transparent regions (Fokin 1989). For reasons of simplicity the code

was restricted to the problem of a grey atmosphere.

In modelling the pulsating stellar envelope, it was assumed that the model is spherically

symmetric, with self-exciting oscillations of the radiative stellar envelope. The effects of

magnetic fields, viscosity and rotation were not considered by these models. The matter

was assumed to be in local thermodynamic equilibrium, so that the source function could

be simply approximated by the Planck function, Sν = Bν . Radiative equilibrium of the

gas was not assumed, so that the local intensity of radiation Iν may differ significantly

from Bν .

Within these imposed limitations, the hydrodynamic equations express the conservation

of momentum, mass and energy of the gas, including radiative pressure and matter-

radiation energy exchange in a manner similar to Castor (1972). Using a Lagrangian

approach the equations are:

dU

dt
= −4πr2 ∂P

∂Mr

+
4πV

c

∞∫

0

kνHνdν (8.7)

Mr = 4π

r∫

0

R2

V
dR (8.8)
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dr

dt
= U (8.9)

∂

∂Mr

(4πr3

3

)
= V (8.10)

dE

dt
= −pdV

dt
+ 4πV

∞∫

0

kν(Jν −Bν)dν (8.11)

where Jν and Hν are the average intensity and the Eddington flux:

Jν =
1

2

1∫

−1

Iνdµ, Hν =
1

2
=

1∫

−1

µIνdµ, µ = cosθ (8.12)

where θ is the azimuthal angle.

The other variables are: U velocity, P gas pressure, Mr Lagrangian mass inside the

sphere of radius r, E specific energy, V specific volume, kν opacity coefficient. d/dt

denotes the full time derivative, and G and c are the gravitational constant and velocity

of light. All the other thermodynamic quantities, including the ionisation degrees, were

determined from the perfect gas approximation. The hydrodynamical discontinuities were

treated by the use of von Neumann-Richtmyre viscosity, so that in Equation 8.7 the

artificial pressure Pa ∼ (∂U/∂r)2 must be added to P in contracting regions of the star.

The integrals in Equations 8.7 and 8.11 can be approximately replaced by κRH and

κP (J−B) respectively by introducing the Rosseland (κR) and Planck (κP ) mean opacities

and frequency-integrated moments J and K. In this development B = σT 4/π. To specify

the time-dependent values of J and H for each mass level or optical depth τ , the moments

of the non-steady transfer equation are applied to a spherical co-moving frame as in Castor

(1972).

d

dt

(JV
c

)
+
[
f
dV

dt
− (3f − 1)

UV

r

]J
c

+
∂

∂Mr

(4πr2H) = V κP (B − J) (8.13)

1

c

dH

dt
+

4πr2

qV

∂

∂Mr

(fqJ) = −κRH (8.14)

q = exp
{ r∫

r0

3f − 1

fr
dr
}

(8.15)

where r0 corresponds to a level where f = 1
3
.

Equations (8.13) and (8.14) express the laws of conservation of energy and momentum

of the radiation. In order to simplify the computation for the moment equations, the grey

variable Eddington factor f = K/J was introduced, where K is the second moment of

the intensity:
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K =
1

2

∞∫

0

dν

1∫

−1

Iνµ
2dµ. (8.16)

Note, that the specific form of Equation (8.14) was obtained by introducing the

sphericity factor q, which provides maximum stability of the numerical solution (Auer,

1971). Equations 8.13 – 8.16 are valid in a large variety of physical conditions and

are therefore applicable everywhere in the envelope. Thus, deep inside the atmosphere

τ → 1, f → 1
3

we obtain the non-equilibrium diffusion approximation to the flux,

F = 4πH ∼ −∂J/∂Mr, J 6= B. If the atmosphere was static (d/dt → 0), we get the

equilibrium diffusion case J = B. Therefore, Equations 8.13–8.16 can be used for static

transfer analysis as well.

In the general case, the Eddington factors must be obtained from the formal solution

of the transfer equation to determine the discrete angular and spatial dependences of the

intensity I(µ, τ). To achieve this the Feautrier method was applied to spherical atmo-

spheres (Hummer and Rubicky, 1971; Mihalas and Mihalas, 1984). The transfer equations

were solved along a series of parallel beams with appropriate boundary conditions for I.

The moments K,H and J could then be found for each τ in quadrature, which gives f(τ).

To specify the boundary conditions we assume the absence of incident flux at τ = 0 and

I = B at large depths (τ about 100).

The computational strategy in each time step was to integrate explicitly the dynamic

equations 8.7–8.10 and to estimate f(τ) using a trial temperature profile. Then, from

Equations 8.11–8.16 we find all the needed moments, temperature corrections ∆T , and

then evaluate the new factors. This iterative procedure converges rapidly, providing an

accuracy ∆T/T . 10−5 after 3–5 iterations.

8.2.1 A nonlinear model: The initial static model

The nonlinear radiative hydrodynamical modelling code uses as the initial conditions

a static model to describe the structure of the atmosphere and envelope. The initial

static model, being in thermal and hydrostatic equilibrium, contains about ∼70 spherical

Lagrangian mass zones in the envelope and ∼30 zones in the optically thin atmospheric

region. The mass fraction contained within the outermost zone was typically 10−8 of the

total mass.

The model assumes that for the inner boundary conditions, an inert core with fixed

radius R0 and luminosity L0 exists. R0 was chosen where T ≈ 106 K, which typically

corresponds to 0.1–0.3Rph, where Rph is the initial photospheric radius. To save on CPU

time the models were initially started with an initial velocity profile U(r) = U0(r/Rph)
6.3;

U0 being between 10 and 30 km s−1. The initial velocity used to initiate the models was

20 km s−1, although it was found that with this velocity models near the blue edge of the
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instability strip produced overtone pulsation. The fundamental mode could be recovered

in some cases by increasing the initial velocity to larger values.

The parameters for the initial static models were determined using the Mass-Luminosity

relation of Chiosi et al (1993), with a pressure scale-height over-shoot parameter of 0.25

and for the various boundary conditions:

logL/L� = −0.015 + 3.14Y − 10.0Z + 3.502 logM/M� + 0.25 (8.17)

The chemical abundances X=0.70, Y=0.28, Z=0.02 typical for the Galactic Cepheids

was adopted for the models. The Opacity Project (OP) opacities (The Opacity Project

team 1995) (Seaton 1987) have been used which take advantage of the changes in opacity

calculations that occurred in the early 1990s.

The static model specifies the parameters for each zone, such as the mass fraction of

the total mass, radius, temperature, density and Rosseland opacity. The static model

can then be visualised graphically as seen in Figure 8.1. The density and temperature

variation with respect to the radius and zone number are displayed. The bump in the

density variation is due to the hydrogen ionisation level which also marks the level of the

photosphere where the temperature rapidly decreases as the envelope gives way to the

optically thin atmosphere.

8.2.2 The radiative hydrodynamic model

Using the static model as the initial state for the radiative hydrodynamical model, we

perturbed the model into pulsating by applying an initial velocity profile of 20 km s−1

over a few cycles. This added velocity profile was then removed and the model run till

some 10 000 to 20 000 cycles had been completed.

The performance of the model could be assessed while it was running by examining

the output files periodically. The shape and amplitude of the bolometric light curve and

radial velocity curve could be displayed graphically (see Figure 8.2). The maximum kinetic

energy of each pulsation cycle could be displayed (see Figure 8.3), starting at between

1042 − 1043 erg which gradually increased until achieving a stable limit typically after a

few thousand cycles. If the kinetic energy initially decreased, the models would in a few

thousand cycles switch pulsation modes from the fundamental mode to the first overtone

and the kinetic energy curve would then reach a stable limit. Otherwise the period would

assume a fundamental or overtone mode with the kinetic energy continuing to decrease

till pulsation ceased.

Each model was assessed as they progressed to determine if they would produce the

desired pulsation period. Initially we were concerned with the value of the maximum

kinetic energy of each cycle, which should initially increase as seen in Figure 8.3. Next

the period was measured for both the bolometric light curve and radial velocity of the
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Figure 8.1: Static model visualisation of an early model of AX Circini.

(a) and (b) show the density and temperature of the model as a function of the

mass zones, while (c) and (d) show the density and temperature as a function

of the radius of the model.

model. Each curve was analysed using Fourier transform techniques to calculate the

period, amplitude and phase of the light and radial velocity curves. From these results we

can assess the suitability of the model with which we wish to compare with observations.

Models with initial parameters which were consistent with the desired pulsation period,

started with periods near the stable period they would eventually achieve (see Figure 8.4).

Models with not quite suitable parameters and modelling stars near the blue edge of the

instability strip often started with a period near the desired fundamental mode, but

oscillated wildly over the first few thousand periods and changed to an overtone pulsator.
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Figure 8.2: Hydrodynamic model visualisation for a model of YZ Car

showing the shape and amplitude of the bolometric light curve (a) and the

radial velocity curve (b).

To finally judge the resulting pulsational model, we examined the light and radial ve-

locity curves generated by the model. In general the radial velocity curve of the Cepheid

models was the least sensitive to the initial parameters and a wide variety of parameters

could produce radial velocity curves as desired. The bolometric light curve is quite sensi-

tive to the initial parameters and numerical constraints of the code. The amplitude of the

light curve was found to be sensitive to the initial parameters and the desired amplitude

was strongly influenced by the luminosity and temperature. The shape of the curve was

also important as any steps or pronounced deviations from a smooth curve often indicated
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Figure 8.3: The maximum kinetic energy of pulsation over time in-

creases at first as the model moves towards its final period and a stable pulsa-

tion develops. The time is given in seconds and the kinetic energy is the log of

the energy in ergs.

the initial parameters were numerical sensitive.

A successful radiative hydrodynamic model will therefore have a light curve of the

appropriate amplitude and be relatively smooth. The amplitude of the radial velocity

curve should also match very well with the amplitude found from observation.

While only a selected number of Cepheids were modelled, the general characteristics

of the models showed that the behaviour of the non-linear radiative hydrodynamic code

was very similar to that seen in real Cepheids. The amplitude of pulsation was strongly

correlated with temperature, increases from the blue edge to the red edge of the instability

strip. The pulsation period was strongly correlated with the luminosity, increasing the

period as the luminosity increased. The pulsation period also increased as the temperature

of the model decreased for the same luminosity. The one quirk of the code was its tendency

to produce overtone pulsating models near the blue edge of the instability strip, even

though they started as fundamental mode pulsators. The reason for this behaviour is

not yet totally understood, but was overcome by using a higher initial starting velocity

profile.

Once a model with the desired characteristics has been found, the model could then

be examined for the presence of shock waves. The model was run to produce output

covering approximately 3 pulsation cycles which was then displayed graphically showing
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Figure 8.4: The period of the model which fluctuates dramatically at first

before settling down to the fundamental mode. In some models the fluctuation

can be very large before settling into first overtone pulsation.

the changing radius of the mass zones (see Figures 8.8 & 8.13). The models show that

the pulsation do not penetrate all the way down to the inner boundary, but grow from

approximately 30R� on out to the surface as seen in Figure 8.8. In the case of the model

shown in the figure no strong shock waves were present.

The models were also searched for strong shock waves by using the von Neumann-

Richtmyer-Stellingwerf artificial viscosity. Using the parameters (Cq, α) = (4.0,0.01),

where α is the ratio of the artificial viscosity pressure to the full pressure. As α in-

creases the stronger the shocks must be, however with a low value of α compression waves

can appear as mild shocks in the plot. An example showing how we would identify shocks

can be seen in Figure 8.15 which shows the photospheric radius as a solid line and the

dots trace where shock waves may be. The models did not have any strong shock waves

which are not usually found in Cepheids, but mild shocks and compression waves were

seen in some models.

8.3 Modelling spectral lines

Once a suitable model with the desired characteristics has been generated, the behaviour

of the spectral lines throughout the pulsational period can be determined. The model

was run with a sampling step that produced 90 snapshots of the model atmosphere over
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1.5 periods. These snapshots contain detailed information on the structure of the star at

each time step. The information of particular relevance were the bolometric magnitude,

temperature, density, radius, velocity and pressure.

To model an individual spectral line, we need to generate the various line profiles for

each of the snapshots of the pulsational model atmosphere. To model the line profile,

the wavelength and species must be specified and whether the line is to be modelled with

pulsation or as a static line. Since we are modelling a Cepheid the lines were modelled

with pulsation. The composition of the model needs to be specified and the rotation and

inclination of rotation can be set. To directly compare the spectral line with that observed

the instrument profile resolution must be given.

In modelling the spectral lines in the pulsating atmospheres of Cepheids, we assume

the star has spherical geometry. The transfer equation for a spectral line in the comoving

reference frame is given as

±∂I
±(z, ν)

∂z
− ∂I±(z, ν)

∂ν

∂ν

∂z
= η(z, ν)I±(z, ν) (8.18)

where I− is the inward intensity of radiation, I+ is the outward intensity of radiation, z

is the depth and ν is the frequency of radiation.

The initial conditions are then specified as:

• I−(z, ν) = 0 at the surface

• I−(z, ν) = I+(z, ν) where the atmosphere is transparent

• I−(z, ν) = B(z, ν) where the atmosphere is opaque

The coefficients of absorption and emission are:

χν = χLφν + χcont(z, ν) (8.19)

ην = ηLφν + ηcont(z, ν) (8.20)
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where χ is the emission coefficient, η is the absorption coefficient, g is the statistical weight

and f is the oscillator strength.

The output generated contains the line profile information, the wavelength and intensity

at each frequency position. The line profile can then be plotted as required. A table

was also produced containing the FW of the line, the velocity of the line minimum, the
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velocity at the FWHM, the equivalent with of the line, the bolometric magnitude for the

snapshot of the model and the time. With the velocity information we can compare the

observed velocities measured for the same spectral line of the Cepheid that we modelled

and compare them with the model output.

Figure 8.5 compares the model radial velocity curve for the Baii line at 5853Å with

observations obtained for AX Cir. As can be seen in the figure the match between the

observations and model is good with close amplitudes and shapes.

Figure 8.5: Baii line for AX Cir, model and observations. The solid line

is the radial velocity of the line calculated from the model. The observations

obtained in this thesis are the dots overlaying the model curve.

8.4 The AX Circini models

The five day Cepheid AX Circini was chosen for modelling due to its well established

and stable pulsation for which a large number of observations have been obtained in this

thesis. The detailed spectroscopic information obtained from these observations can then

be compared to the pulsational models generated. This star had previously been examined

using an earlier version of the model code describe in this chapter, so the result of that

analysis was used as a starting point. A series of models were developed that reproduced

the characteristics of the light curve and gave a similar period to that observed. About 30
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Figure 8.6: Light curve for AX Cir, comparison between observation

and model. The observations are represented by (•) and the model is the

solid line.

models were calculated with varying luminosities, temperatures and masses, improving

on the initial model.

The early analysis was performed by A. Fokin using the observed parameters for the

mass M = 5.6M�, L = 1690L� and Teff = 5890K. These parameters were found to be

inconsistent with both the linear non-adiabatic analysis and the nonlinear pulsational

period of this star: PLNA = 3.8309 days for the fundamental mode compared to an

observed period of 5.27 days.

Fokin found that after extensive hydrodynamical calculations that it was possible to

fit the observed photometric amplitude and period only for L > 2000L�. Less luminous
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models tended to pulsate in the first overtone. The best results were obtained for the

model with parameters: L = 2300L�, M = 5.7M�, X = 0.73, Y = 0.25 for the LAOL

population I opacities. That model had a period of 5.119 days with ∆Mbol = 0.7 mag,

compared with ∆Vobs = 0.5.

Figure 8.7: Pulsating AX Cir model displaying the bolometric magnitude

and radial velocity at each time step at the time given. The period is 5.5 days.

Using the improved version of Fokin’s original radiative hydrodynamical code which

uses the latest OP opacities, new calculations were performed to model the observed

behaviour of AX Cir. The initial model parameters used were the best fit parameters

that Fokin found in his previous analysis. After calculating the model it was evident that
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the derived parameters did not produce the desired result as was the case in the earlier

analysis. A series of new models were then developed which explored the parameter

space near the initial parameters used above. A substantial number of models (∼30) were

calculated, which yielded a variety of results. Some models initially started as fundamental

mode pulsators with a period close to that desired, but then under went a change to the

first overtone period. A few models never achieved stable pulsation, as the parameters

used may have placed the model outside the instability strip. Quite a few models were

produced with many of the desired characteristics, but most had pulsation periods that

differed significantly from the observed period of 5.27 days, ranging from 4 to 6 days.

The bolometric light curve generated by the models was always greater in amplitude than

that observed, models with amplitudes close to that observed always damped out their

pulsations.

The best model result that adequately fitted the photometric amplitude had ∆Mbol =

0.78 mag, which can be seen in Figure 8.6. The amplitude of the bolometric light curve

was higher than the amplitude for the observed visual light curve, however the bolometric

light curve is known to be computationally very sensitive to the various physical (uncer-

tainties in the input physics, mainly the opacity and the equations of state), or numerical

constraints of the problem. The discrepancy between the two light curves can then be

regarded as satisfactory. The model parameters that produced the desired result are given

in Table 8.1:

Table 8.1: Model parameters best fitting the observed characteristics

of AX Circini

Parameter model AX07

L/L� 2050

M/M� 4.8

Teff 5900

X 0.70

Y 0.27

Period 5.5281

The period of the model was 5.5281 days and has a static photospheric radius of 43.7R�.

The model was calculated using 116 mass zones with ∼70 zones used for the envelope and

the remaining 46 zones for the atmosphere. This model built on an earlier model which

had the desired parameters but contained only 102 mass zones. This was increased to

add further zones to the atmospheric region of the model for comparing the model radial

velocity curve for the Caii lines with those observed. Since the cores of the Caii IR triplet

lines are formed high in the atmosphere of a star, an extended atmosphere was needed

from the model.
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Figure 8.8: Pulsational motion of the envelope for the AX Cir model

given in Table 8.1.
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Figure 8.9: Fei line for AX Cir, model and observation. The model is

the solid line and observations (•) for AX Cir model given in Table 8.1.

More important than the behaviour of the bolometric light curve in this particular anal-

ysis, was the comparison between the theoretical radial velocity curve and the observed

one which reflects the relation between the predicted and real atmospheric dynamics of

the star. The radial velocity curve generated by the models, are not as sensitive to any

numerical limitations in the hydrodynamical code, the radial velocities can then be a

good test of the adopted stellar characteristics. The performance of this model is demon-

strated in Figure 8.7 which shows the model pulsation with a coarse time step for both

the bolometric light curve and the radial velocity curve.

The structure of the model atmosphere and envelope is illustrated in Figure 8.8 which

shows the radius for each of the mass zones as the model evolves in time over three periods.

The model pulsations are observed to occur in an almost strict standing wave which is

shown by the variation in radius of the different mass zones of the model. There were no

strong, or medium shock waves found in this model and only a slight compression of the

atmosphere is seen just after the maximum radius of the model has been reached.

The success of this model lies in the fit of the observations and model. Figure 8.9 shows

that the model radial velocities for the Fei line at 5576Å (solid line) with the observed

radial velocities for AX Cir (•) shown for comparison. The model velocity curves were

found to be in excellent agreement with the observations and suggest that the model is
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Figure 8.10: Siii line for AX Cir, model and observations. The solid line

is the radial velocity of the line calculated from the model. The observations

obtained in this thesis are the dots overlaying the model curve.

plausible and the adopted parameters are reasonable. The other lines that were modelled

also provided similar fits (see Figures 8.5, 8.10 and 8.11). The dots in these figures

represent the observations obtained using the average line bisectors for line depths 0.7,

0.8 and 0.9 (see Chapter 4. The solid lines are the radial velocities calculated from the

model at the line core and half height. The model radial velocities calculated at the line

core and half height are virtually identical and seem to compare well with the bisector

velocities.

The model was able to reproduce the observed line level effects among the lines exam-

ined without the presence of a strong shock wave as can be seen in Figures 8.9, 8.10 and

8.11. A simple density wave provides the necessary velocity gradient to show differences

in radial velocity for the various lines from Siii, to Fei, to Baii and finally the Caii.

To further study the sensitivity of the pulsational characteristics of the AX Cir model to

the variations in phase space of the basic stellar parameters, additional hydrodynamical

models were created by varying the mass, luminosity and chemical composition of model

AX07. Due to AX Cir being close to the blue edge of the instability strip, half the models

became first overtone pulsators, the other models showed no significant differences in the

bolometric light curves from that found for model AX07 (see Table 8.2). The overtone

models may have the fundamental mode recovered by using a larger initial pulsational



214 Chapter 8. Models

Figure 8.11: Caii line for AX Cir, model and observations. The solid

line is the radial velocity of the line calculated from the model. The big jumps

in the model radial velocity are due to numerical problems with the limited

number of mass shells in the extended atmosphere of the model. The observa-

tions obtained in this thesis are the dots overlaying the model curve.

Table 8.2: Additional models of AX Cir, F corresponds to fundamental

mode pulsation, 1H to a first overtone pulsation model.

Model Mode Period L M Y

ax07 F 5.5d 2050 4.8 0.27

ax7a 1H 3.4d 2050 5.8 0.27

ax7b 1H 4.43d 2050 3.8 0.27

ax7c F/1H 5.51/3.84d 2050 4.8 0.25

ax7d F 5.9d 2050 4.8 0.29

ax7e 1H 4.14d 2250 4.8 0.27

ax7f F 5.06d 1850 4.8 0.27

velocity profile, further modelling would determine this. The conclusion from the results

of table 8.2 indicate that the models behaviour was not very sensitive to the stellar

parameters, but the models are sensitive to the initial velocity profile used to start the

pulsations. We see that the Cepheid AX Cir is a regular Cepheid variable without any
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hydrodynamic peculiarities. We also suggest that its main stellar characteristics should

not be far from the parameters found in our hydrodynamic analysis.

8.5 The YZ Carinae models

The Cepheid YZ Carinae was chosen to be modelled because of the long period (P ∼ 18

days), typical of the Cepheids used for distance determination. We also wanted to explore

the capabilities of the hydrodynamical code by extending its use to a long period Cepheid

which was on the blue side of the instability strip where convection can be neglected.

8.5.1 Linear Non-Adiabatic model

A powerful method for the analysis of the equations for stellar pulsations is a linear

stability analysis. This technique was first developed by Castor (1971), and represents

physically an analysis of a static envelope that has been perturbed slightly in the radial

direction. The results of such an analysis are a set of complex eigenvalues and eigenvectors

for the normal modes of pulsation of the model. This type of analysis can show clearly the

physics of pulsation and was believed to be very accurate, since the difficult nonlinearities

were ignored and the zoning could be specified as finely as required.

As a first order approach to the modelling of a Cepheid, a linear non-adiabatic (LNA)

model analysis can be used to assess whether the selected parameters will yield a pulsating

model in the subsequent nonlinear analysis. A LNA model can approximately determine

the pulsational period and the instability rate, but does not entirely address all the physics

involved in a non-linear pulsating stellar envelope.

The LNA model analysis makes use of the Los Alamos Opacity Libraries (LAOL), for

which three sets of opacities of differing composition can be used.

• Population II stars in the Galaxy (X=0.7, Y=0.297, Z=0.003)

• Population I stars in the Galaxy (X=0.73, Y=0.25)

• Population I stars in the LMC (X=0.745, Y=0.25)

These opacities can be used to model both type i and ii Cepheids with in our Galaxy

and the LMC and served as a useful introduction to pulsation modelling. Since the

LNA model program was written the opacities have been recalculated to take advantage

of changes in opacity calculations and subsequent modelling programs make use of the

newer OPAL opacities.

Initial modelling began with a linear non-adiabatic analysis of the likely parameters for

YZ Carinae. Given the 18 day period for YZ Car, a high mass was expected and LNA

models for masses of 7 & 8 M� were calculated. Many of the models required very high
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luminosities to produce an approximate 18 day period, which was inconsistent with the

non-linear results.

Table 8.3: LNA characteristics for a 7.0 M� classical Cepheid

Teff 5000 K 5500 K 6000 K

L mode P (days) η P (days) η P (days) η

7000L� F 19.5445 0.106 13.8991 0.062 10.2029 −0.004

——— 1H 13.4172 −0.037 9.9290 −0.019 7.4747 −0.027

8000L� F 22.0409 0.126 15.6263 0.075 11.4537 −0.003

——— 1H 14.9007 −0.061 11.0531 −0.041 8.3363 −0.046

9000L� F 24.5340 0.150 17.3448 0.006 12.6874 −0.008

——— 1H 16.3414 −0.087 12.1435 −0.077 9.1795 −0.073

10000L� F 27.0118 0.169 19.0577 0.082 13.9106 −0.011

——— 1H 17.7375 −0.120 13.2123 −0.118 10.0124 −0.103

11000L� F 29.4804 0.190 20.7698 0.085 15.1268 −0.014

——— 1H 19.1051 −0.155 14.2631 −0.157 10.8338 −0.133

12000L� F 31.9369 0.204 22.4913 0.008 16.3446 −0.024

——— 1H 20.4330 −0.190 15.3120 −0.190 11.6452 −0.172

Table 8.4: LNA characteristics for a 8.0 M� classical Cepheid

Teff 5000 K 5500 K 6000 K

L mode P (days) η P (days) η P (days) η

7000L� F 17.6888 0.078 12.6393 0.042 9.3194 −0.002

——— 1H 12.4618 −0.006 9.1785 0.010 6.8908 −0.003

8000L� F 19.9066 0.091 14.1889 0.052 10.4407 −0.005

——— 1H 13.8407 −0.023 10.2190 −0.005 7.6816 -0.018

9000L� F 22.1246 0.107 15.7222 0.062 11.5541 −0.005

——— 1H 15.1910 −0.040 11.2340 −0.021 8.4558 −0.031

10000L� F 24.3373 0.126 17.2489 0.067 12.6526 −0.008

——— 1H 16.5005 −0.059 12.2226 −0.046 9.2155 −0.051

11000L� F 26.5359 0.141 18.7697 0.068 13.7421 −0.011

——— 1H 17.7745 −0.085 13.1923 −0.078 9.9661 −0.072

12000L� F 28.7261 0.158 20.2923 0.072 14.8240 −0.013

——— 1H 19.0236 −0.111 14.1517 −0.108 10.7083 −0.095

Tables 8.3 & 8.4 contain the LNA analysis results for classical Cepheids of 7 & 8 M�.

Each table has the analysis for a fixed range of luminosities and effective temperatures
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for which the period of the pulsation is given for both the fundamental and first overtone

modes. η (= 4πtexcitation/P ) is Castor’s growth rate for the Population I LAOL opacities

and is the total energy added to the pulsation at each period in units of the pulsation

energy.

8.5.2 Non-linear analysis

Figure 8.12: Light curve for YZ Car, model and observations. The

(•) are the observation and the solid line is the bolometric magnitude of the

model.

The non-linear analysis began with a series of models which were based on the results

of the LNA analysis conducted above. The LNA analysis was expected to be at best a
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Figure 8.13: Variation in radius of the model atmosphere for YZ Car.
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rough guide to the non-linear pulsation period and provided a good starting point for the

initial parameters for the models. The initial parameters were first checked and adjusted

if needed to be consistent with the Mass-Luminosity relation of Chiosi et al (1993) (see

equation 8.17). Many of the initial models produced pulsations with a wide variety of

periods, damped oscillations in particularly blue models, or overtone pulsation. A model

was soon produced with a pulsation period of approximately 18 days. The parameters for

this model were used as the starting point to explore the parameter space to find a model

with a light curve which produced the desired characteristics, a bolometric amplitude of

∆Mbol = 0.58, as observed for YZ Carinae and a similar shape to that of the visible light

curve (see the • in Figure 8.12).

Figure 8.14: FeI 5576Å line for YZ Car, model and observations. The

(•) are the observations and the solid line is the model.

After extensive hydrodynamic modelling (in which 30 models were calculated) we found

it possible to fit the observed photometric amplitude and period for luminosities 9000–

10000 L�, Teff =∼ 5600K and mass of 7.7 M�.
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Table 8.5: Initial static model parameters for YZ Carinae, which pro-

vided the best fit to the observed characteristics.

Parameter model YZ28

L/L� 9350

M/M� 7.7

Teff 5590

X 0.70

Y 0.29

Period 18.314d

The best result was obtained for the model with parameters that can be see in Table 8.5

using the OP opacities. This model has a period of 18.314 days, is strictly periodic with

δMbol = 0.57 mag. It was calculated using 106 mass zones with ∼60 zones used for the

envelope and the remaining 46 zones for the atmosphere and had a static photospheric

radius of 104.14R�. The behaviour of the bolometric light curve is very similar to that seen

in the observed visual light curve. This indicates that the main stellar characteristics are

not expected to be too dissimilar to the parameters found in this hydrodynamic analysis.

The variation in radius of the model can be seen in Figure 8.13 which shows that the

pulsations occur in a strict standing wave with no apparent peculiarities.

Of particular interest in this thesis are the radial velocity curves, which reflect the

relation between the predicted and real atmospheric dynamics. While YZ Car was not as

heavily observed as some of the other Cepheids, the existing data was sufficient to make

a useful comparison. In Figure 8.14 the Fei 5576Å line is shown, the • are the observed

radial velocities for the line and the solid line is the model radial velocity. The agreement

between the two is good with the amplitude and shape of the curves agreeing well.

We also looked for any strong, or medium shock waves in this model. As one of the

longer period Cepheid, strong shock waves could be present and were expected to be more

easily detected. In Figure 8.15 we see the pulsating photosphere of the model (solid line)

and some regions (shown by ·) where shock waves may be present. Each dot represents

where the ratio of the artificial viscosity pressure to the full pressure exceeds 0.01. Because

of the artificial viscosity equation, compression in the atmosphere can sometimes generate

a false impression of a shockwave. No shock waves are seen in the figure which would

appear as a string of · on the ascending part of the curve only, instead compression in the

atmosphere appears in this figure.
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Figure 8.15: Shock wave propagation in the YZ Car model. The solid

lines is the photospheric radius and the (·) are where compression or a shock

wave may be occurring.
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Chapter 9

Conclusion

In this thesis we were interested in making an observational and theoretical study of

Cepheids variable stars using radial velocities. Of particular interest were Cepheids in

binary systems where we can learn about the masses of Cepheids.

In Chapter 2 we discussed the observational part of this thesis. The stars studied were

already part of a long term programme to observe southern variable stars using radial

velocities, from which a valuable database of radial velocities gathered over a long period

were available. Great care was taken to obtain observations of the stars under study to

produce radial velocities of unprecedented precision from MJUO. A new CCD detector

was brought into use which enabled us to observe more spectrum than had been previously

possible and observations now included a number of very useful absorption lines covering

a range of species and excitation potentials.

The reduction process was described in Chapter 3, where a number of techniques not

previously used have been applied. The vast majority of the data was obtained with the

Series 200 CCD camera which observed 16 orders over a large range of wavelengths. A

careful process was followed for the reductions and the wavelength fitting of the spectra

made use of a 2-dimensional wavelength fitting routine to improve the accuracy of the

subsequent radial velocities. The 2-dimensional fitting routine placed all the orders from

each observation on a common scale and removed the uncertainty that may be present

from using 1-dimensionally wavelength calibrated data which may differ significantly in

zero point from order to order.

The analysis of the data was discussed in Chapter 4, where the line bisector technique

to measure the stellar metallic lines and telluric lines was used to obtain radial velocities.

To improve the precision of the radial velocities we used the telluric lines, which had

previously been regarded as contaminates in the spectra, to calibrate the observations to

a common reference frame. Using a mix of water vapour and molecular oxygen lines, the

223
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metallic lines were all corrected by the measured rest velocity of the telluric lines. Since

the telluric lines are measured with an essentially zero velocity, any velocity difference

was mostly due to a wavelength shift between the stellar observation and the wavelength

calibration spectra.

The resulting radial velocities have achieved a precision not previously obtained using

this configuration of the equipment at MJUO. The radial velocities have a precision of

∼400ms−1 allowing the detection of velocity differences of 1 km s−1 with confidence. The

revised orbit for W Sgr demonstrates how valuable and precise the radial velocities in

this thesis are (see Section 6.10). The radial velocity data obtained at MJUO was also

combined with data from sources in the literature to determine the orbits of any Cepheids

exhibiting orbital motion. The data was weighted according to the perceived value and

accuracy and various methods were applied to determine orbits. These included Fourier

fitting, spline fitting by iterative, or simultaneous, methods. The various orbital param-

eters were then determined for a number of systems and, where radial velocities for the

companions exist, some estimate of the mass was made. The precision of the radial ve-

locities obtained from MJUO also allowed us to search for line level effects in a number

of species among the Cepheid spectra. This was further discussed in Chapter 7.

The first of our results are presented in Chapter 5. There we present the measurements

made of the radial velocity standard stars. These stars were observed to calibrate the

radial velocities obtained at MJUO to the IAU standard scale. They also show the

precision with which our velocities were measured. A comparison was made between the

velocities measured using the line bisector technique and cross correlation function. In

each case we showed that the radial velocities were measured with better precision using

the telluric line correction than without. Table 5.8 showed the radial velocities determined

for the radial velocity standard stars, showing how precise the measurements have become

with the method used in this thesis. The radial velocities from MJUO were calibrated

to the IAU scale and do not differ significantly from the published values in many cases.

The radial velocity of a few standard stars was found to be different from that published

in the Astronomical Almanac, but agree with results from Skuljan (1999). The use of the

cross-correlation function in this thesis was not as precise as the bisector velocities used.

However the results from either method were satisfactory.

In Chapter 6 we examined the Cepheids in binary or multiple systems. Binary Cepheids

are particularly useful in the determination of Cepheid masses which are still a contro-

versial topic. Because the detection of orbital motion amongst Cepheids is complicated

by the pulsational velocities, it was important to obtain an adequately sampled pulsation

curve and to obtain observations which cover a period of time that was more than one

orbital period in the ideal case. For all the binary Cepheids studied, historical data from

the literature was used to obtain orbital parameters wherever possible. The value of the

MJUO data was often seen where it provided a consistent set of data against which the
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other historical data could be compared. The MJUO data was especially useful where it

has covered multiple orbits, tightly constraining the possible orbital parameters. For 8 of

the Cepheids, new or improved orbital solutions were found (see Table 6.24). Of these 8

systems, 3 had information on their respective companions which allowed the determina-

tion of the mass of the Cepheids. Masses were determined for the 9 day Cepheid S Mus

(6.0±0.4 M�), the double mode Cepheid Y Car (4.5±1.8 M�); the uncertainty of which

was primarily due to the uncertainty with which the radial velocities were measured for

the companion in the UV and the 5 day Cepheid V350 Sgr (6.0±0.9 M�).

The new results in this thesis provided the first orbital solution for the Cepheid AX

Cir which now has data covering multiple orbits. The Cepheid YZ Car had a completely

revised orbital solution presented, which now establishes its eccentricity. The binary

Cepheid BP Cir shows orbital motion but the existing data set does not yet provide

enough data to establish even the most rudimentary of orbital parameters. However the

pulsation period has been redetermined with an increase in the period to 2.39819d. The

suspected binary Y Oph has now been shown to be an unusual Cepheid devoid of orbital

motion. No evidence of binarity has been found in our data. Finally the 5 day Cepheid

W Sgr was observed to have the lowest orbital amplitude for any Cepheid yet measured.

The low amplitude of its orbital motion firmly establishes the value and precision of the

MJUO data.

In Chapter 7 we discussed the line level effects found in the observations. The mean

metallic line velocities and Fei velocities were found to be essentially identical, so either

could be used for comparison with selected species. A number of lines were observed to

show departures from the Fei velocities. They were: Hα, Caii, Baii, Feii, Sii and Siii.

Most of the Cepheids were observed to show the same progression of line level effects,

with the best example being the bright Cepheid β Dor. The Siii velocities were observed

to have the lowest velocity amplitude of the lines observed indicating that they formed

deeper in the atmosphere than the Fei lines. The Sii lines show a greater amplitude, being

only slightly less than the Fei lines and a small phase difference occurring in the peak of

the velocity curve. The Fei lines have the amplitude of the mean curve and as can be seen

in Figure 7.1 are the base line against which all the other lines were measured. The Feii

velocities were similar to the Fei lines, but differed at particular phases in some stars eg.

β Dor. The Baii line was observed to have a greater amplitude than Fei, the peak of the

velocity curve occurring just after the Fei peak. The Caii and Hα lines were all observed

to have greater amplitudes of several km s−1 or more with the peak of those velocity curves

occurring later as the amplitude increased. These observations are consistent with the

lines forming at different depths as a density wave propagates through the atmosphere.

The exceptions were the Cepheids BP Cir, Y Oph and X Sgr. Both BP Cir and Y

Oph are different to the other Cepheids, BP Cir is an overtone pulsating Cepheid, while

Y Oph is unusual due to its well behaved atmosphere with no apparent shockwaves. The
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Cepheid X Sgr is peculiar due to its interesting spectra which at certain phases show line

doubling and at most other phases the lines are asymmetric. While the radial velocities do

not show any line level effects, they presence cannot be ruled out due to the uncertainties

from the method used. X Sgr does show strong evidence to support the presence of a

strong shockwave as well as greater atmospheric transparency in the spectral region near

6000Å.

The final part of this thesis deals with the modelling of a pulsating Cepheid. A non-

linear radiative hydrodynamic code developed by A. Fokin has been used to model two

Cepheids, AX Cir and YZ Car. The code does not use convection so the models are

restricted to cases where convection can be neglected. A full description of the code is

given in Chapter 8.

The five day Cepheid AX Cir was modelled due to its well established and stable

pulsation. Previous work by A. Fokin had shown that AX Cir could not be modelled with

a luminosity less than 2000 L�. Substantial modelling using the latest OP opacities has

determined that AX Cir can be modelled with parameters L = 2050 L�, M = 4.8 M�

and Teff = 5900K, which matched the photometric amplitude and had a period of 5.528

days. Comparison between the selected spectral lines Fei, Siii, Baii and Caii show good

agreement with similar amplitudes and velocity curves.

The 18 day Cepheid YZ Car was chosen to explore the capabilities of the radiative

hydrodynamic code by extending its use to a long period Cepheid similar to the type of

Cepheid used for distance determination. Some initial calculations were carried out using

linear non-adiabatic modelling code to establish initial parameters for the non-linear code.

Observations have suggested a mass for YZ Car of ∼8M�, so 7 and 8 M� models were

calculated. From these models likely initial parameters for the non-linear code were used

to generate numerous models. The best model that was developed had parameters L

= 9350 L�, M = 7.7 M� and Teff = 5590K, which had a period of 18.314 days and a

bolometric light curve which agreed well with the observed visual light curve. Comparison

of the theoretical and observational radial velocities show good agreement, indicating that

the model has parameters which are consistent with what the main stellar characteristics

should be.

9.1 Future work

The determination of Cepheid masses remains an important topic with the discrepancies

between the various methods used. The dynamical study of Cepheids in binary systems

remain the most reliable method for the accurate determination of their masses. A number

of the binary systems that have been studied in this work require additional observations

to complete coverage of their orbits. Systems that should be studied further include;

• YZ Car, for which the pulsational velocities need to be better defined to refine the
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orbital solution. The orbit for YZ Car still requires that some of its crucial phases

be observed to improve the existing solution.

• AX Cir, for which continued observations are required to complete phase coverage

of the orbit, where a significant change in eccentricity and orbital period are still

possible.

• BP Cir, to further study the continuing change in systemic velocity.

Observations in the UV of the companions to a number of these Cepheids to obtain radial

velocities would be valuable in determining the masses of the stars.

A substantial database of radial velocity observations have been obtained from MJUO

and additional observations will continue to add value, particularly with regard to the

study of line level effects in variable stars. Additional species of lines should be observed

to further extend our knowledge of lines affected by density or shockwaves. It is of

importance to determine a line forming region which will essentially be co-moving with

the continuum for distance determinations. The observed variations will be valuable for

comparison with calculated contribution functions.

Further study of the unusual Cepheid X Sgr with its asymmetric and split lines is

needed to understand the mechanism behind these observations. Observations should

be acquired at higher resolution to gain a further understanding of the behaviour of the

various lines and determine the wavelength range over which this behaviour of the lines

can be observed. Also intensive observations to investigate cycle-to-cycle variations.

The radiative hydrodynamic models of AX Cir and YZ Car will be further studied

to determine their sensitivity to the chosen stellar parameters. The dynamical model

atmospheres will be used to generate synthetic spectral line profiles for additional species

and the radial velocities of these lines will be compared with the observations.

Additional models of Cepheids can be developed to further expand the models available

to interpret the high resolution Cepheid observational data. They will also further our

understand of Cepheid behaviour and aid in the refinement of the Cepheid distance scale.
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F. Donati, M. Grenon, F. van Leeuwen, H. van der Marel, F. Mignard, C. A. Murray, R. S. Le

Poole, H. Schrijver, C. Turon, F. Arenou, M. Froeschlé, and C. S. Petersen. The HIPPARCOS
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Appendix A

Reduction and analysis programs

A number of programs were used or developed for the reduction of the Series 200 CCD

spectra. Below is listed various programs, loosely in order of the reduction procedure.

A.1 Programs

Many of the programs presented here were modified or based on those provided by Dr.

Michael Albrow.

A.1.1 Iprep

The program iprep converts the images from the FITS format to the NDF idiosyncratic

format used by ECHOMOP and FIGARO.

#!/bin/tcsh -f

#

# IPREP Prepare UOC Series 200 CCD FITS images for reduction.

#

# Usage: iprep imagename

#

# Start figaro

#

source /star/etc/cshrc

source /star/etc/login

figaro

idev xwin

241



242 Appendix A. Reduction and analysis programs

colour grjt_lut

#

# Loop over FITS files

#

foreach file ( $* )

#

# Check that no corresponding NDF format file exists

#

if ( ! -e $file:r".sdf" ) then

#

# Read the fits file in to STARLINK NDF format

#

rdfits $file temp1 swap float

#

# Find the median value in the bias strip

#

istat image=temp1 xstart=1025 xend=1059 ystart=1 yend=1024 \

> /dev/null

#

# Subtract off this median value

#

icsub temp1 @$ADAM_USER/GLOBAL.STAT_MEAN temp2

#

# Remove the bias strip

#

isubset image=temp2 xstart=1 xend=1024 ystart=1 yend=1024 \

output=@$file:r

#

# Display the new image

#

image @$file:r reset accept

#

# Remove temporary files

#

rm -f temp[1-2].sdf

#

# Report action

#

echo $file:r".sdf" prepared
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else

echo $file:r".sdf" exists

endif

#

# Exit

#

end

A.1.2 Clean

Cosmic-ray strikes which will also include instances of background radiation cause dis-

tinctive spikes on échelle spectral images. The program clean removes most of these

cosmic-rays and spikes from the images. Routinely it was necessary to run this program

multiple times to clean a complete image.

#!/bin/tcsh

#

# CLEAN Removes cosmic-rays from image

#

# Usage: clean filename.sdf

#

source /star/etc/cshrc

source /star/etc/login

figaro

foreach file ($*)

bclean @$file:r crsig=5 crfact=0.4 crminv=30 sharpness=n \

direction=0 autorow=n brfact=1.5 brpass=4 fix=y degfix=3 \

textfile=n nbrows=0 output="temp"$file:r

bclean "temp"$file:r crsig=5 crfact=0.4 crminv=30 sharpness=n \

direction=0 autorow=n brfact=1.5 brpass=4 fix=y degfix=3 \

textfile=n nbrows=0 output="temp1"$file:r

bclean "temp1"$file:r crsig=5 crfact=0.4 crminv=30 sharpness=n \

direction=0 autorow=n brfact=1.5 brpass=4 fix=y degfix=3 \

textfile=n nbrows=0 output=$file:r"c"

rm -f "temp"$file

rm -f "temp1"$file

end

After the image was cleaned the cleaned image has a “c” appended to the filename. The

resulting background level of the Series 200 CCD images were very smooth and nearly
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flat.

A.1.3 Makedark

To remove the background inherent in the CCD images, a combination of bias and dark

frames were used to produce a mean dark profile to be subtracted from each science and

calibration image. The mean dark image was created from images obtained for the same

night of observation where possible.

#!/bin/tcsh -f

#

# MAKEDARK Create dark image

#

# Usage: makedark name.sdf image1.sdf [ image2.sdf ... ]

# where name.sdf is the name of the new file Usually 3 files used.

#

# Start up FIGARO

#

source /star/etc/cshrc

source /star/etc/login

figaro

#

# First argument is the new file to be created

#

set new=$1:r

shift

#

# Check that the "new" file doesn’t already exist

#

if ( ! -e $new".sdf" ) then

#

# Copy first image to new file

#

cp $1:r".sdf" $new".sdf"

shift

#

# Add remaining files

#

foreach file ($*)

iadd image=@$file:r image1=@$new output=@$new
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end

#

# median filter image using 3x3 box

#

medfilt image=@$new box=3 output=@$new

icdiv image=@$new factor=3 output=@$new

colour grjt_lut

image image=@$new \\

#

# If new file already exists then tell user

#

else

echo $new already exists

endif

A.1.4 Makeflat

Each night of observations had a series of flat images obtained to calibrate the wavelength

sensitivity of the CCD pixels in each order. A mean flat was created from the 10 flat images

typically obtained giving a very high signal to noise images and providing additional signal

at the edges where the signal falls off.

#!/bin/tcsh -f

#

# MAKEFLAT Add NDF format images together

#

# Usage: makeflat name.sdf image1.sdf [ image2.sdf ... ]

# where name.sdf is the name of the new file

#

# Start up FIGARO

#

source /star/etc/cshrc

source /star/etc/login

figaro

#

# First argument is the new file to be created

#

set new=$1:r

shift

#
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# Check that the "new" file doesn’t already exist

#

if ( ! -e $new".sdf" ) then

#

# Copy first image to new file

#

cp $1:r".sdf" $new".sdf"

shift

#

# Add remaining files

#

foreach file ($*)

iadd image=@$file:r image1=@$new output=@$new

end

colour grjt_lut

image image=@$new \\

#

# If new file already exists then tell user

#

else

echo $new already exists

endif

A.1.5 maketrace

The maketrace program generates the template file that was used to define the position

and limits of the orders on the image. The position and trace of a spectrum which was

the reference for the automatic tracing of science spectra.

#!/bin/tcsh -f

#

# MAKETRACE Set up a trace_template file for use with automated

# ECHOMOP reductions. The first (and only) argument

# should be the name of an image to trace. It is assumed

# that there is a flat field image in the current

# directory called flat.sdf.

#

source /star/etc/cshrc

source /star/etc/login

echomop
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echmenu ech_rdctn=trace_template tune_automate="’1,EXIT’" \

tracim=$1:r inptim=$1:r arc=NONE tune_autloc=n tune_crinter=n \

tune_fcheck=n tune_partord=n tune_satrtn=1.0e20 tune_twthr=0.95 \

tune_xbox=20 use_median=n

echmenu ech_rdctn=trace_template tune_automate="’2,3,15,4.1,5,EXIT’" \

tracim=$1:r inptim=$1:r arc=NONE display=y soft=xwin \

trace_mode=TAG trcfit=poly trc_npoly=5 tune_maxpoly=32 \

trc_interact=n tune_clpby=1 pfl_interact=y pfl_mode=A slitim=flat \

tune_dekthr=0.20 tune_mxskypix=71 tune_skyhilim=0.01 \

tune_use_nxf=1.5 ffield=flat fltfit=mean tune_fflsmp=10 \

tune_ffnxply=1 tune_ffsubsmp=n tune_ffthresh=10 tune_prebal=n

A.1.6 Makewave

The second template file required for the automated reduction procedure defines the

wavelength for the observed positions on the image and wavelength range. The wavelength

is determined along the trace of the spectra and was either manually generated or the

wavelengths of the emission lines in the wavelength calibration image were automatic

determined after some initial identifications. The template file contains the wavelengths

and positions of the measured lines which were compared with and used to calculate the

wavelength dispersion of the wavelength calibration images.

#!/bin/tcsh -f

#

# MAKEWAVE Set up a wave_template file for use with automated

# ECHOMOP reductions. The first arguement should be the

# name of the image used in MAKETRACE. The second

# arguement is the name of the throium-argon wavelength

# calibration image. It is assumed that there is a flat

# field image in the current directory called flat.sdf.

#

source /star/etc/cshrc

source /star/etc/login

echomop

echmenu ech_rdctn=wave_template tune_automate="’1,2,3,4.1,5,EXIT’" \

tune_clone=trace_template tune_mxskypix=71 tune_use_nxf=1.5 \

display=y soft=xwin
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echmenu ech_rdctn=wave_template tune_automate="’4.2,22,7,EXIT’" \

inptim=$1:r pfl_interact=y pfl_mode=A slitim=flat tune_skyhilim=0.1 \

ffield=flat photon_to_adu=1.2 readout_noise=2.2 skyfit=poly \

tune_skypoly=5 tune_skyrej=5 tune_skyrthr=5 tune_skysim=n \

tune_objpoly=0

echmenu ech_rdctn=wave_template tune_automate="’8,9,10,EXIT’" \

inptim=$1:r arc=$2:r ffield=flat photon_to_adu=1.2 tune_maxpoly=32 \

readout_noise=2.2 extract_mode=O tune_skvrcorr=n \

# readout_noise=2.2 extract_mode=P tune_skvrcorr=n \

tune_rflnthr=1.15 ech_ftrdb=$ARCDIRS/THAR \

arc_type=$ARCDIRS/THAR.ARC auto_id=n central_onum=35 \

central_wave=6554.931 hi_wave=8560 low_wave=5420 \

max_dispersion=0.12 min_dispersion=0.06 tune_idmxdif=0.04 \

tune_idstrng=50 wavfit=poly w_npoly=4

A.1.7 Dospec2

The program dospec2 shows the steps followed in the reduction of the object spectrum

and the two wavelength calibration images obtained before and after the object image.

#!/bin/tcsh -f

#

# DOSPEC2 Processing steps for echelle reduction. Takes an object

# image and two arc-line images and goes through all the

# steps necessary to reduce the spectrum to 1-D continuum

# fitted spectra, binned to 0.05 Angstrom bins.

#

source /star/etc/cshrc

source /star/etc/login

figaro

#

# subtract mean dark from images

#

isub $1:r dark $1:r

isub $2:r dark $2:r

isub $3:r dark $3:r

#

# clean object spectrum of cosmic rays and reduce spectrum
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#

clean $1

reducing $1:r"c.sdf" $2 $3

#

# Fit wavelengths of emmission lines with a 2-D solution

#

fit2dwave $1:r"c.sdf"

echtract $1:r"cr.sdf" 1 16 $1:r"cr"

#

# Continuum fit the extracted 1-D spectra

#

fitcont $1:r"*_*.sdf"

#

# Interactive fitting of the continuum level, if required using cfit

#

# conop $1:r"*_*s.sdf"

#

# Bin to a uniform wavelength scale

#

rebinning $1:r"*_*n.sdf"

#

# Remove temp files

#

/bin/rm $1:r"cr_01.sdf"

/bin/rm $1:r"cr_02.sdf"

/bin/rm $1:r"cr_03.sdf"

/bin/rm $1:r"cr_04.sdf"

/bin/rm $1:r"cr_05.sdf"

/bin/rm $1:r"cr_06.sdf"

/bin/rm $1:r"cr_07.sdf"

/bin/rm $1:r"cr_08.sdf"

/bin/rm $1:r"cr_09.sdf"

/bin/rm $1:r"cr_10.sdf"

/bin/rm $1:r"cr_11.sdf"

/bin/rm $1:r"cr_12.sdf"

/bin/rm $1:r"cr_13.sdf"

/bin/rm $1:r"cr_14.sdf"

/bin/rm $1:r"cr_15.sdf"

/bin/rm $1:r"cr_16.sdf"
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/bin/rm $1:r"cr_01n.sdf"

/bin/rm $1:r"cr_02n.sdf"

/bin/rm $1:r"cr_03n.sdf"

/bin/rm $1:r"cr_04n.sdf"

/bin/rm $1:r"cr_05n.sdf"

/bin/rm $1:r"cr_06n.sdf"

/bin/rm $1:r"cr_07n.sdf"

/bin/rm $1:r"cr_08n.sdf"

/bin/rm $1:r"cr_09n.sdf"

/bin/rm $1:r"cr_10n.sdf"

/bin/rm $1:r"cr_11n.sdf"

/bin/rm $1:r"cr_12n.sdf"

/bin/rm $1:r"cr_13n.sdf"

/bin/rm $1:r"cr_14n.sdf"

/bin/rm $1:r"cr_15n.sdf"

/bin/rm $1:r"cr_16n.sdf"

#

# Plot up all the orders of the spectrum for inspection

#

stackplot $1:r"cr"

A.1.8 Reducing

The reduction of the 2-D spectral image and wavelength calibration images to individual

1-D spectral orders follow this routine previously described in Chapter 3.

#!/bin/tcsh -f

#

# REDUCING Automated reduction file for use with ECHOMOP

# The first arguement is the cosmic ray filtered

# spectrum, the second and third arguements are the

# thorium-argon spectra taken before and after the

# stellar spectrum.

#

source /star/etc/cshrc

source /star/etc/login

echomop

figaro

iadd $2:r $3:r tarc
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echo "tarc created"

echmenu ech_rdctn=$1:r"rdcn" \

tune_automate="’1<trace_template,2,3,4.1,5,EXIT’" \

tune_mxskypix=71 \

tune_use_nxf=1.5 \

display=n \

soft=xwin

echmenu ech_rdctn=$1:r"rdcn" \

tune_automate="’4.2,22,7,8,EXIT’" \

inptim=$1:r arc=tarc pfl_interact=y pfl_mode=a slitim=flat \

ffield=flat tune_skyhilim=0.01 photon_to_adu=1.2 \

readout_noise=2.2 skyfit=spline tune_skypoly=44 tune_skyrej=5 \

tune_skyrthr=5 tune_skysim=n tune_objpoly=0 \

extract_mode=O \

tune_skvrcorr=n blzfit=poly blz_interact=n blz_npoly=5 \

tune_blzrset=y

echmenu ech_rdctn=$1:r"rdcn" \

tune_automate="’9,10<wave_template,EXIT’" \

wavfit=poly auto_id=y arc=tarc \

tune_maxpoly=32 tune_rflnthr=1.15 \

max_dispersion=0.12 min_dispersion=0.06 w_npoly=4 \

hi_wave=8700 low_wave=5300 \

tune_idstrng=50 ech_ftrdb=$ARCDIRS/THAR

echmenu ech_rdctn=$1:r"rdcn" \

tune_automate="’9,10,11,14,EXIT’" \

wavfit=poly auto_id=y arc=tarc arc_type=$ARCDIRS/THAR.ARC \

min_dispersion=0.06 max_dispersion=0.12 w_npoly=4 \

low_wave=5350 hi_wave=8600 ffield=flat \

ech_ftrdb=$ARCDIRS/THAR tune_idstrng=50 \

blzfit=spline blz_interact=n blz_npoly=20 tune_maxpoly=32 \

tune_archive=n result_type=extobj result_format=ndf \

ech_rducd=$1:r"r" inptim=$1 > $1:r".wave"

#

# Copy FITS header from object image to new file
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#

cpfits $1 $1:r"r"

/bin/rm tarc.sdf

#

# Check the wavelength dispersion solution for each order

#

checkwave $1:r".wave"

A.1.9 Checkwave

The checkwave program outputs the dispersion of each order from the reduction procedure

followed in “reduce”. If the dispersion was greater than expected in any order it could be

re-reduced to obtain a better wavelength solution.

#!/bin/sh

# the next line restarts using tclsh \

exec tclsh "$0" "$@"

#

# CHECKWAVE This is a script file to extract the useful information

# about the precision of wavelength determinations from

# a ".wave" file produced by REDUCE.

#

# Example usage: checkwave f12345c.wave

#

set file [open [lindex $argv 0] r]

set line1 "nothing"

set tempfilename "temp_"

append tempfilename [pid]

set tempfile [open $tempfilename w]

foreach line [split [read $file] \n] {

if {[regexp {Central} [lindex $line 0]]} {

set wave [lindex $line 3]

}

if {[regexp {RMS} [lindex $line 0]]} {

set rms [string range [lindex $line 2] 0 4]

set nlines [lindex $line2 0]

if {$nlines > 5} {

set err [expr $rms / sqrt( $nlines - 5 )]

} else {



A.1. Programs 253

set err 9.999

}

set kms [expr $err * 3.0e5 / $wave]

set err [format "%5.3f" $err]

set wave [format "%7.2f" $wave]

set rms [format "%5.3f" $rms]

set kms [format "%5.2f" $kms]

set nlines [format "%2i" $nlines]

puts $tempfile " $wave $rms $nlines $err $kms"

}

set line2 $line1

set line1 $line

}

close $file

close $tempfile

set output [exec sort $tempfilename]

exec rm -f $tempfilename

puts stdout "Wavelength RMS Lines Error km/s"

puts stdout $output

A.1.10 Fit2dwave

The wavelength solutions for each of the spectral orders found using ECHOMOP were

1-Dimensional solutions. To improve our radial velocity measurements, the wavelength

solution for the spectra needed to be placed on a single wavelength scale. The individual

wavelength solutions for each order were discarded, using the wavelengths and positions of

the emission lines on the image a 2-Dimensional solution was derived tying all the orders

onto a single solution using a bivariant polynomial.

Perhaps due to the small number of orders observed compared to the wavelength range,

a residual was found to persist in the early 2-D solutions which was parabolic or quadratic

in nature. After the examination of a large number of spectra obtained over a long period

it was found the residual was persistent and apparently unchanged over time. To correct

for this a step was added to the 2-D wavelength fitting routine to correct for this effect.

#!/bin/csh -f

#

unsetenv DISPLAY

foreach file ($*)

ndf2wave $file:r"rdcn.sdf"
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ln -s $file:r"rdcnidl.asc" idl.asc

ln -s $file:r"rdcnidw.asc" idw.asc

matlab < 2dwave.m

wave2ndf waves.asc $file:r"r"

/bin/rm idl.asc idw.asc waves.asc $file:r"rdcnidl.asc" $file:r"rdcnidw.asc"

end

A.1.11 NDF2wave

#!/bin/csh -f

#

source /star/etc/cshrc

source /star/etc/login

figaro

convert

foreach file ( $* )

creobj type=NDF dims=0 object=tempid

creobj type=ARRAY dims=0 object=tempid.data_array

copobj source=$file:r".more.echelle.id_lines" \

object=tempid.data_array.data

ndf2ascii tempid out=$file:r"idl.asc" fixed noperec=1

/bin/rm tempid.sdf

creobj type=NDF dims=0 object=tempid

creobj type=ARRAY dims=0 object=tempid.data_array

copobj source=$file:r".more.echelle.id_waves" \

object=tempid.data_array.data

ndf2ascii tempid out=$file:r"idw.asc" fixed noperec=1

/bin/rm tempid.sdf

end

A.1.12 2dwave.m

%

% Matlab 2D wavelength fitting.

%

clear all

load idl.asc

load idw.asc
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[idl1 ll] = getwave(idl,200,16);

[idw1 lw] = getwave(idw,200,16);

i = 1;

while i <= length(idl1),

if mod(idl1(i),1) == 0

idw1(i) = [];

idl1(i) = [];

for j = 2:length(ll)

if i <= ll(j)

ll(j)=ll(j)-1;

end

end

else

i = i +1;

end

end

n = 42:-1:27;

for i=1:length(ll)-1,

m(ll(i)+1:ll(i+1))=n(i);

end

v(:,1) = ones(length(idw1),1);

v(:,2) = ((idw1’-7000)/100);

v(:,3) = ((idw1’-7000)/100).^2;

v(:,4) = ((idw1’-7000)/100).^3;

v(:,5) = (m’-35);

v(:,6) = ((idw1’-7000)/100).*(m’-35);

v(:,7) = ((idw1’-7000)/100).^2.*(m’-35);

v(:,8) = ((idw1’-7000)/100).^3.*(m’-35);

v(:,9) = (m’-35).^2;

v(:,10) = ((idw1’-7000)/100).*(m’-35).^2;

v(:,11) = ((idw1’-7000)/100).^2.*(m’-35).^2;

v(:,12) = ((idw1’-7000)/100).^3.*(m’-35).^2;

v(:,13) = (m’-35).^3;

v(:,14) = ((idw1’-7000)/100).*(m’-35).^3;

v(:,15) = ((idw1’-7000)/100).^2.*(m’-35).^3;
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v(:,16) = ((idw1’-7000)/100).^3.*(m’-35).^3;

b = v\idl1’;

xx = v*b;

err = std(idl1’-xx)

i = 1;

while i <= length(xx),

if abs(idl1(i)’-xx(i)) > 3*err

idw1(i) = [];

idl1(i) = [];

m(i) = [];

xx(i) = [];

for j = 2:length(ll)

if i <= ll(j)

ll(j)=ll(j)-1;

end

end

else

i = i +1;

end

end

clear v b xx

v(:,1) = ones(length(idw1),1);

v(:,2) = ((idw1’-7000)/100);

v(:,3) = ((idw1’-7000)/100).^2;

v(:,4) = ((idw1’-7000)/100).^3;

v(:,5) = (m’-35);

v(:,6) = ((idw1’-7000)/100).*(m’-35);

v(:,7) = ((idw1’-7000)/100).^2.*(m’-35);

v(:,8) = ((idw1’-7000)/100).^3.*(m’-35);

v(:,9) = (m’-35).^2;

v(:,10) = ((idw1’-7000)/100).*(m’-35).^2;

v(:,11) = ((idw1’-7000)/100).^2.*(m’-35).^2;

v(:,12) = ((idw1’-7000)/100).^3.*(m’-35).^2;

v(:,13) = (m’-35).^3;

v(:,14) = ((idw1’-7000)/100).*(m’-35).^3;
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v(:,15) = ((idw1’-7000)/100).^2.*(m’-35).^3;

v(:,16) = ((idw1’-7000)/100).^3.*(m’-35).^3;

b = v\idl1’;

xx = v*b;

err = std(idl1’-xx)

i = 1;

while i <= length(xx),

if abs(idl1(i)’-xx(i)) > 0.25

idw1(i) = [];

idl1(i) = [];

m(i) = [];

xx(i) = [];

for j = 2:length(ll)

if i <= ll(j)

ll(j)=ll(j)-1;

end

end

else

i = i +1;

end

end

clear v b xx

v(:,1) = ones(length(idw1),1);

v(:,2) = ((idw1’-7000)/100);

v(:,3) = ((idw1’-7000)/100).^2;

v(:,4) = ((idw1’-7000)/100).^3;

v(:,5) = (m’-35);

v(:,6) = ((idw1’-7000)/100).*(m’-35);

v(:,7) = ((idw1’-7000)/100).^2.*(m’-35);

v(:,8) = ((idw1’-7000)/100).^3.*(m’-35);

v(:,9) = (m’-35).^2;

v(:,10) = ((idw1’-7000)/100).*(m’-35).^2;

v(:,11) = ((idw1’-7000)/100).^2.*(m’-35).^2;

v(:,12) = ((idw1’-7000)/100).^3.*(m’-35).^2;

v(:,13) = (m’-35).^3;
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v(:,14) = ((idw1’-7000)/100).*(m’-35).^3;

v(:,15) = ((idw1’-7000)/100).^2.*(m’-35).^3;

v(:,16) = ((idw1’-7000)/100).^3.*(m’-35).^3;

b = v\idl1’;

xx = v*b;

err = std(idl1’-xx)

hist(idl1’-xx,-1.05:0.1:1.05)

x=1:1024;

ww = 4000:1:9000;

for i=n

clear ww

cw = 5464*42/i;

ww = cw-100:1:cw+100;

xxx = b(1)*ones(1,length(ww));

xxx = xxx + b(2)*((ww-7000)/100);

xxx = xxx + b(3)*((ww-7000)/100).^2;

xxx = xxx + b(4)*((ww-7000)/100).^3;

xxx = xxx + b(5)*(i-35);

xxx = xxx + b(6)*((ww-7000)/100)*(i-35);

xxx = xxx + b(7)*((ww-7000)/100).^2*(i-35);

xxx = xxx + b(8)*((ww-7000)/100).^3*(i-35);

xxx = xxx + b(9)*(i-35)^2;

xxx = xxx + b(10)*((ww-7000)/100)*(i-35)^2;

xxx = xxx + b(11)*((ww-7000)/100).^2*(i-35)^2;

xxx = xxx + b(12)*((ww-7000)/100).^3*(i-35)^2;

xxx = xxx + b(13)*(i-35)^3;

xxx = xxx + b(14)*((ww-7000)/100)*(i-35)^3;

xxx = xxx + b(15)*((ww-7000)/100).^2*(i-35)^3;

xxx = xxx + b(16)*((ww-7000)/100).^3*(i-35)^3;

p = polyfit(xxx,ww,3) + [ 0 1.9425e-7 -0.0002 0.03856];

%

% Correction applied above to correct for quadratic residual

%

waves(1024*(n(1)-i)+1:1024*(n(1)-i+1)) = polyval(p,x);

end
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waves2 = waves’;

save waves.asc waves2 -ascii

quit

A.1.13 Wave2NDF

#!/bin/csh -f

#

source /star/etc/cshrc

source /star/etc/login

figaro

convert

ascii2ndf $1 shape=’[1024,16]’ out=twaves

delobj object=$2:r".more.echelle.ech_2dwaves"

copobj source=twaves.data_array object=$2:r".more.echelle.ech_2dwaves"

/bin/rm twaves.sdf
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Appendix B

Reduction techniques, a comparative

analysis

A troubling problem found during this thesis was that the 2-D wavelength solution which

ties together the wavelengths of all the orders onto a single wavelength scale, had a residual

still remaining which affected all the orders. The resulting radial velocities measured for

lines in an individual order were found to be scattered by 2 km s−1 about the mean for the

order. The variation of the radial velocity from the mean was dependent on the position

in the order of the absorption line (see Figures B.1 & B.2). The plots of the mean radial

velocity for the observations do not indicate a problem in the wavelength solution, indeed

the results were an improvement on early analysis (see Figure B.3).

The cause of this residual was traced to the wavelength fitting by the bi-variant polyno-

mial to obtain the 2-D wavelength solution. Examination of the table of line wavelengths

and positions revealed that some lines, particularly saturated lines were listed with in-

teger values while all other lines were quoted to five significant figures. This indicates

that there was a problem in the wavelength identification routine in ECHOMOP. With

the wavelengths of a significant number of lines (∼30% in some cases) the 2-Dimensional

fitting routine could be expected to have problems, even though lines which deviated

significantly from the polynomial fit to the wavelengths should be rejected.

B.1 Echomop - optimal verses profile extraction

Under Echomop there are three options offered for the extraction of the orders from the

echelle spectrum. The extraction of both the object and arc orders proceeds in parallel

to ensure that the same weights were used in both cases. The three methods are; Simple
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Figure B.1: Metallic line radial velocities for β Aqr from Echomop

derived from all the spectra obtained. The plot clearly shows an unacceptable

level of error in the velocities for the lines measured. Closer examination reveals

a quadratic variation in the velocities across the wavelength range of each order.
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Figure B.2: Telluric line radial velocities for β Aqr from Echomop

derived from all the spectra obtained. This plot also reveals the quadratic

variation in the velocities across the wavelength range of each order.
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Figure B.3: Radial velocities for β Aqr from Echomop derived from all

the spectra obtained. (a) shows the mean radial velocities found. (b) shows the

distribution in the Telluric line radial velocities. (c) and (d) show the corrected

velocities indicating that the correct mean velocities are well determined.

extraction which weights all object pixels equally and is much less computationally

demanding than the other methods. The order intensity is calculated by summing all the

object pixels in each column for each order.

Profile weighted extraction weights each pixel by a factor P (i, j)2 where P (i, j) is

the calculated normalised profile at spatial offset j (subsampled) from the trace centre

and i is the column number.

Optimally weighted (or Variance weighted) extraction weights each pixel by the

product of the calculated profile P (i, j) and an estimate of the uncertainty of the pixel

intensity. This estimate is based on the calculated variance following the scheme described

by Horne in Optimal Extraction Algorithm for CCD spectroscopy (PASP 86), modified to

cope with profile subsampling associated with sloping and/or distorted orders.

∑
iW

2
i Vi +

∑
ijWiWjVij

(
∑

iWiFi)2
(B.1)

where:

Wi is the weight on pixel i,

Vi is the variance on the value of pixel i,

Vij is the covariance of the skyfit between pixels i and j,
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Fi is the normalised profile at pixel i.

This reduces to solving:

AijWj = Fi (B.2)

where:

Aij = Vij for i 6= j, and (B.3)

Aii = Vi + Vij. (B.4)

To test the origin of the problem and possible solutions, the reduction procedure was

changed to use profile extraction of the spectrum and wavelengths, as well as the default

optimal extraction method. All the observations of β Aqr were used to test the procedure,

since being a standard star the radial velocities should be identical. The observations

having been collected over a period of more than 2 years should not have any other biasing

affects that might occur from a single observing run. The profile extraction method was

able to measure the wavelengths of the strong and most saturated lines to 5 significant

figure precision giving an apparent improvement in the wavelength scale. However the

signal was noisier than that obtained using the optimum method.
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Figure B.4: Metallic line velocities for β Aqr with wavelength scale

fitted by 4th order polynomial which improves the wavelength scale in

each order, however a linear relation still remains in each order.

Figures B.4 & B.5 show the radial velocities for the metallic and telluric lines respec-

tively, using optimal extraction with the order of the polynomial used increased to 4th

order to fit the wavelengths. The variation in radial velocity measured for the individual
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Figure B.5: Telluric line velocities for β Aqr using optimal extraction

with wavelength scale fitted by 4th order polynomial which improves

the wavelength scale in each order, however a linear relation still remains in

each order.
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Figure B.6: Radial velocities for β Aqr using optimal extraction with

wavelength scale fitted by 4th order polynomial which shows a marked

improvement on the original Echomop output.

lines has been reduced substantially for the observations and a tighter velocity distribution

can be seen in Figure B.6.
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Figure B.7: Metallic line velocities for β Aqr using profile extraction

with wavelength scale fitted by 4th order polynomial which improves

the wavelength scale in each order, however the first three orders between

5400–5700Å show additional errors resulting from the extraction process.
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Figure B.8: Telluric line velocities for β Aqr using profile extraction

with wavelength scale fitted by 4th order polynomial which improves

the wavelength scale, however there larger errors in the velocities compared to

those obtained using the optimal extraction.
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Figure B.9: Radial velocities for β Aqr using profile extraction with

wavelength scale fitted by 4th order polynomial which shows an im-

provement on the original Echomop output.

Figures B.7 & B.8 show the radial velocities for the metallic and telluric lines respec-

tively, using profile extraction with the order of the polynomial increased to 4th order

to fit the wavelengths. The radial velocities of the measured lines have been reduced

substantially from those initially used over all the observations and a tight velocity dis-

tribution can be seen in Figure B.9. It should be noted that the velocity variation in

the orders near 5500Å show greater scatter than expected. The increased noise of the

spectra relative to the spectra extracted using the optimal method has affected the radial

velocities.

For both the optimal and profile extracted wavelengths the radial velocities of the

various lines measured were still observed to have a near linear residual in each order,

the variation was just over 1 km s−1 for each order. This was not satisfactory so another

method to improve the wavelength fitting was explored.
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B.2 Optimal and profile extraction with quadratic fit
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Figure B.10: Metallic line velocities for β Aqr using optimal extrac-

tion with the wavelength scale fitted by an additional quadratic cor-

rection to the standard 2-D fitting routine. The scatter in each order appears

random.

With the increase in the order of the polynomial used to fit the wavelengths proving to

provide only a minor improvement in the radial velocities measured, the original solution

was examined. It was found that each order varied nearly uniformly in radial velocity

with respect to the pixel number. This variation in the radial velocities of each order was

then fitted by a quadratic and the coefficients of the quadratics had very similar values.

A mean quadratic was determined which fitted well all the orders for all the spectra. A

quadratic correction was then calculated to be added to the fitted mean quadratic to

yield a constant velocity. The coefficients of this quadratic correction can be seen in the

2dwave fitting program A.1.12 near the end of the program. The quadratic correction

was applied to the cubic fit made to the wavelengths of each order to produce the radial

velocities that can be seen in Figures B.10 – B.15.

The radial velocities measured for these revised wavelength solutions were the best

obtained and each lines radial velocity varies by less than 1 km s−1. Though the residual

in the telluric lines do show some variation which could be further removed, the results

were deemed satisfactory for this analysis. The results of the radial velocities measured for

β Aqr can be seen in Figure B.12 which has the tightest distribution for the observations.
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Figure B.11: Telluric line velocities for β Aqr using optimal extrac-

tion with the wavelength scale fitted by an additional quadratic cor-

rection to the standard 2-D fitting routine. A small residual is still apparent

in some orders.
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Figure B.12: Radial velocities for β Aqr using optimal extraction with

the wavelength scale fitted by an additional quadratic correction to

the standard 2-D fitting routine. The velocities show a marked improvement

over the other methods.
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Figure B.13: Metallic line velocities for β Aqr using profile extrac-

tion with the wavelength scale fitted by an additional quadratic cor-

rection to the standard 2-D fitting routine. The first three orders between

5400–5700Å show larger than expected errors resulting from the extraction

process.

The use of profile extraction while measuring the wavelengths of the thorium emission

lines was more precise the radial velocities were less well determined than that found using

optimal extraction. Once again the orders near 5500Å show greater variation in radial

velocity than expected. The reason for this remains unclear, however the orders are

closer together and the profile extraction method may not work well with changing order

spacing (see Figure B.13). The resulting radial velocities measured still show improvement

in those previously measured in Section B.1 and do show that the quadratic correction

applied was robust.
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Figure B.14: Telluric line velocities for β Aqr using profile extraction

with the wavelength scale fitted by an additional quadratic correction

to the standard 2-D fitting routine. A small residual is still apparent in some

orders and the velocities of some lines show larger errors than found using the

optimal extraction.
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Figure B.15: Radial velocities for β Aqr using profile extraction with

the wavelength scale fitted by an additional quadratic correction to

the standard 2-D fitting routine.
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Appendix C

Radial velocity data

Presented here are the radial velocities from MJUO observations of the Cepheids studied.

All the radial velocities are the mean metallic velocities which have been telluric line

corrected.

Table C.1: Cepheid Periods

Cepheid JDmax Period

TT Aql 2437236.10 13.7546

l Car 2435619.7 35.5412

Y Car 2441041.39 3.639760

YZ Car 2443953.850 18.165573

AX Cir 2438199.325 5.27342

BP Cir 2444297.03 2.39819

β Dor 2435206.44 9.8420

T Mon 2443783.063 27.024649

S Mus 2440299.163 9.659875

Y Oph 2444066.487 17.126780

X Pup 2435188.76 25.9610

V636 Sco 2434906.47 6.7968

V350 Sgr 2435317.170 5.154178

W Sgr 2443367.177 7.595080

X Sgr 2435643.31 7.0123

SW Vel 2434521.4 23.4744
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Table C.2: Radial velocities for TT Aql

Julian Date φpul Vtot

2400000+ km s−1

50684.9520 0.7712 31.39

50713.8671 0.8734 13.05

50950.1987 0.0554 −8.98

50977.1413 0.0142 −3.52

51013.0641 0.6259 21.79

51038.9959 0.5113 11.68

51053.0446 0.5326 13.18

51053.9749 0.6003 19.47

51057.9792 0.8914 9.91

51067.9815 0.6186 21.11

51068.9561 0.6894 27.53

51364.1003 0.1473 −23.14

51388.0684 0.8899 −6.02

51388.1178 0.8934 9.26

51389.0121 0.9585 5.00

51391.0288 0.1051 −22.43

51392.0377 0.1784 −20.99

Table C.3: Radial velocities for l Car

Julian Date φpul Vtot

2400000+ km s−1

50683.1543 0.8308 19.15

50683.8039 0.8491 19.24

50684.1304 0.8582 18.48

50684.8105 0.8774 16.80

50765.9554 0.1605 −12.08

50767.9433 0.2164 −9.03

50827.0015 0.8781 19.26

50855.0780 0.6681 17.35

50886.0014 0.5382 10.39

50908.1479 0.1613 −11.72

50949.0406 0.3118 −3.48

50975.9248 0.0683 −14.17

Table C.3 cont.: Radial velocities for l Car

Julian Date φpul Vtot

2400000+ km s−1

51011.7764 0.0770 −14.21

51013.8062 0.1341 −12.90

51023.7939 0.4151 3.08

51036.8018 0.7811 19.00

51096.0689 0.4487 4.87

51126.0356 0.2918 −4.15

51127.0148 0.3194 −2.48

51127.9351 0.3453 −1.53

51158.0251 0.1919 −9.95

51160.0543 0.2490 −7.22

51162.0565 0.3053 −3.81

51163.0392 0.3330 −4.20

51211.0712 0.6844 17.49

51213.0537 0.7402 19.21

51214.9526 0.7936 19.99

51216.0240 0.8238 20.39

51240.0386 0.4995 7.82

51245.0109 0.6394 15.76

51330.8503 0.0546 −13.97

51364.7922 0.0096 −11.55

51389.7974 0.7131 17.57

51390.8242 0.7420 17.94

Table C.4: Radial velocities for Y Car

Julian Date φpul Vtot

2400000+ km s−1

50684.1693 0.2899 −21.06

50684.8675 0.4817 −10.14

50768.9431 0.5809 −6.44

50827.1350 0.5687 −11.05

50828.0219 0.8124 4.22

50854.1308 0.9857 11.87
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Table C.4 cont.: Radial velocities for Y Car

Julian Date φpul Vtot

2400000+ km s−1

50855.1183 0.2570 −24.24

50855.9322 0.4806 −7.66

50888.0735 0.3112 −24.45

50912.0237 0.8914 −0.47

50912.8673 0.1231 −2.30

50948.1164 0.8076 3.82

50950.0173 0.3299 −17.11

50951.0161 0.6043 1.54

50976.0189 0.4736 −7.62

50977.0187 0.7483 9.07

51012.8116 0.5822 2.14

51037.8555 0.4628 −3.86

51038.8239 0.7289 6.55

51053.8280 0.8512 14.58

51055.8414 0.4043 −5.02

51056.8316 0.6764 1.96

51127.1184 0.9872 −0.15

51128.0945 0.2554 −15.53

51184.1194 0.6479 4.50

51185.9849 0.1604 −11.79

51211.1499 0.0743 −18.08

51211.9915 0.3055 −9.90

51213.1540 0.6249 −6.92

51214.0144 0.8613 4.95

51215.0722 0.1519 −10.91

51216.0521 0.4212 −16.10

51216.9524 0.6685 0.44

51240.1649 0.0460 0.36

51240.9637 0.2654 −27.57

51244.1020 0.1277 −28.82

51262.0064 0.0468 −25.99

51264.0014 0.5949 −7.94

51265.8684 0.1079 −6.30

51309.8910 0.2028 −33.22

51331.9603 0.2662 −27.28

Table C.4 cont.: Radial velocities for Y Car

Julian Date φpul Vtot

2400000+ km s−1

51363.8260 0.0210 −14.45

51364.8855 0.3122 −32.55

51388.8702 0.9018 −6.48

51389.8462 0.1699 −45.15

51390.8617 0.4489 −24.78

Table C.5: Radial velocities for YZ Car

Julian Date φpul Vtot

2400000+ km s−1

50683.8380 0.4804 6.36

50765.9959 0.0031 −10.34

50796.1355 0.6622 8.10

50827.0709 0.3652 −11.02

50854.0597 0.8509 −0.78

50888.0007 0.7193 0.07

50908.1867 0.8305 −0.13

50948.0517 0.0251 −16.08

50975.9593 0.5613 1.26

51126.0927 0.8261 12.62

51127.0567 0.8791 7.59

51128.0326 0.9329 2.32

51158.1220 0.5893 15.82

51160.0902 0.6976 19.75

51162.0906 0.8078 17.06

51163.0732 0.8619 11.63

51184.0473 0.0164 0.36

51188.0996 0.2395 −5.06

51189.1103 0.2952 −1.58

51211.1035 0.5059 14.01

51211.9411 0.5520 17.17

51213.9678 0.6636 23.35

51214.9792 0.7193 24.17

51245.0387 0.3740 6.78

51261.9459 0.3047 2.51
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Table C.5 cont.: Radial velocities for YZ

Car

Julian Date φpul Vtot

2400000+ km s−1

51263.0813 0.3672 6.65

51264.0486 0.4205 10.44

51330.8861 0.0998 −0.93

51364.8263 0.9682 6.35

51387.8519 0.2358 −10.38

Table C.6: Radial velocities for AX Cir

Julian Date φpul Vtot

2400000+ km s−1

50682.933 0.2699 −18.22

50683.992 0.4706 −8.26

50685.158 0.6917 1.32

50716.218 0.5817 −4.39

50856.120 0.1114 −25.40

50912.169 0.7400 1.28

50913.005 0.8985 −22.05

50948.242 0.5804 −5.00

50949.115 0.7460 0.73

50950.154 0.9430 −26.75

50951.167 0.1351 −25.39

50970.209 0.7460 0.55

50973.164 0.3064 −16.91

50974.030 0.4706 −9.37

50976.141 0.8709 −18.13

50977.082 0.0494 −27.98

51011.979 0.6669 −0.54

51013.014 0.8631 −16.66

51023.956 0.9381 −26.86

51024.888 0.1148 −26.06

51037.965 0.5946 −4.20

51038.871 0.7664 0.06

51054.007 0.6367 −2.41

51055.940 0.0033 −28.69

51056.930 0.1911 −22.59

Table C.6 cont.: Radial velocities for AX

Cir

Julian Date φpul Vtot

2400000+ km s−1

51057.847 0.3648 −14.16

51067.937 0.2782 −18.76

51068.880 0.4571 −9.88

51069.879 0.6465 −1.90

51095.849 0.5712 −5.68

51213.115 0.8084 −5.74

51214.168 0.0081 −28.78

51217.089 0.5620 −6.22

51241.107 0.1165 −26.73

51244.213 0.7055 0.35

51262.108 0.0990 −27.37

51310.017 0.1838 −24.03

51311.118 0.3926 −13.82

51332.163 0.3834 −14.22

51360.945 0.8414 −13.55

51364.011 0.4229 −12.82

51387.954 0.9631 −29.33

51391.921 0.7153 −0.71

Table C.7: Radial velocities for BP Cir

Julian Date φpul Vtot

2400000+ km s−1

50648.9840 0.6450 −11.90

50682.8766 0.7776 −13.38

50683.2083 0.9159 −22.80

50683.9448 0.2230 −24.20

50685.1089 0.7084 −10.90

50716.1659 0.6586 −11.38

50769.0487 0.7079 −11.11

50828.1115 0.3378 −20.54

50856.0690 0.9956 −27.85

50912.1206 0.3680 −19.11

50912.9562 0.7164 −12.23
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Table C.7 cont.: Radial velocities for BP

Cir

Julian Date φpul Vtot

2400000+ km s−1

50945.1743 0.1508 −26.69

50948.1844 0.4059 −17.78

50950.1100 0.2089 −24.91

50951.1229 0.6313 −11.90

50976.1064 0.0489 −28.56

50976.9660 0.4073 −17.85

50977.1981 0.5041 −14.85

51011.9352 0.9888 −27.62

51012.8775 0.3818 −18.41

51023.9073 0.9809 −27.17

51024.9463 0.4142 −17.72

51037.9264 0.8267 −16.64

51038.9165 0.2395 −23.75

51053.8855 0.4813 −15.73

51055.9004 0.3214 −20.83

51056.8919 0.7349 −12.39

51057.8939 0.1527 −26.92

51067.8968 0.3237 −21.03

51068.8432 0.7184 −12.24

51069.8359 0.1323 −27.42

51213.0786 0.8618 −19.35

51215.1562 0.7282 −12.45

51217.0544 0.5197 −14.31

51244.1763 0.8290 −17.06

51245.2022 0.2568 −23.55

51262.0771 0.2933 −22.08

51309.9688 0.2632 −23.55

51311.0698 0.7223 −12.78

51332.1224 0.5008 −15.50

51360.9096 0.5046 −15.59

51363.9700 0.7807 −15.06

51365.0261 0.2211 −25.51

51387.9890 0.7962 −16.07

51389.0772 0.2499 −24.59

Table C.8: Radial velocities for β Dor

Julian Date φpul Vtot

2400000+ km s−1

50683.2604 0.5280 19.53

50685.2028 0.7253 26.68

50712.1015 0.4584 12.67

50716.0507 0.8597 6.22

50765.4111 0.8749 10.80

50765.9356 0.9282 2.21

50767.9310 0.1310 1.35

50794.1164 0.7916 16.27

50794.9344 0.8747 4.93

50825.9695 0.0280 2.75

50853.9506 0.8710 5.28

50855.8928 0.0684 2.53

50911.9047 0.7595 22.20

50972.8454 0.9514 −0.08

51053.2121 0.1171 2.16

51068.1237 0.6322 27.14

51069.0786 0.7292 27.23

51070.0779 0.8307 10.44

51095.0239 0.3654 4.26

51096.0053 0.4651 13.76

51123.9493 0.3043 −0.94

51124.9478 0.4058 8.06

51125.1476 0.4261 9.88

51125.9345 0.5060 17.56

51126.9179 0.6060 25.66

51127.9051 0.7063 28.49

51156.9102 0.6533 28.11

51157.9396 0.7579 23.19

51161.9827 0.1687 −1.83

51210.9042 0.1394 0.93

51211.9124 0.2419 −4.62

51215.9297 0.6500 28.14

51240.9190 0.1891 −4.17

51262.8661 0.4190 8.74
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Table C.8 cont.: Radial velocities for β Dor

Julian Date φpul Vtot

2400000+ km s−1

51263.8614 0.5202 18.36

51364.2366 0.7188 27.61

51391.2540 0.4639 12.84

Table C.9: Radial velocities for T Mon

Julian Date φpul Vtot

2400000+ km s−1

50766.1597 0.3973 17.03

50795.0296 0.4656 21.36

50826.0075 0.6119 33.29

50853.9890 0.6473 36.23

50887.8716 0.9010 40.77

50911.8519 0.7884 43.56

51053.2377 0.0201 12.80

51069.2180 0.6115 32.43

51070.2231 0.6487 35.49

51095.1114 0.5696 29.03

51096.1422 0.6077 31.61

51124.0791 0.6415 34.49

51125.0990 0.6792 37.80

51126.1545 0.7183 40.82

51128.1506 0.7922 44.24

51157.0803 0.8627 43.56

51161.0990 0.0114 21.49

51163.0015 0.0818 −0.93

51183.9827 0.8581 42.66

51186.9329 0.9673 42.72

51187.9314 0.0042 28.19

51188.9356 0.0414 5.92

51210.9270 0.8552 42.32

51212.9152 0.9287 41.55

51214.9149 0.0027 28.75

51240.8759 0.9634 41.64

51244.8837 0.1117 −1.98

Table C.9 cont.: Radial velocities for T

Mon

Julian Date φpul Vtot

2400000+ km s−1

51261.8826 0.7407 42.16

51262.8832 0.7777 43.70

51263.8801 0.8146 43.75

Table C.10: Radial velocities for S Mus

Julian Date φpul Vtot

2400000+ km s−1

50682.8317 0.9279 −8.29

50683.8846 0.0368 −13.60

50716.1026 0.3721 −3.95

50766.0943 0.5472 15.31

50768.9879 0.8468 20.01

50826.1555 0.7649 31.45

50855.1686 0.7683 31.18

50855.9811 0.8525 22.47

50888.2165 0.1895 2.98

50908.2476 0.2631 2.17

50912.0740 0.6593 21.45

50945.1280 0.0810 −7.71

50949.0754 0.4897 1.16

50969.9880 0.6546 11.78

51011.8864 0.9919 −20.30

51023.8407 0.2295 −16.94

51036.8292 0.5740 −5.83

51067.8420 0.7845 1.32

51163.1200 0.6478 5.99

51186.9808 0.1179 −11.18

51210.1647 0.5179 3.89

51212.1141 0.7197 19.63

51214.1027 0.9255 −2.76

51216.9973 0.2252 −2.56

51244.1379 0.0348 −3.98

51244.9371 0.1176 −1.23

51262.0414 0.8882 9.99
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Table C.10 cont.: Radial velocities for S

Mus

Julian Date φpul Vtot

2400000+ km s−1

51263.1220 0.0001 −1.83

51264.1024 0.1016 0.39

51309.8423 0.8366 24.43

51311.0200 0.9585 3.56

51360.8410 0.1161 3.95

51363.8778 0.4304 7.40

51364.9816 0.5447 16.87

51387.9132 0.9286 3.72

51389.9345 0.1278 1.75

51390.9529 0.2333 4.10

51391.8648 0.3277 2.45

Table C.11: Radial velocities for Y Oph

Julian Date φpul Vtot

2400000+ km s−1

50684.0341 0.3859 −5.17

50711.8623 0.0108 −13.13

50949.1752 0.8670 −7.29

50974.0694 0.3206 −8.14

50976.1624 0.4428 −2.47

51024.0105 0.2365 −12.24

51038.0065 0.0537 −14.86

51038.9604 0.1094 −15.53

51053.9286 0.9834 −12.90

51055.9837 0.1034 −15.60

51057.9450 0.2179 −12.79

51058.9676 0.2776 −10.11

51068.9104 0.8581 −7.34

51069.9159 0.9168 −10.10

51095.8777 0.4327 −2.94

51262.2165 0.1449 −15.03

51264.1696 0.2590 −10.98

Table C.11 cont.: Radial velocities for Y

Oph

Julian Date φpul Vtot

2400000+ km s−1

51310.1318 0.9426 −11.34

51311.1935 0.0046 −13.82

51332.2052 0.2314 −12.34

51361.0614 0.9163 −10.05

51364.0535 0.0910 −15.46

51388.0331 0.4911 −0.66

51388.9713 0.5459 0.97

51390.9932 0.6639 1.39

51391.9956 0.7225 −0.51

Table C.12: Radial velocities for X Pup

Julian Date φpul Vtot

2400000+ km s−1

50794.9783 0.1409 40.11

50826.1035 0.3398 54.02

50854.9340 0.4503 63.89

50911.9435 0.6463 80.88

51068.1681 0.6640 82.37

51069.1656 0.7024 85.70

51070.1711 0.7411 89.62

51095.1839 0.7046 85.67

51124.0169 0.8152 95.39

51125.0489 0.8550 98.19

51157.1257 0.0905 52.19

51158.0654 0.1267 41.61

51160.0188 0.2020 41.87

51161.9447 0.2762 48.16

51182.9880 0.0867 54.67

51187.9809 0.2791 48.13

51188.9771 0.3174 51.81

51210.9666 0.1645 40.44

51212.9561 0.2411 44.56

51213.9225 0.2783 48.29
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Table C.12 cont.: Radial velocities for X

Pup

Julian Date φpul Vtot

2400000+ km s−1

51239.9010 0.2790 48.41

51262.9534 0.1670 40.14

51263.9464 0.2052 41.97

Table C.13: Radial velocities for V350 Sgr

Julian Date φpul Vtot

2400000+ km s−1

50683.1021 0.2576 14.65

50685.0032 0.6264 34.81

50712.0389 0.8718 34.90

50716.0114 0.6425 35.35

50913.1252 0.8860 27.20

50951.2566 0.2842 11.49

50976.1973 0.1231 3.00

50977.1652 0.3109 12.23

51069.0292 0.1341 1.23

51070.0281 0.3279 11.02

51094.9630 0.1657 1.96

51124.8958 0.9732 0.40

51125.8917 0.1664 1.10

51264.2016 0.0009 −4.80

51310.1795 0.9215 7.06

51364.1482 0.3923 7.79

51391.1383 0.6289 19.09

Table C.14: Radial velocities for W Sgr

Julian Date φpul Vtot

2400000+ km s−1

50649.0250 0.7586 −5.11

50683.0670 0.2407 −33.69

50712.0045 0.0507 −41.51

50715.9685 0.5726 −18.11

50912.2330 0.4136 −31.49

50913.0958 0.5272 −23.27

50950.2719 0.4220 −31.19

50970.1739 0.0424 −42.92

51014.0690 0.8218 −16.47

51038.0371 0.9775 −44.60

51039.0327 0.1086 −39.86

51053.0210 0.9504 −44.47

51056.0124 0.3442 −30.29

51057.0164 0.4764 −28.07

51058.0201 0.6086 −15.27

51068.0397 0.9278 −42.88

51069.0043 0.0548 −42.34

51069.9997 0.1859 −37.06

51094.9854 0.4756 −28.37

51124.8733 0.4107 −31.42

51262.1947 0.4911 −26.46

51264.1866 0.7533 −5.71

51310.1557 0.8058 −11.09

51311.2309 0.9474 −43.32

51332.2777 0.7185 −5.41

51361.0352 0.5048 −24.49

51364.1245 0.9116 −39.83

51389.0493 0.1933 −35.61

51391.1134 0.4650 −27.58

51392.1038 0.5954 −15.62
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Table C.15: Radial velocities for X Sgr

Julian Date φpul Vtot

2400000+ km s−1

50648.0021 0.7676 −1.59

50648.9486 0.9025 5.46

50682.0215 0.6190 −11.55

50683.0447 0.7649 −2.83

50684.0659 0.9105 5.94

50685.0621 0.0526 −20.82

50711.9198 0.8826 6.59

50715.9461 0.4568 −20.24

50912.2015 0.4441 −16.80

50913.0836 0.5699 −13.91

50948.2906 0.5907 −9.51

50950.2610 0.8717 3.24

50951.2235 0.0089 −7.68

50970.1446 0.7072 −4.51

50972.2087 0.0016 −6.80

50973.1815 0.1403 −28.52

50976.1744 0.5671 −14.57

50977.1156 0.7013 −8.00

51012.0094 0.6774 −9.66

51013.0779 0.8298 0.53

51014.0371 0.9666 0.66

51023.9812 0.3847 −19.56

51038.0280 0.3878 −17.52

51039.0233 0.5298 −16.84

51053.0096 0.5243 −16.04

51056.0030 0.9512 2.19

51057.0063 0.0942 −29.33

51058.0103 0.2374 −27.14

51058.9905 0.3772 −19.47

51068.9939 0.8038 3.32

51069.9855 0.9452 2.11

51095.9026 0.6411 −9.21

51262.1625 0.3509 −26.88

51264.1475 0.6339 −7.38

51310.1033 0.1875 −27.34

Table C.15 cont.: Radial velocities for X

Sgr

Julian Date φpul Vtot

2400000+ km s−1

51311.2193 0.3467 −25.54

51332.2670 0.3482 −23.26

51361.0212 0.4488 −21.27

51364.0772 0.8846 7.67

51389.0374 0.4441 −16.71

51391.0601 0.7325 −4.48

51391.9660 0.8617 1.80

Table C.16: Radial velocities for V636 Sco

Julian Date φpul Vtot

2400000+ km s−1

50682.9839 0.1679 4.82

50684.0970 0.3317 11.54

50711.9488 0.4294 14.46

50713.9069 0.7175 30.13

50715.8897 0.0093 4.10

50856.1825 0.6503 19.72

50913.0587 0.0184 −3.35

50948.2720 0.1992 −4.07

50950.2449 0.4895 6.87

50951.2022 0.6303 14.62

50977.1069 0.4416 5.02

51012.0720 0.5860 9.42

51056.9708 0.1919 −7.25

51069.9604 0.1030 −9.71

51262.1407 0.4293 −3.32

51264.1309 0.6709 10.70

51310.0660 0.4293 −1.50

51311.1582 0.5899 4.62

51332.2413 0.6919 12.57

51391.0844 0.3493 −2.93

51392.0736 0.4949 1.34
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Table C.17: Radial velocities for SW Vel

Julian Date φpul Vtot

2400000+ km s−1

50795.9840 0.2907 3.90

50826.9642 0.6105 32.90

50855.0015 0.8049 50.31

50885.9306 0.1224 −8.00

50908.1114 0.0673 −1.16

51011.8136 0.4850 23.17

51096.0976 0.0755 −6.61

51124.1330 0.2697 5.07

51124.9886 0.3062 8.05

51125.9992 0.3492 12.18

51126.9734 0.3908 15.50

51127.9736 0.4334 19.51

51156.9545 0.6679 40.81

51157.9861 0.7119 45.35

51162.0237 0.8839 46.89

51162.9346 0.9227 45.32

51183.1264 0.7828 51.40

51188.0404 0.9922 37.32

51189.0355 0.0346 0.90

51211.0183 0.9710 44.63

51213.0024 0.0555 −4.80

51215.9820 0.1825 −1.28

51239.9486 0.2034 0.09

51263.0005 0.1854 −1.54


